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Introduction
Meteoritics is the science that studies extraterrestrial matter. Meteori-
tics relies on the unique possibility of analysing extraterrestrial matter in
laboratories: the most precise analytical techniques and the most recent
technologies can be exploited to extract information from extraterrestrial
samples, from macroscopic rocks as well as from tiny dust grains. The ulti-
mate goal of meteoritics is the understanding of the origin of the solar system
and its evolution. To realize this goal it is essential to connect information
obtained from laboratory analyses with those obtained from astronomical
observations. This allows to unveil the origin and the evolution not only of
the solar system, but, more generally, of any planetary system.
The necessary starting point for meteoritics is the availability of extrater-
restrial samples. The first samples to be studied were macroscopic rocks,
found on Earth or observed to fall and then recovered. In the late 1960s and
in the 1970s, space missions to the Moon added lunar rocks to collections
of extraterrestrial samples. Always in the 1970s, extraterrestrial material
collections were extended toward samples of smaller dimensions: efficient
collection of micrometer-sized particles in the stratosphere began the study
of what today are called interplanetary dust particles (IDPs). More recently,
samples that fill the gap between micrometer-sized IDPs and macroscopic
meteorites have begun to be studied. These samples are micrometeorites.
They have been recovered from different places: deep sea sediments, sedi-
mentary rocks, Greenland ice-caps and Antarctica (Engrand and Maurette,
1998; Taylor and Lever, 2001).
Micrometeorites are extraterrestrial samples with size ranging from a
few µm to ∼1 mm. The great abundance of micrometeorites recovered
from Antarctica in the last years allowed an extended and in-depth study of
their composition, petrography and mineralogy. An open issue concerning
micrometeorites is that of their origin. Several arguments have been pre-
sented to support both the hypothesis that micrometeorites originate from
asteroids and the hypothesis that they come from comets. Certainly, they
are fragments of asteroids and comets, produced by means of collisions and
fragmentation, or by the passage of comets in the inner solar system. In-
deed, in the inner solar system micrometeorites constitute a very abundant
population.
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6The so-called zodiacal cloud, a disk composed by bodies ranging from
sub-micrometer-sized dust grains to cm-sized meteoroids, is largely domi-
nated by objects that have the dimensions of micrometeorites, and that are
called micrometeoroids (by definition, a meteorite is a rock that reached the
Earth; when it is floating in interplanetary space, it is called meteoroid).
Such an abundance of micrometeoroids is attested by several studies. Phe-
nomenological models for size and spatial distribution of zodiacal cloud par-
ticles have shown that ∼80% of the zodiacal light is due to particles in the
size range 10 – 100 µm (∼ 10−8 − 10−5 g) (Gru¨n et al., 1985). Results of a
recent dynamical model confirm that particles with size = 100 µm are the
most abundant in the zodiacal cloud (Nesvorny´ et al., 2010). At 1 AU, direct
measurements from satellite [performed by the Long Duration Exposure Fa-
cility (Love and Brownlee, 1993)] and models based on lunar cratering and
measurements of the Pioneer spacecrafts (Gru¨n et al., 1985) showed that
the mass distribution is dominated by particles with dimensions of about
200 µm.
However, such an abundance of micrometeoroids does not guarantee an
easy access to these extraterrestrial samples. Several space missions have
studied micrometeoroids in situ (Gru¨n et al., 2001). But space missions
specifically aimed at collecting and bringing back to Earth micrometeoroids
from interplanetary space have never been realized. At the same time, every
micrometeorite recovered on Earth has inevitably suffered the consequences
of its passage through the Earth atmosphere. But there is another possibility
to study these small extraterrestrial bodies: they can be found embedded in
larger meteorites.
It is not rare to find in meteorites inclusions that have characteristics
different from those of the host meteorite. The differences in properties
like composition, petrography and mineralogy, suggest that these inclusions
and their host meteorites have different origins. Such inclusions are called
xenoliths. Xenoliths are easily individuated in meteorites when they have
dimensions larger then a few mm. Finding out xenolithic inclusions corre-
sponding to micrometeorites and micrometeoroids (i.e. with sub-millimetric
size) requires a little more dedication. But microxenoliths are not so rare.
The exact mechanisms by which micrometeoroids are embedded in me-
teorite parent bodies and become microxenoliths are not known. However,
both microxenoliths and xenoliths are observed that do not show altera-
tions due to high-speed, violent impacts. This attests that it is possible,
from our laboratories on Earth, to have access to unaltered interplanetary
micrometeoroids.
But microxenoliths are more than interplanetary analogues of microme-
teorites recovered on the Earth. Microxenoliths and micrometeorites sam-
ple the same flux of solar system fragments. However, microxenoliths are
samples of more ancient times. On the one hand, this is because micromete-
orites, once fallen on the Earth, suffer the effects of the terrestrial geological
7activity. The oldest terrestrial ages for meteorites are on the order of 3
Myr (Jull, 2001). On the other hand, several observations, discussed also
in chapter 1 of this thesis, suggest that microxenoliths have probably been
embedded when the host meteorites were still part of their parent bodies.
This means that their embedding happened hundreds of million years ago.
In addition, as parent bodies of meteorites are solar system minor bodies
(such as asteroids and comets) that undergo limited geological activity, mi-
croxenoliths had the possibility of residing in their host meteorites for very
long time.
Therefore microxenoliths represent a unique possibility to study ancient
micrometeorites. In particular, carbonaceous xenoliths and microxenoliths
probably formed in the very first epochs of the solar system evolution, as
they are fragments of the same material that constitute carbonaceous chon-
drites, unanimously considered among the most primordial bodies in the
solar system1.
This thesis is focused on such samples. The global aim of this work is
to exploit the possibility to access these precious extraterrestrial samples to
obtain new information about the solar system.
First of all, as microxenoliths are ancient micrometeorites, they allow
the study of past epochs of the solar system history, not accessible from
micrometeorites recovered on the Earth. This is because microxenoliths are
samples of the micrometeoroid flux in very ancient epochs. Therefore, by
studying microxenoliths it is possible to estimate if such a flux has always
been dominated by carbonaceous chondritic material, as it appears today
(Kurat et al., 1994; Engrand and Maurette, 1998; Meibom and Clark, 1999).
This has important consequences also for the evolution of the early
Earth. Indeed carbonaceous chondritic material is rich in volatile elements
(such as water) and in organic matter (even amino acids and sugars have
been detected in carbonaceous chondrites, see Pizzarello et al. (2006) for a
review). Therefore, small objects like micrometeorites and microxenoliths
may have been essential for the pre-biotic matter they delivered on the early
Earth (Brinton et al., 1998; Clemett et al., 1998; Matrajt et al., 2004).
In addition, microxenoliths help us to better understand the nature of
their parent bodies, i.e. of asteroids and comets. On the one hand, this is
because microxenoliths can be samples of parent bodies not represented by
larger meteorites, and therefore they could give us complementary informa-
tion not only with respect to those deciphered from micrometeorites, but
also with respect to the information obtained from meteorites. On the other
hand, microxenoliths can reveal new insights into the composition of aster-
oids and comets, and into the relations between these two classes of minor
bodies. Structure and composition of asteroids and comets are today in-
1See Appendix A for a brief description of the principal characteristics of carbonaceous
chondrites and of the other meteorites important to this work.
8ferred from meteorites, IDPs and micrometeorites. Only one sample return
mission, Stardust, succeeded in returning cometary samples to Earth. Ba-
sically, microxenoliths represent a “new window” on the solar system minor
bodies, because they expand our collections of extraterrestrial material.
Experimental and numerical works presented here concern different is-
sues related to the solar system origin and evolution that can be studied by
means of micrometeorites and microxenoliths.
A fundamental work developed during the period of this PhD thesis is
the systematic search for new xenoliths and microxenoliths in H chondrites
(chapter 1). Such a research is essential in order to characterize the mi-
croxenolith population in this group of ordinary chondrites. Up to now, a
systematic analysis of xenoliths had been done only for Howardites (Zolen-
sky et al., 1996b; Gounelle et al., 2003). The goal of our work is to determine
the xenolith and microxenolith abundance in H chondrites, to analyze their
mineralogy in comparison with known groups of meteorites, and to search
for possible correlations with physical properties of host meteorites (e.g.
petrologic type, cosmic-ray exposure age...). Such a work allows to under-
stand which type of micrometeoroids were the most abundant in the past
and which could have been their parent bodies, when microxenoliths have
been embedded in their host meteorites and what mechanisms favoured their
embedding and their permanence in the hosts.
In chapter 2 our attention focuses on the possible origin of microxeno-
liths. Namely, the relative contribution of asteroids and comets to the pop-
ulations of microxenoliths have been evaluated by numerical simulations.
The results of these simulations can be compared with microxenolith pop-
ulations observed in H chondrites (chapter 1) and in Howardites (Zolensky
et al., 1996b; Gounelle et al., 2003). Such a direct comparison between ob-
served microxenoliths and modelled relative abundances of asteroidal and
cometary microxenoliths is a key tool to understand not only the possible
origin of these small samples, but also the actual differences between aster-
oidal and cometary samples. Indeed, the attempt to reconcile the observed
microxenoliths with different possible parent bodies gives us new insights
into differences and similarities of asteroids and comets.
In chapter 3 the discovery and the analysis of a primordial microxenolith
in the carbonaceous chondrite Isheyevo is described. In this case, with the
term “primordial”, we refer to a sample that does not show significant effects
of aqueous alteration nor of thermal metamorphism. Such samples are the
best candidate for preserving memories of the processes that led to the
formation of the solar system. The primordial microxenolith found in the
Isheyevo chondrite shed light on the isotopic fractionation of light elements
(in particular H, and N), which is supposed to be the result of processes
that took place in the interstellar medium before the formation of the solar
system, or during the very first epoch of the solar system history.
This same microxenolith, along with four other found in the carbona-
9ceous chondrite Isheyevo, have been analyzed by Raman spectroscopy. Ra-
man spectroscopy is a powerful technique to characterize the macromolecu-
lar organic matter present in extraterrestrial samples. Preliminary analyses
and comparisons with results for organic matter of carbonaceous chondrites
are presented in chapter 4.
Chapter 5 is dedicated to the analysis of the interaction between mi-
crometeoroids and the Earth atmosphere. Numerical simulations have been
performed in order to analyze what happens when these small bodies ap-
proach our planet. The goal is to understand what processes are the most
effective in determining the fate of micrometeoroids. In addition, the same
numerical simulations have been performed for the interaction of microme-
teoroids with modelled early Earth atmospheres. The results contribute to
the understanding of the possible role of a large micrometeoroid flux in the
evolution of the early Earth.
Chapter 1
Xenoliths and microxenoliths
in H chondrites
Summary of Chapter 1
The subject of this chapter is the search and the analysis of xenoliths and
microxenoliths in H chondrites. Xenoliths are meteorites inclusions with a
different origin from that of their host meteorites. Xenoliths with dimensions
between a few µm and ∼1 mm can be considered as “meteorite-trapped”
analogues of micrometeoroids and micrometeorites. They are relatively com-
mon in every group of meteorites, but they are most abundant in Howardites
and H chondrites. A systematic analysis of xenoliths and microxenoliths has
been done only for Howardites. Here we describe a systematic search for new
(micro)xenoliths in H chondrites.
The goal is to determine their abundance in this group of ordinary chon-
drites, to analyze their mineralogy in comparison with known group of me-
teorites, and to search for possible correlations with physical properties of
host meteorites (e.g. petrologic type, cosmic-ray exposure age...).
The starting point is the extensive collection of H chondrite polished
sections of the Muse´um National d’Histoire Naturelle (MNHN) in Paris. A
first survey of the sections is conducted by optical microscopy to individuate
new (micro)xenoliths. The potential new (micro)xenoliths are then imaged
by SEM and analysed by energy dispersive X-ray spectroscopy to establish
if they are really xenoliths. Then electron microprobe analyses are per-
formed in order to investigate their mineralogy. This allows a classification
of the new (micro)xenoliths and their comparison with known meteorites.
Finally possible correlations with physical properties of the host meteorites
are investigated.
Sixty-six sections from forty meteorites have been analyzed. Twenty four
new xenoliths have been discovered. About 87% of them are microxenoliths,
only 3 are > 1 mm in their largest dimension. All the new microxenoliths
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are fine-grained hydrous (FHG), among the larger ones three are coarse-
grained hydrous, two FGH. Among the microxenoliths seven are similar to
CI carbonaceous chondrites, three are similar to CM2 and ten to CR2. The
three xenoliths >1 mm are clearly of CM2 material. The prevalence of car-
bonaceous chondritic material among the new xenoliths and microxenoliths
indicates that this was the most abundant solar system material even in
past epochs. The presence of xenoliths and microxenoliths in H chondrites
with petrologic type 4 and 5 shows that their embedding happened after
the end of the thermal metamorphism. Exposition to impacts of the host
meteorite parent bodies seems to be an essential process for the presence of
(micro)xenoliths: all the new xenoliths and microxenoliths have been found
in brecciated meteorites.
1.1 The role of xenoliths in meteoritics
By definition, a xenolith in a rock is an inclusion which has not the same
origin of the host rock. In the case of meteorites this means that it is possible
to find meteorite chunks of a certain group embedded in larger meteorites
that belong to a different group or class. To make some examples, a piece of
H chondrite embedded in an L chondrite, a piece of enstatite chondrite in a H
chondrite or carbonaceous inclusions in ordinary chondrites. An important
distinction must be made between xenoliths and “cognate clasts”, which are
inclusions related to the host rock (e.g. inclusions with a petrologic type
different from that of the host meteorites but belonging to the same group),
and between xenoliths and “impact melt clasts”, which are fragments that
result from impacts. Indeed most of the time xenoliths are little fragments,
i.e. with dimensions ranging between a few µm and a few cm. In this thesis
we will use the word xenoliths to designate the largest objects, with size
>1 mm, and with microxenoliths we will refer to the smallest of them, with
typical size <1 mm.
Xenoliths have long been recognized as an important subject in meteo-
ritics (see e.g. Wahl 1952). The study of xenoliths allows to shed light on
different issues concerning meteorites and the solar system:
 xenoliths are supposed to come from different parent bodies with re-
spect to the host meteorites; therefore xenoliths can help to understand
the history of relationships between different meteorite parent bodies
(see e.g. Wilkening 1977a);
 xenoliths can be samples of meteorites parent bodies that are not
present in our collections as whole meteorites, e.g. they can be the
only remnant fragments of parent bodies completely destroyed by im-
pacts (the same is true for micrometeorites, see Gounelle et al. 2009);
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 xenoliths could reveal new classes of parent bodies, namely they could
be samples of distant solar system bodies such as comets and Kuiper
Belt objects, for which at present we do not have meteoritic samples
(Campins and Swindle, 1998; Zolensky et al., 2009).
In quest of new xenoliths and microxenoliths, we chose to concentrate
our efforts on H chondrites for two reasons. First, as we will see in the
next section, H chondrites appear to be very rich in carbonaceous xenoliths.
However no systematic search for and characterization of microxenoliths has
been previously performed for this group of meteorites. Second, xenoliths
composed of hydrated material (e.g. phyllosilicates) which show little de-
gree of thermal alteration appear quite common in H chondrites. Several
xenoliths of this type have already been found in H chondrites (Tab. 1.2)
and, as for carbonaceous xenoliths in general, they are more abundant in
H chondrites than in L and LL chondrites (Fig. 1.1B). These are the xeno-
liths that least suffered from shocks during the embedding process in the
host meteorite, and therefore they are the most important samples to study
the nature of ancient micrometeorites. In other words, we are particularly
interested in hydrated/unshocked xenoliths, such as CI-, CR- and CM-like
xenoliths.
Our goal is to answer the following questions:
1. Are carbonaceous chondritic xenoliths really widespread in H chon-
drites?
2. Are there xenoliths related to meteorites other than carbonaceous
chondrites?
3. When were xenoliths embedded in H chondrite parent body?
4. What is the origin of xenoliths in H chondrites? Do they share a
common origin?
5. Are there “exotic” xenoliths clearly different from known meteorite
classes?
The base of this work is necessarily a systematic search for new (mi-
cro)xenoliths and their mineralogical characterization. Then the analysis of
possible relations between the presence and nature of the new xenoliths and
the physical properties of the host meteorites has been conducted. Namely,
the meteorite petrologic type, their cosmic-ray exposure age and their brec-
ciated or non-brecciated nature have been considered.
1.2 Review of carbonaceous xenoliths in meteorites
Xenoliths are present in almost every class of meteorites, and they can
be fragments of several different meteorite groups (Wahl, 1952; Wilkening,
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1977a; Lipschutz et al., 1989; Bischoff et al., 2006). Ordinary chondrite
xenoliths have been observed in ordinary chondrites as well as in Eucrites,
Aubrites, Ureilites. Also enstatite chondrite xenoliths have been observed,
namely in the H chondrites Plainview (H5) and Supuhee (H6) and in CR2
carbonaceous chondrite Kaidun (Ivanov et al., 1984). But the most abun-
dant type of xenoliths are carbonaceous xenoliths (Wilkening, 1977a; Mei-
bom and Clark, 1999; Rubin and Bottke, 2009; Zolensky et al., 1996b;
Gounelle et al., 2003). In Tab. 1.1 is reported a compilation of known
carbonaceous xenoliths.
Table 1.1: meteorites bearing carbonaceous xenoliths.
METEORITE XENOLITHS REFERENCES
H chondrites
Dimmitt (H3.7) carb. xen. Wilkening (1977a)
Goswami et al. (1984)
Holyoke (H4) CM xen. Wilkening (1976)
Wilkening (1977a)
Ipiranga (H6) CM xen. Rubin and Bottke (2009)
Leighton (H5) CM xen. Wilkening (1976)
Wilkening (1977a)
Goswami et al. (1984)
Plainview 1917 (H5) CM xen. Wilkening and Clayton (1974)
Fodor and Keil (1976)
Goswami et al. (1984)
Rubin and Bottke (2009)
Pultusk (H5) carb. xen. Wilkening (1976)
Wilkening (1977a)
Goswami et al. (1984)
Sharps (H3.4) CM xen. Wilkening (1976)
Wilkening (1977a)
Supuhee (H6) C1-2 xen. Leitch and Grossman (1977)
Tysnes Island (H4) carb. xen. Wilkening (1976)
Wilkening (1977a)
Goswami et al. (1984)
Weston (H4) carb. xen. Goswami et al. (1984)
Willard (b) (H3.6) CI xen. Noguchi et al. (2003)
L chondrites
Grassland (L4) carb. xen. Goswami et al. (1984)
Mezo¨-Madaras (L3.7) CM2 xen. van Schmus (1967)
Wilkening (1977a)
Rio Negro (L4) C3 xen. Rubin et al. (1982)
Tennasilm (L4) carb. xen. van Schmus (1967)
LL chondrites
Krymka (LL3.2) carb. xen. Semenenko et al. (2004)
Semenenko et al. (2005)
Bischoff et al. (2006)
mixed ordinary chondrites
continued on next page
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Table 1.1: continued.
METEORITE XENOLITHS REFERENCES
Abbott (H3-6) CM xen. Wilkening (1976)
Wilkening (1977a)
Goswami et al. (1984)
Bremervo¨rde (H/L3.9) carb. xen. van Schmus (1967)
Goswami et al. (1984)
Cynthiana (L/LL4) carb. xen. van Schmus (1967)
Magombedze (H3-5) CM xen. MacPherson et al. (1993)
Tsukuba (H5-6) CI xen. Nakashima et al. (2003)
Noguchi et al. (2003)
Zag (H3-6) carb. xen. Zolensky et al. (2003)
carbonaceous chondrites
ALH 85085 (CH3) C1-2 xen. Greshake et al. (2002)
Allende (CV3) CM xen. Gordon et al. (2009)
Al Rais (CR2 anomal.) CI2 xen. Zolensky et al. (1989)
Efremovka (CV3) CM xen. Krot et al. (1999)
HaH 237 (CBb) C1-2 xen. Greshake et al. (2002)
Kaidun (CR2) CI xen. Ivanov et al. (1984)
Lance´ (CO3.5) CM xen. Wilkening (1977a)
Leoville (CV3) CM xen. Wilkening (1976)
Wilkening (1977a)
Murchison (CM2) C3, CO, CV xen. Fuchs et al. (1973)
Goswami et al. (1984)
Olsen et al. (1988)
QUE 94411 (CBb) C1-2 xen. Greshake et al. (2002)
PAT 91546 (CH) C1-2 xen. Greshake et al. (2002)
Weatherford (CBa) C3 xen. Mason and Nelen (1968)
Aubrites
Pesyanoe carb. xen. Lorenz et al. (2005)
Howardites
Bholgati CI1, CM2 and CR2 xen. Zolensky et al. (1989)
Reid et al. (1990)
Buchanan et al. (1993)
Zolensky et al. (1996b)
EET 87513 CM2 xen. Buchanan et al. (1993)
Erevan CM xen. Nazarov et al. (1993)
Nazarov and Ariskin (1993)
Nazarov et al. (1994)
G’Day CM2 xen. Zolensky et al. (1996b)
Jodzie CM2 and CR2 xen. Bunch et al. (1979)
Goswami et al. (1984)
Zolensky et al. (1996b)
Gounelle et al. (2003)
Kapoeta CM2, CI and CR2 xen. Wilkening (1973)
Goswami et al. (1984)
Brearley and Papike (1993)
Zolensky et al. (1996b)
Gounelle et al. (2003)
continued on next page
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Table 1.1: continued.
METEORITE XENOLITHS REFERENCES
LEW 87015 CM2 xen. Zolensky et al. (1996b)
LEW 85441 CM2 xen. Zolensky et al. (1996b)
Yamato 793497 CR2 xen. Zolensky et al. (1996b)
Gounelle et al. (2003)
Eucrites
LEW 85300 CV3 xen. Zolensky et al. (1992)
Zolensky et al. (1996b)
LEW 87295 CM2 xen. Zolensky et al. (1996b)
NWA 5232 CM xen. Kuehner et al. (2009)
Diogenites
Ellemeet CM2 xen. Mittlefehldt (1994)
Ureilites
DaG 319 CI-like xen. Ikeda et al. (2003)
Nilpena CI xen. Brearley and Prinz (1992)
Yamato 791834 CR xen. Buchanan and Zolensky (2003)
Abbreviations: carb. = carbonaceous; xen. = xenoliths.
Meteorite names: ALH = Allan Hills (Antarctica);
DaG = Dar al Gani (Libya); EET = Elephant Moraine (Antarctica);
HaH = Hammadah al Hamra (Libya); LEW = Lewis Cliff (Antarctica);
NWA = North West Africa; PAT = Patuxent Range (Antarctica);
QUE = Queen Alexandra Range (Antarctica).
Carbonaceous xenoliths are indeed very important, for two reasons. First
they allow the study of primitive solar system material. Chondritic mate-
rial is generally recognized as the pristine building material for solids in the
solar system, for its chemical composition [the composition of CI chondrites
is strikingly similar to the solar composition (Palme and Jones, 2005)] and
for the presence of organic matter supposed to be formed in the interstellar
medium [see e.g. Yang and Epstein (1983) and Alexander et al. (2007)] or
in the protosolar disk, during the first stages of the solar system formation
(Remusat et al., 2006). Second they are the most similar objects to mi-
crometeorites (Gounelle et al., 2003), i.e. to the most abundant material
collected by Earth from space (Love and Brownlee, 1993). However they
sample a more ancient micrometeoroid flux than micrometeorites collected
on Earth and, above all, they did not suffer the alterations produced by the
passage through the atmosphere.
From Tab. 1.1 it is possible to see that the most carbonaceous xenolith-
rich classes among meteorites are ordinary chondrites and the HED clan
(Howardites-Eucrites-Diogenites, which are breccias usually assumed to orig-
inate from the asteroid 4 Vesta). Among ordinary chondrites, H chondrites
are the group in which more carbonaceous xenoliths have been found (Fig.
1.1A). However, descriptions of more than 2 or 3 xenoliths in the same
meteorite are rare.
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Figure 1.1: Distribution of carbona-
ceous xenoliths in ordinary chondrites as
function of petrologic type (data from
literature, references are given in Tab.
1.1). A: distribution of carbonaceous
xenoliths. B: distribution of hydrated
and unshocked (i.e. C1- and C2-like)
xenoliths.
In contrast Howardites are very rich in carbonaceous xenoliths: consider-
ing only 7 meteorites (Kapoeta, Bholgati, Jodzie, G’Day, LEW 87015, LEW
85441 and Yamato 793497) Zolensky et al. (1996b) reported 72 xenoliths.
Most important, Howardites are also rich in xenoliths of size < 1 mm, i.e.
in microxenoliths. Gounelle et al. (2003) described 61 microxenoliths found
in Kapoeta, Jodzie and Yamato 793497. But millimeter-sized carbonaceous
xenoliths appear to be different from the smaller microxenoliths found in the
same meteorites. Among millimeter-sized carbonaceous xenoliths, most are
composed of CM2 material (Zolensky et al., 1996b), with a CR2 xenoliths
to CM2 xenoliths ratio of 0.18. In contrast, among microxenoliths, CM2
and CR2 microxenoliths have been observed in almost the same quantities,
with CR2/CM2 = 1.1 (Gounelle et al., 2003). This suggests that carbona-
ceous microxenoliths are not fragments of larger objects, as millimeter-sized
xenoliths are, but real fossil micrometeorites.
For all these reasons we decided to perform a systematic search of new
xenoliths paying particular attention to microxenoliths similar to carbona-
ceous chondrites. In fact, sizes between a few µm and 1 mm and structural
and compositional properties similar to those of carbonaceous chondrites
suggest relations with micrometeorites recovered on Earth. Therefore such
microxenoliths are the best samples to investigate the nature of ancient mi-
crometeorites. This does not mean that we ignored larger xenoliths when
we found them, nor possible xenoliths different from carbonaceous chon-
drites. In the rest of this chapter, for the sake of simplicity, xenoliths and
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microxenoliths similar to carbonaceous chondrites will be referred to as “car-
bonaceous chondritic xenoliths” or “carbonaceous xenoliths”. We point out
here that this is a somewhat improper language: indeed we did not perform
any measurement of the carbon content of the new found xenoliths. The
term “carbonaceous xenoliths” reflects only the fact that the main proper-
ties of such xenoliths make them similar to known groups of carbonaceous
chondrites.
Table 1.2: hydrated and unshocked xenoliths in ordinary chondrites.
H chondrites
Holyoke (H4) CM xen. Wilkening (1976)
Wilkening (1977a)
Ipiranga (H6) 1 hydrated unshocked CM xen. Rubin and Bottke (2009)
Plainview 1917 (H5) hydrated C2 xen. Wilkening and Clayton (1974)
Fodor and Keil (1976)
Goswami et al. (1984)
Rubin and Bottke (2009)
Sharps (H3.4) CM xen. Wilkening (1976)
Wilkening (1977a)
Supuhee (H6) 1 C1-2 hydrated xen. Leitch and Grossman (1977)
Tysnes Island (H4) hydrated unshocked CM xen. Wilkening (1976)
Wilkening (1977a)
Goswami et al. (1984)
Willard (b) (H3.6) phyllosilicate rich CI xen. Noguchi et al. (2003)
L chondrites
Mezo¨-Madaras (L3.7) CM2 xen. van Schmus (1967)
Wilkening (1977a)
Tennasilm (L4) CM2 xen. van Schmus (1967)
LL chondrites
Krymka (LL3.2) CI xen. Girich and Semenenko (2001)
mixed ordinary chondrites
Abbott (H3-6) hydrated unshocked CM xen. Wilkening (1976)
Wilkening (1977a)
Goswami et al. (1984)
Rubin and Bottke (2009)
Bremervo¨rde (H/L3.9) CM2 xen. van Schmus (1967)
Goswami et al. (1984)
Cynthiana (L/LL4) CM2 xen. van Schmus (1967)
Magombedze (H3-5) 1 CM xen. MacPherson et al. (1993)
Tsukuba (H5-6) phyllosilicate rich CI xen. Nakashima et al. (2003)
Noguchi et al. (2003)
Zag (H3-6) 1 CI1 xen. Zolensky et al. (2003)
Abbreviations: xen. = xenoliths.
Known carbonaceous xenoliths in ordinary chondrites (Tab. 1.2) have
been classified on the basis of their mineralogical, structural and composi-
tional similarities with known groups of carbonaceous chondrites. Therefore
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carbonaceous xenoliths are generally referred to as CI-like, CR-like or CM-
like (xenoliths similar to other group of carbonaceous chondrites are rare).
Here is a brief description of the principal characteristics for each of these
groups.
CI-like xenoliths. They consist of a fine-grained phyllosilicate-rich ma-
trix, which is a mixture of saponite and serpentine with small grains (100 -
200 nm) of magnetite and sulfides plus minor minerals (ferrhydrite, chromite,
olivine and low-Ca pyroxene). Set in the matrix are larger grains of mag-
netite and sulfides, with size ranging from 1 to ∼30 µm. Magnetite is gen-
erally abundant, and it is present as plaquettes, spherules or framboidal
grains. Pyrrhotite is the most abundant sulfide, while pentlandite and sul-
fides with intermediate composition between pyrrhotite and pentlandite are
rare. Fe-Ni metal grains are present, while no carbonates are observed in
these xenoliths (Nakashima et al., 2003; Gounelle et al., 2003). An example
of CI-like xenolith is showed in Fig. 1.2 (after Nakashima et al. 2003).
Figure 1.2: BSE image of a CI-like xeno-
lith in the Tsukuba H5-6 chondrite, after
Nakashima et al. (2003)
CR-like xenoliths. Xenoliths of this type have not been identified in or-
dinary chondrites up to now, while they have been observed in Howardites.
Their fine-grained phyllosilicate-rich matrix is composed mainly of saponite
and serpentine, with minor pyrrhotite, pentlandite and magnetite grains.
Magnetite is abundant and present in different forms, as for CI-like xeno-
liths. Olivine and pyroxene grains are abundant. Olivine is mainly Mg-rich
(typically Fo>90). Pyroxene is both Ca-rich (augite and hedenbergite) and
Ca-poor (typically Mg-rich pyroxene, with En>90). Carbonates are com-
mon, they are principally Ca-carbonates and are frequently associated with
magnetite. Among Fe-Ni sulfides, pyrrhotite and pentlandite are common.
Fe-Ni metal grains are not observed in these xenoliths. Fig. 1.3 shows a
CR-like xenolith, after Gounelle et al. (2003).
CM-like xenoliths. Once again the fine-grained matrix is dominated by
serpentine and saponite, with the presence of tochilinite, often interstratified
with serpentine. Matrix hosts olivine grains that are mainly Mg-rich (Fo99
is the dominant olivine phase) and pyroxene grains of variable composition
(high-Ca pyroxene is diopside and augite, low-Ca pyroxene is mainly Mg-
19
Figure 1.3: BSE image of a typical CR-
like xenolith in the Jodzie howardite, after
Gounelle et al. (2003).
rich, ranging from En87–Fs10 to En98–Fs1). Magnetite and metals are rare in
these xenoliths. Sulfides have compositions ranging from that of pyrrhotite
to that of pentlandite. Ca-carbonates are present, but rarer than in CR
xenoliths. A typical CM-like xenolith, described by (Rubin and Bottke,
2009) is shown in Fig. 1.4.
However classifying xenoliths on the basis of their similarities with car-
bonaceous chondrites or with micrometeorites present some ambiguities. In-
deed differences remain between xenoliths and carbonaceous chondrites. For
xenoliths in CB and CH chondrites described by Greshake et al. (2002),
no unambiguous assignment to any certain group of carbonaceous chon-
drites can have been established, even if these xenoliths clearly have close
relationships with C1 and C2 material (such as matrix mineralogy, mag-
netite morphology and chemical composition of major phases). Gounelle
et al. (2003) reported differences between CR2 microxenoliths in Howardites
and CR2 chondrites. Microxenoliths have abundant matrix, high fayalitic
olivine grains, Fe-rich saponite, CAIs and chondrules are absent, metal is
rare. Minor differences are instead reported for CM2 microxenoliths with
respect to CM2 chondrites: in microxenoliths the pyroxene to olivine ratio
Figure 1.4: BSE image of a CM-like xenolith in the Abbott H3-6 ordinary chondrite,
after Rubin and Bottke (2009).
20
is higher, saponite is more abundant, while chondrules and Mg-rich olivines
present lower abundances. Rubin and Bottke (2009) described mineralogical
and compositional differences between CM-like xenoliths in Abbott and CM
chondrites, such as differences in the sulfide modal abundance and in the
S/SiO2 ratio for tochilinite-cronstedtite. Some of these differences may be
due to the different size of xenoliths and carbonaceous chondrites (e.g. the
limited dimensions of most xenoliths imply chondrules are not so common,
when they could facilitate comparison with carbonaceous chondrites). But
others may reflect different conditions in the aqueous alteration process (e.g.
temperature, pH, water/rock ratio).
In order to solve this problem, alternative classification schemes have
been proposed, directly based on xenolith observed properties. Gounelle
et al. (2005) proposed three groups for microxenoliths in Howardites, defined
by the presence or absence of tochilinite, magnetite and olivine. For compar-
ison with the previous classification scheme, tochilinite-rich magnetite-poor
microxenoliths are those most similar to CM chondrites. On the other hand,
tochilinite-poor magnetite-rich microxenoliths are subdivided in two more
groups, based on the abundance of olivine. Olivine-rich microxenoliths are
those most similar to CR chondrites, while silicate-poor microxenoliths are
CI-like.
In Zolensky et al. (2009) the structural properties of xenoliths are used
for classification. Xenoliths are therefore divided in fine-grained hydrous
(FGH), fine-grained anhydrous (FGA) and coarse-grained hydrous (CGH).
Here we report the principal characteristics for each of these groups.
 FGH: rather small xenoliths (probably reflecting low-strength) com-
posed of a serpentine and saponite fine-grained matrix with 0.5-10
µm sized Fe-Ni sulfides and magnetite grains. In the larger ones
olivine fragments have been observed. Gounelle et al. (2003, 2005)
have pointed out that these xenoliths are mineralogically most simi-
lar to hydrous micrometeorites though some differences are apparent.
FGH xenoliths are the most widespread.
 FGA: these xenoliths also are quite common, but they have received
little detailed characterization. Beside a fine-grained, anhydrous ma-
trix (principally of ferromagnesian silicates) they are composed of
coarse (1-100 µm), generally fragmented grains of olivine, low-Ca py-
roxene, Fe-Ni sulfides and microchondrules. Their anhydrous nature
suggests possible relations with cometary grains [no phyllosilicates
have been found in Wild2 grains, Zolensky et al. (2006, 2008)].
 CGH: these are significantly larger than FGH xenoliths. They typ-
ically consist of fragmented olivine and low-Ca pyroxene, 0.5-10 µm
sized Fe-Ni sulfides and partially altered chondrules embedded in a
fine-grained matrix of serpentine and lesser saponite. These xenoliths
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have long been recognized as being very similar to CM2 in terms of
mineralogy (Zolensky et al., 1993a, 1996a,b; Buchanan et al., 1993).
1.3 Materials and methods
1.3.1 H chondrite samples
The collection of H chondrite sections of the Laboratoire de Mine´ralogie
et Cosmochimie du Muse´m at the Muse´m National d’Histoire Naturelle in
Paris consists of more than 130 samples that are polished or thin sections.
Samples with petrologic type from 3 to 6 are present, as well as samples of
different shock degree, different cosmic-ray exposure age, samples of brec-
ciated meteorites and of solar gas rich meteorites (see Section 1.5.3 for a
description of these meteorite properties). In addition, after a first review of
the existing literature about xenoliths, we decided to prepare new sections,
in order to study samples of meteorites in which we supposed the presence of
xenoliths was probable (e.g. meteorites for which xenoliths had already been
described, solar gas-rich meteorites, breccias). In total 15 new sections have
been prepared, from Leighton, Plainview 1917, Tysnes Island, Bremervo¨rde,
Weston and Dimmitt. All these new sections have been prepared from whole
rock samples present in the laboratory collection. After selection of the ap-
propriate portion of rock, we cut it by means of a circular diamond saw, then
we embedded the obtained piece in Ko¨rapoxTM epoxy (particularly suited
for high vacuum analyses) and we polished it using diamond paste of differ-
ent sizes, from 3 µm down to a 0.25 µm finish. In addition we borrowed a few
polished sections from the Astromaterial Research and Exploration Science
laboratory at the NASA Johnson Space Center (Houston, Texas), thanks to
the collaboration with Michael E. Zolensky. He and his collaborators have
been working for years on the search and characterization of xenoliths in
meteorites (Zolensky et al., 2009). We have had the possibility to have a
few sections in which xenoliths were previously identified, to characterize
them in the context of our search for new xenoliths in H chondrites. These
sections include samples of Willard (b), Abbott and Sharps. A list of all
sections we have analyzed, with their surface, is reported in Tab. 1.3.
Table 1.3: H chondrite sections analyzed searching for new xenoliths.
METEORITE SECTIONS SURFACE (mm2)
H3 chondrites
Dimmitt (H3.7) n.1 200
2009−06 200
2009−07 224
Grady 1937 (H3.7) n.1 104
n.2 230
Prairie Dog Creek (H3.7) n.1 65
continued on next page
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Table 1.3: continued.
METEORITE SECTIONS SURFACE (mm2)
Sharps (H3.4) n.1 113
n.2 203
USNM 640 170
Willard (b) (H3.6) n.5 51
Total surface analyzed for H3 chondrites = 1859 mm2
H4 chondrites
Cullison n.1 36
Forest Vale n.1 56
USNM 4852 36
Menow 592 110
50928 140
Monroe n.1 88
Quenggouk n.1 110
Sahara 98804 n.1 310
n.2 240
n.3 234
Seminole n.1 37
Ste. Marguerite n.1 277
Tysnes Island 2009−01 154
2009−02 136
2009−03 175
2009−04 189
2009−05 176
Weston 2007−24 76
2007−25 74
2007−26 120
Total surface analyzed for H4 chondrites = 2774 mm2
H5 chondrites
Agen n.1 81
Allegan n.1 50
n.1560 36
Beaver Creek n.1 90
n.2 149
Ehole n.1 60
Faucett n.1 345
Gao-Guenie W1 231
Gao2 56
Leighton 2007−21 51
2007−22 98
Plainview 1917 2009−09 135
2009−10 205
Pultusk n.1 150
Richardton 1280 80
Total surface analyzed for H5 chondrites = 2244 mm2
H6 chondrites
Bir Rebaa n.1 195
Butsura n.34795 43
continued on next page
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Table 1.3: continued.
METEORITE SECTIONS SURFACE (mm2)
n.5 75
Djati Pengilon n.1 72
n.2 76
Galapian n.1 72
Kernouve n.1 50
Supuhee n.1 70
Total surface analyzed for H6 chondrites = 653 mm2
Mixed H chondrites
Abbott (H3-6) 7F 106
Bremervo¨rde (H/L3.9) 2007−20 182
Hainaut (H3-6) n.1 150
Luponnas (H3-5) n.1 162
Sahara 00181 (H4-6) n.1 148
Sahara 99070 (H3.8-6) 3867-1 165
3867-2 180
n.1 196
Sahara 97179 (H5-6) n.1 146
Tulia (a) (H3-4) 3383 60
Zag (H3-6) n.1 260
n.2 190
n.3 47
Total surface analyzed for mixed chondrites = 1992 mm2
1.3.2 Searching for xenoliths: instruments and techniques
First survey: optical microscope. The systematic search for new (mi-
cro)xenoliths starts from the analysis of samples by optical microscopy. By
means of an optical microscope, sections are scanned in reflected light search-
ing for inclusions that are potential xenoliths. The most visible character-
istic indicating that an inclusion is a potential xenolith is the presence of
fine-grained matrix (Fig. 1.5B and C). At this stage xenoliths can be distin-
guished from the host meteorite “normal” matrix because this is generally
diffuse among the meteorite components, while xenoliths have often sharp
edges. To locate potential new xenoliths for successive analyses, optical
composite maps of the concerned sections are realized. Pictures with a ×2.5
or ×5 magnification allow to realize maps with sufficient details in a brief
period of time. An example of these maps is given in Fig. 1.5A; new found
xenoliths are then reported on the map and numbered.
Identification: scanning electron microscope. To definitively ascertain
if selected inclusions are xenoliths or not, scanning electron microscopy
(SEM) images are realized. These help, for example, to distinguish be-
tween real xenoliths and impact melts (inclusions generated by fusion and
re-crystallization as consequence of an impact, but with the starting mate-
rial being that of the host meteorite). In addition to SEM images, energy
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Figure 1.5: New discovered microxenolith # 1 in the H5 chondrite Plainview 1917. A:
optical microscope composite map of the analyzed Plainview 1917 section: twenty images
with magnification ×2.5 have been used to realize this map. Microxenolith # 1 is encircled
near the lower edge of the section. B and C: optical microscopy images, with magnification
×5 (B) and ×20 (C). D: Back-scattered electron (BSE) scanning electron microscope
image (magnification ×300) of the whole microxenolith. The abundant fine-grained matrix
contains phyllosilicates and sub-micrometer-sized magnetite and iron-sulfide grains. Both
lath-shaped sulfides and euhedral magnetite grains, with size greater than a few µm,
appear in white.
dispersive X-rays (EDX) analyses are performed to have a first identification
of the different phases present in the new xenoliths. SEM and EDX spectral
analyses have been performed at the Laboratoire de Mine´ralogie et Cos-
mochimie du Muse´um of the Muse´um National d’Histoire Naturelle (Paris,
France) by means of a JEOL JSM 840-A SEM equipped with an EDAX
Genesis X-rays detector. For images, a 0.6 nA electron beam accelerated by
a 15 kV acceleration voltage was used. Point EDX spectral analyses were
performed with a 3 nA electron beam at 20 kV, in order to optimize number
of counts and acquisition time. Also EDX spectral maps have been realized
for certain xenoliths, in order to determine the nature of small phases (e.g.
metals and sulfides). EDX maps are constituted by several images, each
representing the spatial distribution of one of the selected elements (that
are O, Na, Mg, Al, Si, P, S, Cl, K, Ca, Ti, Cr, Mn, Fe, Ni). These images
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are acquired simultaneously, with a map resolution of ∼1 µm/pixel. This is
achieved using a grid of 512×400 pixels. Acquisition time for each pixel is
600 ms. Moreover, in a few cases high resolution SEM images have been ac-
quired at the University of Paris VI using a Zeiss Supra-55 VP field emission
scanning electron microscope, with a 4 nA, 10 kV accelerated primary beam.
With the same instrument, EDX spectral analyses of sub-micrometer-sized
grains in the matrix of a few xenoliths have been performed.
Quantitative mineralogy: analytical electron microprobe. Quantitative
analyses for the mineralogical composition of xenolith matrix and compo-
nents have been obtained with a CAMECA SX-100 electron microprobe at
the University of Paris VI. A 10 nA focalized beam, accelerated by a 15 kV
acceleration voltage, is used for point analyses of silicates, oxides, sulfides
and metals. For silicates and oxides data are collected for the following ele-
ments: Na, Mg, Al, Si, P, S, Cl, K, Ca, Ti, Cr, Mn, Fe, Ni. Detection limits
range between 300 and 1200 ppm. For metals and sulfides the analyzed
elements are: Si, P, S, Ca, Ti, Cr, Mn, Fe, Co, Ni, Zn. In this case detection
limits range between 430 and 7000 ppm. For carbonates, to avoid damages
to these fragile minerals, we used a 4 nA defocalized beam accelerated by
a 15 kV acceleration voltage; the considered elements are: Mg, Al, Si, Ca,
Ti, Cr, Mn, Fe, Ni, Sr. Detection limits range between 440 and 5700 ppm.
In each case natural and synthetic standards have been used for calibration.
Point analyses of matrix have been compared in a Mg-Fe-(Si+Al) ternary
diagram to data for CI1 phyllosilicates (Tomeoka and Buseck, 1988), CM2
serpentine (Zolensky et al., 1993b) and CR2 phyllosilicates (Weisberg et al.,
1993). When values of S ≥5 wt% are present, data are considered as due to
contamination by a nearby sulfide and hence they are corrected assuming
the sulfide is troilite (i.e. stoichiometric FeS).
1.4 Results: mineralogy and petrography
We analyzed 66 sections from 40 different meteorites. The total sur-
face analyzed is 9522 mm2 (in Tab. 3.3 the surface studied for each section
and each H chondrite group is reported). We discovered 26 new xenoliths.
Among these, only 5 have a size larger than 1 mm, i.e. ∼80% are microx-
enoliths. The microxenolith size distribution is reported in Fig. 1.6.
The 21 new discovered microxenoliths belong to the FGH group, i.e. they
are dominated by a fine-grained matrix composed of phyllosilicates. Con-
sidering the presence of magnetite and anhydrous silicates (simply referred
to as silicates in the following) as key reference properties, they have been
sub-divided in three groups: “magnetite-poor silicate-rich”, “magnetite-rich
silicate-rich” and “magnetite-rich silicate-poor”. These three groups reflect
a classification scheme as that proposed by Gounelle et al. (2005), based
only on directly observed properties of xenoliths, rather than on similarities
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Figure 1.6: size distribution
of the 21 new microxenoliths
discovered in H chondrites.
with known carbonaceous chondrites.
In addition, a tentative association has been made between new mi-
croxenoliths and carbonaceous chondrite groups, as described below. This
association is based on the presence or absence of anhydrous silicates, mag-
netite, sulfides, Fe-Ni metals and carbonates. In general, the comparison of
xenoliths and microxenoliths to carbonaceous chondrites presents some dif-
ficulties. Even only the small size of xenoliths may imply that components
characteristic of a certain group of carbonaceous chondrites are not present.
For instance, in CI xenoliths previously individuated (Brearley and Prinz,
1992; Nakashima et al., 2003; Gounelle et al., 2003) only one carbonate has
been observed, while they are quite common in CI chondrites (Johnson and
Prinz, 1993). Here we use also such a classification scheme because it is the
most largely diffuse in literature and it allows us to make comparisons with
results of previous works.
We report our results starting from microxenoliths that can be associated
with known groups of carbonaceous chondrites, and one peculiar microxeno-
lith found in Leighton (H5). We then describe three new xenoliths (with size
larger than 1 mm) that show clear similarities to CM chondrites. The main
properties of all the new discovered xenoliths are reported in Tab. 1.4.
1.4.1 Microxenoliths (size < 1 mm)
Magnetite-rich silicate-poor (CI1-like) microxenoliths. Seven xenoliths
are magnetite-rich silicate-poor, and hence they have been associated with
CI1 chondrites (Fig. 1.7). They have dimensions ranging between 60×20
µm2 and 310×255 µm2. For these xenoliths, matrix point analyses gave
results that in a Mg-Fe-(Si+Al) ternary diagram plot mainly between the
CR2 phyllosilicate field and the CM2 phyllosilicate field, with some points in
the CI1 phyllosilicate field (Fig. 1.8A). These xenoliths are rich in magnetite,
which is present as spheroidal or hexagonal micrometer-sized grains and as
smaller, sub-micrometer-sized framboidal grains. Anhydrous silicate grains
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Figure 1.7: Magnetite-rich silicate-poor
microxenolith from the H5 chondrite
Plainview 1917 (microxenolith # 1, sec-
tion 2009−10). A: BSE image of
the whole microxenolith (magnification
×300). Among the white inclusions two
types can be distinguished: lath-shaped
pyrrhotite grains and spheroidal mag-
netite grains. The label “dol” indicates
a dolomite grain, the only carbonate we
found in seven magnetite-rich silicate-
poor microxenoliths. B: BSE close-up of
the upper-left part of the microxenolith
(magnification ×650). Fractures across
the fine-grained matrix reveal its frag-
ile nature. The largest pyrrhotite grains
are labelled “pyrr”; spheroidal magnetite
grains, from ∼1 to ∼10 µm in size, are
widespread, and on the right edge of the
figure an aggregate of smaller, framboidal
magnetite grains is visible.
are absent, as well as metal grains. Sulfides grains are mainly pyrrhotite,
with Ni content around 2 wt%; rare pentlandite grains have been observed.
Carbonates are generally absent, but one dolomite grain (24×12 µm2) has
been observed in xenolith # 1 of the Plainview section 2009−10 (Fig. 1.7A).
Figure 1.8: Mg-Fe-(Si+Al) ternary
diagram of electron microprobe point
analyses of matrix in the new discov-
ered microxenoliths. A: magnetite-
rich silicate-poor microxenoliths. B:
magnetite-poor silicate-rich microx-
enoliths. C: magnetite-rich silicate-
rich microxenoliths. Reference fields
are indicated in the figure, see text
(Materials and methods) for details.
The solid and dashed horizontal lines
indicate the ideal saponite and ser-
pentine solid solutions, respectivley.
Magnetite-poor silicate-rich (CM2-like) microxenoliths. We individuated
three microxenoliths that are magnetite-poor silicate-rich, and hence simi-
lar to CM2 chondrites (Fig. 1.9). They have dimensions ranging between
100×200 µm2 and 160×270 µm2. Electron microprobe point analyses of
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Figure 1.9: Magnetite-poor silicate-rich
(CM-like) microxenolith from the H5
chondrite Leighton (microxenolith # 3,
section 2007−21). A: BSE image of
the whole microxenolith (magnification
×350). The fine-grained nature of the mi-
croxenoliths is evident in comparison to
the larger grains of the host meteorite.
This microxenolith is rich in olivine (“ol”)
and pyroxene (“px”) grains. The largest
iron sulfides (pyrrotite in this microxeno-
lith) are labelled “FeS”, while “met” in-
dicates less abundant Fe-Ni metal grains.
One Me-Fe carbonate (“breunn” = breun-
nerite) is present in the center of the mi-
croxenolith. B: BSE close-up of the upper-
left part of the microxenolith (magnifica-
tion ×650). In addition to the components
present in A, micrometer-sized iron sul-
fides and Fe-Ni metal grains are visible in
the matrix (white dots). Fractures reveal
the low-strength nature of the matrix.
matrix in a Mg-Fe-(Si+Al) ternary diagram plot between the field of CM2
serpentine, the serpentine solid solution line and the CR2 phyllosilicates field
(Fig. 1.8B). Matrix is rich in S (up to 4 wt%), due to the presence of sub-
micrometer-sized sulfides or tochilinite mixed to phyllosilicates. Set in the
matrix are common olivine and pyroxene grains, their sizes ranging between
few µm up to 50 µm. They are mainly Mg-rich, with composition ranging
between Fo74 and Fo82 for olivine (peak at Fo80), and between En60–Fs36
and En93–Fs6 for pyroxene. In one xenolith (# 4 in Leighton 2007−22) two
low-K plagioclase (Ab92) grains are present. Sulfides are present as troilite,
pyrrhotite and grains with intermediate composition. Fe-Ni metal grains
with size of few µm are present, some of which very rich in Ni (up to 50
wt%). Carbonates are not abundant, but one per microxenolith is present,
with size up to 20 µm. They are calcite and breunnerite.
Magnetite-rich silicate-rich (CR2-like) microxenoliths. Ten xenoliths are
related to CR2 chondrites (Fig. 1.10). Their sizes range between 47×36
µm2 and 575×300 µm2. Matrix data (Fig. 1.8C) are in or close to the CR2
phyllosilicates field in the Mg-Fe-(Si+Al) ternary diagram, even if some-
time tend to the CM2 serpentine field. Matrix analyses have high content
of S (up to 4 wt%) probably due to sub-micrometer-sized grains of sul-
fides. Larger olivine and pyroxene grains, somewhat less abundant than in
CM2 microxenoliths, are present in five out of eleven CR2 microxenoliths.
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Figure 1.10: Magnetite-rich silicate-
rich (CR-like) microxenolith from the
H5 chondrite Leighton (microxenolith #
2, section 2007−22). A: BSE im-
age of the whole microxenolith (magni-
fication ×180). This microxenolith is
very rich in magnetite (“magn”), present
as spheroidal grains, polygonal grains
and aggregates of micrometer-sized and
smaller grains. Large olivine (“ol”) grains
(up to 57×28 µm2) are common, pyroxene
is present as smaller, micrometer-sized
grains. The pyrrhotite (“pyrr”) grain on
the right part of the microxenolith is 38
µm in its largest dimension. B: BSE
close-up (magnification ×850). Magnetite
clearly dominates this part of the microx-
enolith. In addition, micrometer-sized py-
roxene (“px”) and calcite (“calc”) grains
are visible.
Olivine composition range between Fo68 and Fo99. Pyroxene grains are also
Mg-rich, their composition ranging between En88–Fs7 and En96–Fs2. Ti-
rich phases, such as ilmenite, are present but rare. Sulfides are common,
mainly pyrrhotite grains up to few µm in size, and more rare troilite and
grains with intermediate composition. Fe-Ni metals are present as small,
micrometer-sized grains dispersed in the matrix. Carbonates, both calcite
and dolomite, are more abundant than in CM2 xenoliths, even if xenoliths
without carbonates have been observed. Xenolith # 2 in Leighton 2007−22
contains several calcite grains and abundant magnetite in the form of both
aggregates of sub-micrometer-sized framboidal grains and larger spheroidal
grains. Xenolith 3a in the same section presents a dolomite grain 30 µm
wide in its larger size.
One ungrouped microxenolith. One first peculiar microxenolith is xeno-
lith # 1 in section 2007−22 of Leighton. The absence of anhydrous silicates
and the presence of pyrrhotite grains and framboidal magnetite aggregates
would suggest it is a CI-like microxenolith. However it contains an impres-
sive amounts of carbonate grains (Fig. 1.11A), rarely observed in CI-like
xenoliths. These carbonates are dolomite grains with dimensions ranging
from ∼1 µm to > 10 µm (Fig. 1.11B). Their abundance resembles that
observed in the carbonate-rich lithology of Tagish Lake (Zolensky et al.,
2002), but carbonates in Leighton microxenolith do not show the complex
structure (Ca core + Mn-Fe-Mg rims) of the Tagish Lake carbonates. In
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Figure 1.11: A: BSE image of mi-
croxenolith # 1 in section 2007−22 of
Leighton (H5), highlighted by a white
edge. B: BSE image close-up of fine-
grained matrix. Widespread dolomite
grains are labelled “dol”, see Fig. 1.12
for their composition.
addition this microxenolith does not present the same characteristics of the
carbonate-rich lithology of Tagish Lake: matrix composition is that of CM2
serpentine, while in the carbonate-rich lithology of Tagish Lake is almost
only saponite. Magnetite is rare in the carbonate-rich lithology of Tagish
Lake, abundant in the Leighton microxenolith. Dolomites of xenolith # 1
in Leighton 2007−22 have 24.4-27.6 wt% CaO, 16.4-19.9 wt% MgO, 2.5-4.2
wt% FeO and 2.8-6.1 wt% MnO. This composition is similar to that of CI
and CM dolomites (Fig. 1.12) and to that of dolomites found in Kaidun
(Weisberg et al., 1994). The abundance of carbonates is the reason why we
did not include this microxenolith in the CI-like group. At the same time
we did not include it in the CR-like group because of the absence of olivine
and pyroxene, considering also its size (500×310 µm2). Indeed, in the same
section there is the CR-like microxenolith # 2 that has similar size (575×300
µm2), and that contains olivine and pyroxene grains, abundant framboidal
magnetite aggregates and carbonate grains (calcite and dolomite). This sug-
gests also that dolomite grains of xenolith # 1 in Leighton 2007−22 are not
due to terrestrial aqueous alteration, otherwise they should be abundant
also in microxenolith # 2 and in the other microxenoliths found in the same
section (microxenoliths 3a, 3b and # 4 have very few carbonates, some of
which are breunnerite).
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Figure 1.12: Mg-Ca-(Mn+Fe) ternary
diagram for carbonate composition. Mea-
surements for carbonates in microxenolith
# 1 of the Leighton section 2007−22 are
compared to composition of CI and CM
dolomite grains (data after Johnson and
Prinz 1993).
1.4.2 Xenoliths (size > 1 mm)
CM-like xenoliths. Three xenoliths with petrography and mineralogy
clearly similar to that of Cm chondrites have been identified in Abbott and
Willard (b).
The two xenoliths discovered in Abbott (H3-6) are in the same sec-
tion, presenting a typical H6 lithology. Their dimensions are 5.4×4.6 mm
and 2×1.5 mm. The smallest xenolith (Fig. 1.13) is dominated by a light
coloured, fine-grained matrix. Its composition, in a Mg-Fe-(Si+Al) ternary
diagram, falls in the CM2 serpentine field. Supported in the matrix are
sulfide grains with composition ranging from troilite to pyrrhotite and Ni-
rich sulfides with intermediate composition (Ni content is up to 20 at%).
Metal grains, magnetite and carbonates are not present. Clearly visible in
the xenolith are rounded dark areas composed mainly by fine-grained ser-
pentine. They are interpreted as relict chondrules, i.e. their phyllosilicates
are the result of aqueous alteration of chondrule silicates. Embedded in
the fine-grained serpentine are micron-sized sulfides and poorly defined iron
oxide grains. Such grains, as well as similar, diffuse veins with the same
composition and the same low totals in electron microprobe analyses indi-
cate that the xenolith suffered aqueous alteration, probably from terrestrial
weathering. Olivine is present in only three grains of size between 30 and
60 µm, their composition being very Mg-rich (from Fo96 to Fo99). Pyroxene
grains have not been observed in this xenolith.
The largest xenolith in Abbott (Fig. 1.14) is similar to the previous
one. Its matrix has the composition of CM2 serpentine, poorly defined
iron oxide grains and veins due to aqueous alteration are abundant, sul-
fide grains are common, with size up to 45 µm and composition ranging
from troilite to pyrrhotite and Ni-rich sulfides (Ni content is up to 28 at%).
Metal grains, magnetite and carbonates have not been observed. However
this xenolith presents also several chondrules, similar to porphyritic olivine
chondrules, composed of olivine crystals alternated to fine-grained serpen-
tine and iron oxide alteration grains, always rimmed by fine-grained serpen-
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Figure 1.13: A: BSE image of the smallest CM2 xenolith found in the H3-6 chondrite
Abbott. In the light-colored matrix, rounded, dark areas are evident (the biggest one, in
the upper left part of the xenolith, is 270×200 µm2). They are fine-grained serpentine-
dominated relict chondrules produced by aqueous alteration of silicates. Very few anhy-
drous silicate grains remain in this xenolith. B: BSE close-up view of the xenolith interior.
The Fe-rich (mean FeO wt% = 37.5) light-coloured, fine-grained matrix (“mx”) is inter-
mixed with fine-grained, dark serpentine. An olivine grain is present near the left edge of
the xenolith, while on the right side of the image sulfides (“troil” and “pyrr”) are visible,
with size up to 67 µm.
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tine. The same structure is observed in chondrule fragments scattered in
the xenolith. Olivine grains are clearly more abundant than in the smaller
xenolith. Considering also those in chondrules, their size range from few
µm up to 77 µm and their compositions are between Fo44 to Fo100, with a
marked peak corresponding to forsterite (22 out of 36 grains have Fo>96). A
large forsterite grain, 730×360 µm2 in size, is included in this xenolith, and
presents several fractures filled by iron oxide alteration veins. Once again
pyroxene grains are absent. Due to their size, the presence of micrometer-
sized sulfides, larger olivine grains and partially altered chondrules, these
two xenoliths can be classified as coarse-grained hydrous (CGH), following
the classification proposed by Zolensky et al. (2009). Their mineralogical
and petrological properties are those of CM2 chondritic material.
A third CM2 xenolith has been found in the H3.6 chondrite Willard (b).
This xenolith is 9×6 mm. Its fine-grained matrix is characterized by a com-
position in the CM2 serpentine range in the Mg-Fe-(Si+Al) ternary diagram.
Also present are dark areas composed of serpentine, probably produced by
aqueous alteration of chondrule silicates, as in the Abbott xenoliths. Indeed
these areas form also rims around relict chondrules, as in the largest Abbott
xenolith. The Willard (b) xenolith is rich in olivine grains, with a wide size
range (from a few µm to 200 µm), while only three pyroxene grains have
been individuated. Olivine presents a wide composition range, from Fo48
to Fo100, with an evident peak at Fo99 (30 out of 41 grains have Fo98−100).
Pyroxene composition varies from En92–Fs5 to En98–Fs1. One spinel grain
is present in this xenolith, with an almost stoichiometric composition: 14.2
at% Mg and 27.8 at% Al. Abundant calcite grains have been observed in
this xenolith. Sulfides are present as pyrrhotite and pentlandite, whereas no
metal grains and no magnetite grains have been observed.
1.5 Relations with properties of host meteorites
In this section we describe possible relations between new discovered
xenoliths and properties of the host meteorites. In particular, we consider
meteorite petrologic type, cosmic-ray exposure (CRE) age, shock degree, if
host meteorites are breccias or not and if they are gas-rich or not. Each of
these properties is described in the following subsections, and for each case
observed relations between the new discovered xenoliths and the considered
meteorite characteristic are discussed. In Tab. 1.5 is reported a summary of
the analyzed sections, their properties and number of discovered xenoliths.
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Figure 1.14: A: BSE image of the largest CM2 xenolith found in the H3-6 chondrite
Abbott. Some of the chondrule fragments are labelled “ChF”. On the right a large,
730×360 µm2, forsterite grain is visible. The light grey grain in the upper-left part of the
xenolith is iron oxide alteration grain, the biggest of many ones present in the xenolith.
Also several iron oxide alteration veins are evident. B: BSE close-up view of the xenolith
interior. Abundant forsterite (black) grains are scattered in the xenolith, which has also
olivine (“ol”) grains with minor Mg content (the large grey grain in the lower left corner).
Two pyrrhotite (“pyrr”) grains are visible near the right edge of the image. Two relict
chondrules are present, both rimmed by fine-grained serpentine (“serp”), but with different
aspect. The uppermost chondrule (225×225 µm2) shows a porphyritic structure, with Fe-
rich olivine grains (Fo62−81). The other one (367×267 µm2) has probably suffered a more
intense aqueous alteration. It contains forsterite grains (Fo90−99), fine-grained serpentine
(the dark matrix between forsterite grains) and iron oxide alteration grains (“FeO”).
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Table 1.5: characteristics of analyzed H chondrites.
METEORITE
SHOCK
BRECCIA
CRE age
XENOLITHS
DEGREEa (Myr)b
H3 chondrites
Dimmitt (H3.7) S3 reg. breccia - GR 6 no
Grady 1937 (H3.7) S2 no 6.5 no
Prairie Dog Creek (H3.7) S2 no 25.9 no
Sharps (H3.4) S3 no 18.5 no
Willard (b) (H3.6) – reg. breccia - GR – 1 xen.
H4 chondrites
Cullison c breccia 1.9 no
Forest Vale S2 no 77 no
Menow S2 no 15.3 no
Monroe b/c breccia 12.8 no
Quenggouk S1/S2 no 22.3 no
Sahara 98804 S1 no – no
Seminole S3 no 7.8 no
Ste. Marguerite S2 no 31.7 no
Tysnes Island – reg. breccia - GR 7.9 2 µxen.
Weston S1/S4 reg. breccia - GR 30 no
H5 chondrites
Agen veined no 5.6 no
Allegan S1 no 4.8 no
Beaver Creek S3 no 41.2 no
Ehole – no 18.5 no
Faucett S4 no 5.6 no
Gao-Guenie S1/S2 breccia – no
Leighton – reg. breccia - GR 5.7 11 µxen.
Plainview 1917 S3 reg. breccia - GR 6 5 µxen.
Pultusk S3 reg. breccia - GR 6.6 no
Richardton S1/S2 veined no 23.7 no
H6 chondrites
Bir Rebaa S1 no – no
Butsura S3 no 35.9 no
Djati Pengilon – no 31.8 no
Galapian veined no – no
Kernouve S1 - veined no 4.5 no
Supuhee – breccia 8.2 no
Mixed H chondrites
Abbott (H3-6) S3 reg. breccia - GR – 2 xen.
Bremervo¨rde (H/L3.9) S2 reg. breccia - GR 14 no
Hainaut (H3-6) – reg. breccia - GR 7.1 no
Luponnas (H3-5) – breccia 8.4 no
Sahara 00181 (H4-6) S3 breccia – 3 µxen.
Sahara 99070 (H3.8-6) S2 breccia – no
Sahara 97179 (H5-6) S4 breccia – no
Tulia (a) (H3-4) b breccia 4.6 no
continued on next page
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Table 1.5: continued.
METEORITE
SHOCK
BRECCIA
CRE age
XENOLITHS
DEGREEa (Myr)b
Zag (H3-6) S2/S4 breccia 5.1 no
a Shock degree data are from MetBase v7.2 and the “List of shock
classified ordinary chondrites” compiled by Dieter Sto¨ﬄer.
S1 = unshocked; S2 = very weakly shocked;
S3 = weakly shocked; S4 = moderately shocked (Sto¨ﬄer et al., 1991);
shock degrees “b” and “c” are based on the Dodd and Jarosewich (1979)
classification, see text for details;
veined = presence of shock-produced veins; GR = gas-rich meteorite.
b Data after: Graf and Marti (1995); Eugster (1988).
Schultz and Weber (1995); Eugster et al. (2007).
1.5.1 Relation with host meteorite petrologic type
The petrologic type of a meteorite indicates the degree of alteration suf-
fered by the meteorite. Thermal metamorphism (i.e. changes induced by
high temperatures) and aqueous alteration (caused by water) act to alter
the original petrographic characteristic of a rock. In 1967, van Schmus and
Wood proposed a classification scheme of petrologic types that is still used
today. This scheme is based on compositional and structural properties
of meteorites (e.g. chondrule and matrix texture, homogeneity of olivine
and pyroxene composition) and petrologic types are numbered from 1 to 6.
Types 1 and 2 designate aqueously altered meteorites, with type 1 mete-
orites being the most altered. Meteorites of type 1 or 2 have been observed
only among carbonaceous chondrites. Types from 3 to 6, instead, reflects
increasing metamorphic grade. All these petrologic types are represented in
H chondrites. There are also meteorites that have components of different
petrologic type: this is the result of impact and mixing processes, which
lead to the formation of a breccia (see Section 1.5.3).
As reported in Tab. 1.5, several meteorites have been analyzed for each
petrologic type from 3 to 6. Namely, 10 sections from 5 meteorites of petro-
logic type 3, 20 sections from 10 meteorites of petrologic type 4, 15 sections
from 10 meteorites of petrologic type 5, 8 sections from 6 meteorites of
petrologic type 6 and 13 sections from 9 meteorites of mixed petrologic
type. We found a total of 26 new xenoliths: their distribution as function
of the petrologic type is reported in Fig. 1.15A.
From this figure it is evident that most of the new xenoliths and microx-
enoliths have been individuated in H5 chondrites (16 out of 26). This holds
also when the number of new xenoliths is normalized to the analyzed surface
for each petrologic type (Fig. 1.15C). However it has to be noted that all
the new xenoliths in H5 chondrites have been individuated in only 2 mete-
orites, namely Leighton and Plainview 1917. Six microxenoliths have been
individuated in the section 2007−21 of Leighton, five in the section 2007−22
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of the same meteorite and five in the section 2009−10 of Plainview 1917.
One could imagine that such a concentration of xenoliths in a small area is
the result of a same impact, i.e. xenoliths individuated in a same section are
fragments of a single projectile that impacted the host meteorite. However
two observations make this hypothesis problematic. First these xenoliths
show differences between each other. All are FGH microxenoliths, but in
section 2007−21 of Leighton three are CR-like, two are CM-like and one is
CI-like; in section 2007−22 of Leighton there is one CM-like microxenolith,
three CR-like and a microxenolith different from all the others (see Tab.
1.4 and its description in the previous paragraph). Second, if we imagine
a projectile large enough to leave fragments up to 500×310 µm 2 in size
(xenolith # 1 in Leighton 2007−22), then it is probable that such a projec-
tile caused a “violent” impact, at least sufficient to cause significant thermal
and shock alterations. Such alterations are not observed in these xenoliths,
which instead are similar to type 1 and type 2 chondritic material and that,
in addition, show a general low-strength aspect, being generally dominated
by fine-grained phyllosilicate matrix. We therefore consider as improbable
that xenoliths found in a same section come from the same parent projectile,
and consider each of them as a distinct sample. H5 chondrites continue to
be the most xenolith-rich even considering our results along with those of
previous work (Fig. 1.15B). However once again it has to be noted that
most of the xenoliths previously found in H5 chondrites (4 out of 6) are
concentrated in only one meteorite, which is once again Plainview 1917.
Eventually, to confirm that H5 chondrites are really the most xenolith-rich,
analyses of more samples (of all petrologic types) are needed.
Our results show that there is not a clear relation between the presence
of xenoliths and the petrologic type of their host meteorite. This conclusion
holds even when our results are considered along with those of previous
works, as shown in Fig. 1.15B. Rather, xenoliths and microxenoliths appear
to be common even in H chondrites with relatively high petrologic type,
as H4 and H5 chondrites. Therefore we can conclude that the embedding
of microxenoliths took place after the metamorphism of the host meteorite
parent bodies. Otherwise their fine-grained matrix, rich in hydrous minerals
such as phyllosilicates, would not have been preserved.
Moreover, the presence of xenoliths and microxenoliths in H4 and H5
chondrites indicates that these meteorites have been exposed to space after
have been metamorphosed. Previous models suggest that the different H
chondrite petrologic types are due to the different depth at which these rock
were in the parent body (Trieloff et al., 2003). The more deep a rock was,
the more it has been heated. Therefore, H4 and H5 chondrites, which were
not on the surface of the H chondrite parent body, must have been extracted
from the interior of the parent body to have the possibility of embedding
xenoliths and microxenoliths. This is consistent with models that suggest
a fragmentation and reassembly of the H chondrite parent body (Grimm,
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Figure 1.15: Distribution of xenoliths
and microxenoliths as function of the
host meteorite petrologic type. A: (mi-
cro)xenoliths discovered in this study.
B: (micro)xenoliths discovered in this
study per unit analyzed area. C: (mi-
cro)xenoliths discovered in this study plus
carbonaceous xenoliths described in previ-
ous works (see Tab. 1.1).
1985; Grimm et al., 2005).
1.5.2 Relation with host meteorites cosmic-ray exposure ages
For most of the meteorites we analyzed, CRE ages are known (Tab.
1.5). CRE ages are a measure of the time a meteoroid spent in interplan-
etary space as a meter-sized body. During this time it was exposed to
several kind of cosmic rays: solar wind particles (with an energy of ∼1
keV/nucleon), solar energetic particles (1–100 MeV/nucleon) and galactic
cosmic rays (1–5·103 Mev/nucleon) (Goswami et al., 1984). Particles with
different energies penetrate to different depths in meteoritic material. The
less energetic are stopped in the first superficial layers, which are easily lost
by ablation when a meteoroid enter the Earth atmosphere. More energetic
particles can penetrate up to ∼1 m in the meteoroid (Goswami et al., 1984),
reaching material that remains shielded from the external environment for
the rest of the time. These particles cause in the meteoroid the accumulation
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of stable and radioactive nuclides not originally present (or present in mini-
mal amounts). Radioactive nuclides that have a short half life (with respect
to the time the meteoroid takes to reach Earth), decay in stable radiogenic
nuclides. Measuring the concentrations of particular nuclides (mainly light
noble gases, e.g. 3He, 21Ne, 38Ar) ascribed to these interactions and coupling
such measurements with production rates by cosmic rays, it is possible to
estimate CRE ages (Graf and Marti, 1995; Eugster et al., 2006). Usually it
is assumed that meteorites CRE ages represents the time a meteoroid spent
in interplanetary space after it has been removed from its parent body and
until it reached Earth. However a same meteorite (or meteorite component,
e.g. chondrules, CAIs) can have had more than one period during which it
has been exposed to interplanetary cosmic rays. First in the so-called pre-
accretion period, i.e. before the compaction of the rock we observe today.
Second during the residence in the parent body, for those rocks that are
on the parent body surface. And then after it has been removed from its
parent body, during is journey toward the Earth. By means of CRE ages it
is not possible to distinguish between these phases in the meteoroid life, but
complex exposure histories have been observed [see paragraph 3.4 of Eug-
ster et al. (2006) and references therein]. Complex exposure histories can
be revealed by inconsistencies between exposure ages obtained by different
methods (Graf and Marti, 1995), as for example an exposure age based on
long-lived nuclides different from that based on short-lived nuclides (Eugster
et al., 2006). However, among H chondrites such complex exposure histories
have been observed only for meteorites with low CRE ages (Te < 4 Myr),
which are actually very few (Graf and Marti, 1995). Also in this study only
one meteorite presents a CRE age of < 4 Myr (the H4 Cullison, with Te =
1.9 Myr). Therefore we assume that the CRE ages reported here are repre-
sentative of the time period spent in interplanetary space by the considered
meteorites after their separation from the parent body.
In Fig. 1.16A are reported the distribution of CRE ages (when known)
for meteorites analyzed in this work and the distribution of xenoliths found
in these meteorites. In Fig. 1.16B the same distributions are showed con-
sidering also carbonaceous xenoliths described in previous works. Evident
trends of xenoliths number as function of CRE age are not present in these
distributions, but in both cases there is a clear prevalence of xenoliths in
meteorites with low CRE ages, between 5 and 8 Myr. On one hand this
could indicate that xenoliths have been embedded in their host meteorites
in very recent times. On the other hand, however, it seems somewhat strange
that xenoliths are more abundant in meteorites that took only few Myr to
reach the Earth from their parent bodies. If the embedding of xenoliths
is a process that happened in the last ∼100 Myr (the range of measured
CRE ages for H chondrites), meteorites that spent more time free floating
in space (i.e. those meteorites with larger CRE ages) should be richer in
xenoliths than meteorites with low CRE ages. Therefore, our results for the
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Figure 1.16: Carbonaceous xenoliths and host meteorite cosmic-ray exposure (CRE)
ages. Panels A and B show data collected in the present study. A: number of analyzed
meteorites with the indicated CRE age. B: number of xenoliths found in meteorites
indicated in A (i.e., grey bars do not indicate the number of xenoliths with a given CRE
age). Panels C and D show data collected in this study plus data obtained from the
literature (see Tab. 1.1). In both plots A and C a meteorite with CRE age 77 Myr and
without xenoliths is not showed.
abundance of xenoliths in low-CRE-age meteorites might indicate that their
embedding happened in very ancient times. One possibility is that such
embedding process took place when the meteorite was part of the parent
body, if the rock was exposed to space on the parent body surface (see next
section about xenoliths in brecciated meteorites). Probably more sections
from more meteorites should be analyzed in searching for new xenoliths, to
establish a solid relation between the presence of xenoliths and CRE ages.
1.5.3 Relation with brecciated, gas-rich meteorites
Of particular interest, in the context of a xenolith study, is considering
the role of impacts, essentially for two reasons. First because the origin of
xenoliths is intimately related to impacts: xenoliths are fragments detached
from their own parent bodies by means of impacts, and then embedded in
their host meteorite parent bodies by means of other impacts. Second be-
cause impacts are necessary to produce meteoroids that subsequently reach
Earth (becoming meteorites). Meteorites show a variety of impact histories,
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which necessarily affected also xenoliths, in particular the most fragile car-
bonaceous ones. Therefore it is essential to consider the shock degree of the
analyzed H chondrites, and how many of them are brecciated meteorites.
Breccias are meteorites composed of fragments with different sizes and
different characteristics. They are formed by a history of impacts and mixing
(Housen and Wilkening, 1982; Keil, 1982; Bunch and Rajan, 1988; Bischoff
et al., 2006). Based on their components and on the inferred formation
mechanisms, breccias are classified in several groups (see Tab. 1 in Bischoff
et al. 2006 and Tab. 3.5.2 in Bunch and Rajan 1988). Among these, regolith
breccias are good candidates to search for xenoliths: they are formed by
lithification of different components from the parent body upper surface,
and contain solar-flare tracks and solar-wind gases. They are also called
gas-rich meteorites, because their concentrations of light noble gases are
well above a normal meteoritic value (Goswami et al., 1984; Bischoff et al.,
2006). Indeed, these meteorites are formed by impacts that cause limited
shock effects, but at the same time induce melting of grain boundaries,
cementing the fragments together (Bischoff et al., 2006). When collisions
are more violent, impact-melted components are evident. In other words
the characteristics of regolith breccias testify their exposure to the external
environment.
A striking result of this study is that all the new xenoliths and microx-
enoliths have been found in brecciated meteorites. In total, we analyzed
samples from 20 brecciated meteorites. In 6 of these there are xenoliths.
Also for non brecciated meteorites samples from 20 meteorites have been
analyzed. Considering carbonaceous xenoliths described in previous works
(see Tab. 1.1 and Fig. 1.1A), in only three cases the host meteorite is not
a breccia: the already cited H3.4 Sharps (Fredriksson et al., 1968; Wilken-
ing, 1977b), the H4 Holyoke (McCall, 1973; Wilkening, 1977b) and the H6
Ipiranga (Rubin and Bottke, 2009). In contrast there are 13 H chondrite
breccias that contain carbonaceous xenoliths. These data indicate that the
probability of finding a carbonaceous xenolith is clearly larger in a brecciated
than in a non-brecciated H chondrite.
Considering only regolith breccias, i.e. gas-rich meteorites, we have an-
alyzed samples from 10 gas-rich meteorites: Dimmitt (H3), Willard (b)
(H3.6), Tysnes Island (H4), Weston (H4), Leighton (H5), Plainview 1917
(H5), Pultusk (H5), Abbott (H3-6), Bremervo¨rde (H/L3.9) and Hainaut
(H3-6). In 5 of these (Willard (b), Tysnes Island, Leighton, Abbott and
Plainview 1917) we found xenoliths. Also, xenoliths have been previously
found in Weston (Noonan et al., 1976), Dimmit, Bremervo¨rde (Goswami
et al., 1984) and Pultusk (Wilkening, 1977b; Goswami et al., 1984). There-
fore gas-rich H chondrites appear as very probable xenolith-bearing mete-
orites (but it is difficult to estimate what percentage of gas-rich meteorites
contain xenoliths, because we do not know in how many gas-rich meteorites
xenoliths have ever been searched for).
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1.5.4 Relation with host meteorite shock degree
The most common classification of impact degrees for meteorites is that
proposed by Sto¨ﬄer et al. (1991) based on observation of olivine and pla-
gioclase in transmitted light. Six progressive grades of shock are used, from
S1 (unshocked) to S6 (very strongly shocked). A precedent classification
scheme for shocks was described by Dodd and Jarosewich (1979). Also in
this case six progressive grades of shock are proposed, and they are labelled
with letters from “a” (the least shocked case) to “f” (the most shocked case).
Among the H chondrites we analyzed, excluding breccias (which clearly
suffered important shocks) shock degrees are somewhat low: they range be-
tween S1 and S4, i.e. from unshocked to moderately shocked , or are “b”
and “c” following the Dodd and Jarosewich (1979) classification. Limiting
the analysis to non-brecciated meteorites, our results do not allow to investi-
gate possible relations between the presence of xenoliths and host meteorite
shock degree. In fact we did not find any non-brecciated meteorite that con-
tains xenoliths. Neither literature help us in this case, because only three
cases of non-brecciated meteorites bearing carbonaceous xenoliths have been
reported: Sharps (Fredriksson et al., 1968; Wilkening, 1977b) and Ipiranga
(Rubin and Bottke, 2009), whose shock degree is S3, and Holyoke (McCall,
1973; Wilkening, 1977b) for which we did not find any shock degree deter-
mination.
1.6 Discussion
In order to classify the new xenoliths and microxenoliths discovered in
H chondrites, we adopted a classification scheme based on the abundance of
olivine, pyroxene and magnetite (Section 1.4). Among the 21 new microx-
enoliths, seven are magnetite-rich silicate-poor (CI-like), ten are magnetite-
rich silicate-rich (CR-like), three are magnetite-poor silicate-poor (CM-like)
and one is ungrouped. The three new xenoliths (size > 1 mm) are magnetite-
poor silicate-rich (CM-like).
This classification highlights a fundamental result: carbonaceous chon-
dritic xenoliths and microxenoliths are by far the most common in mete-
orites. Our systematic search for new xenoliths was not biased toward this
particular class of objects, but different xenoliths have not been found. This
is consistent with the abundance of carbonaceous chondritic particles among
micrometeorites collected on Earth. Micrometeorites represents the major
part of the extraterrestrial matter flux that annually enter the Earth atmo-
sphere (Love and Brownlee, 1993). Among them, ∼84% has carbonaceous
chondritic properties (Genge, 2006b; Levison et al., 2009).
Considering the new carbonaceous microxenoliths discovered in this work,
the ratio between CR-like and CM-like microxenoliths is 10/6 = 1.67. Among
millimeter-sized carbonaceous xenoliths (Zolensky et al., 1996b) the CR/CM
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xenoliths ratio is 0.18. For microxenoliths in howardites CR/CM = 1.1
(Gounelle et al., 2003). Our result is clearly different from that for millimeter-
sized xenoliths, and therefore reinforces the idea that carbonaceous microx-
enoliths are not fragments of larger objects, but rather the same objects
that, once reached the Earth surface, are called micrometeorites.
A very interesting result is that all the new xenoliths and microxenoliths
have been found in brecciated meteorites. On one hand, this is consistent
with the history of brecciated meteorites. They are formed by collisions and
impacts; in other words, by encounters between distinct bodies in interplan-
etary space. Therefore it is easy to imagine that there they can contain
xenoliths. Conversely, one can imagine that non-brecciated meteorite par-
ent bodies never encountered other objects in space (the only exception can
be the one that caused the detachment of the observed meteorites). On
the other hand, collisions and impacts also act to destroy fragile compo-
nents such as carbonaceous xenoliths and microxenoliths. Indeed, of the 20
brecciated meteorites we analyzed only 6 contain xenoliths. Instead, if we
consider the more restricted group of regolith breccias, also called gas-rich
meteorites, we find that 5 meteorites out of 10 have xenoliths. In addi-
tion, in four of the gas-rich H chondrites where we did not find xenoliths
(Weston, Dimmitt, Bremervo¨rde and Pultusk) carbonaceous xenoliths have
been previously observed. This indicates that gas-rich H chondrites are very
probably xenolith-bearing meteorites. Therefore our results indicate that a
long exposition to space of the host meteorites on the surface of the parent
body is the key aspect to embed xenoliths.
An essential point to explain the presence of carbonaceous xenoliths in H
chondrites is also the speed at which xenoliths have been embedded in their
host meteorites. All our new xenoliths, and especially microxenoliths, show
large amount of fine-grained, hydrous matrix, while evident shock effects
or melt pockets are absent. To preserve such a structure, the embedding of
xenoliths in the host meteorites must have occurred at low velocity (Gounelle
et al., 2003; Rubin and Bottke, 2009). As described above (Section 1.5.3)
regolith breccias are formed by impacts that cause limited shock effects.
This is consistent with the idea that the parent body surface is where the
embedding of xenoliths more probably took place.
The scenario in which xenoliths and microxenoliths are embedded in host
meteorites when these are still part of their parent bodies is also consistent
with our results on host meteorites CRE ages. CRE ages are a measure of
the time a meteorite spent in space as meter-sized meteoroid, i.e. after it has
been removed from its parent body. If xenoliths were embedded mainly in
this time period, one should expect that meteorites with the most elevated
CRE ages are those that contain more xenoliths. In contrast with this
hypothesis, our results show that H chondrites with low CRE ages (between
5 and 8 Myr) are the most xenolith-rich (Fig. 1.16).
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1.7 Conclusions
In this chapter we described our systematic search for new xenoliths
and microxenoliths in H chondrites. Particular attention has been dedi-
cated to microxenoliths similar to carbonaceous chondrites, because they are
the “meteorite-trapped” analogues of micrometeorites recovered on Earth.
However, our research was not biased against larger or non-carbonaceous
inclusions.
This work is based on the analysis of 66 polished sections from 40 me-
teorites present in the collection of the Laboratoire de Mine´ralogie et Cos-
mochimie du Muse´um (MNHN, Paris), comprising samples with different
petrologic type, CRE age, brecciated and non-brecciated meteorites and
gas-rich meteorites. On the one hand, our results show that xenoliths and
microxenoliths in H chondrites are not isolated oddities, even if they are not
very common. Xenoliths are present in 10 out of 66 sections, corresponding
to 7 out of 40 meteorites. Therefore ∼17% of the analyzed H chondrites
hosts xenoliths. On the other hand, as all the new discovered xenoliths
and microxenoliths are composed of carbonaceous chondritic material and
∼80% of the new discovered xenoliths are microxenoliths, our results show
that carbonaceous chondritic microxenoliths are by far the most common in
H chondrites.
All the new microxenoliths belong to the fine-grained hydrous group
(FGH), i.e. they are dominated by a fine-grained matrix mainly composed of
phyllosilicates. The larger xenoliths contain abundant chondrules or chon-
drule fragments of several hundreds of µm in size, set in a phyllosilicate
fine-grained matrix: such xenoliths belong to the coarse-grained hydrous
group.
The new xenoliths and microxenoliths have been classified on the basis
of their directly observed properties. In particular, the abundance of olivine,
pyroxene and magnetite. We associated magnetite-rich silicate-poor xeno-
liths with CI carbonaceous chondrites, magnetite-rich silicate-rich xenoliths
with CR carbonaceous chondrites, and magnetite-poor silicate-rich xenoliths
with CM carbonaceous chondrites. Among the 21 new microxenoliths, seven
are magnetite-rich silicate-poor (CI-like), ten are magnetite-rich silicate-rich
(CR-like), three are magnetite-poor silicate-poor (CM-like) and one is un-
grouped. The three new xenoliths (size > 1 mm) are magnetite-poor silicate-
rich (CM-like).
We investigated possible relations between the presence of (micro)xenoliths
and host meteorite properties. Xenoliths and microxenoliths are present in
meteorites with petrologic type from 3 to 5. This shows that their embed-
ding happened after alterations due to thermal metamorphism. Also, the
presence of microxenoliths in H4 and H5 chondrites attests that these mete-
orites, probably altered by high temperatures in the interior of their parent
body, have subsequently been exposed to space.
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At the same time, xenoliths and microxenoliths are more abundant in
meteorites with low CRE ages than in meteorites with high CRE ages. This
suggest that their embedding took place during the residence onto the parent
body, rather then during their transfer toward the Earth.
This is confirmed by the fact that all the new xenoliths and microx-
enoliths have been found in brecciated meteorites. Such a result highlights
the key role of low-velocity collisions in favouring the mixing of genetically
distinct material in the solar system.
A last point concerns xenoliths that have not been found. In particular,
we showed that almost all the new discovered xenoliths have similarities with
known groups of carbonaceous chondrites. This means that new types of
xenoliths, radically different from known meteorites, and hence with parent
bodies possibly different from asteroids, have not been individuated. Such a
result can be explained in two ways: either sources different from asteroids
(e.g. comets and trans-neptunian objects) are far less important to produce
fragments that later become xenoliths, or the distinction between solar sys-
tem minor body populations, asteroids on one hand, comets on the other
hand, is not as sharp as believed. This problem is the object of the next
chapter.
Chapter 2
Origin of microxenoliths in
meteorites: asteroidal or
cometary?
Summary of Chapter 2
In chapter 1 we have seen that most of the xenoliths and microxenoliths
we found in H chondrites have similarities with known types of carbona-
ceous chondrites. This holds also for the majority of xenoliths described
in previous works. Such similarities suggest that both meteorites and their
xenoliths come from the same class of parent bodies, namely asteroids.
In chapter 3 we will describe a particular, primordial microxenolith dis-
covered in the Isheyevo carbonaceous chondrite, having properties which
make it different from other, more common xenoliths. Microxenolith PX-
18 in Isheyevo appears more similar to interplanetary dust particles (IDPs)
and comet Wild2 grains than to carbonaceous chondrites. Indeed, chondritic
porous IDPs are considered cometary samples. For micrometeorites too it
has been proposed a cometary origin. Such samples attest that material in
the inner solar system can originate from different parent bodies.
The issue of possible different parent bodies for microxenoliths in mete-
orites is the object of this chapter. Our aim is to investigate what population
of micrometeoroids, between cometary and asteroidal, has the larger proba-
bility of producing microxenoliths in meteorites. The interest in doing this
is that asteroids and comets are clearly distinct from a dynamical point of
view. Hence, also the fragments they produce (as results of collisions or, for
comets, of passages in the inner solar system) undergo different dynamical
evolutions. Our goal is to understand if this initial dynamical difference
result in different contributions to the inventory of microxenoliths in mete-
orites. We therefore evaluate, by means of numerical simulations, the ratio
of asteroidal to cometary micrometeoroids that collide at low velocity with
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selected targets in the asteroid main belt.
2.1 Introduction
In the previous chapter we described xenoliths and microxenoliths in me-
teorites from an experimental point of view. Different measurements have
been performed to investigate the composition and structure of xenoliths
and their components. We now turn our attention on the question of the
microxenoliths origin, i.e. we focus on the possible sources of fragments with
dimensions between a few µm and 1 mm. Namely, our aim is to evaluate if
one of the two populations between main belt asteroids and Jupiter family
comets (JFCs) is a dominant source of xenoliths (other groups of minor bod-
ies, such as long period comets, are assumed to supply a negligible amount
of micrometeoroids to the asteroid main belt, see sections 2.2 and 2.3 for
details).
To reach our goal, we performed numerical simulations of the orbital
evolution of micrometeoroids, choosing the appropriate initial conditions
that correspond to fragments generated by main belt asteroids and JFCs,
and calculating their probability to encounter selected targets in the asteroid
main belt at low velocity.
Before describing the details of the problem, let us start with a brief
introduction to the physics of micrometeoroids orbital evolution in the in-
terplanetary space. The orbital motion of these small bodies is determined
by the gravitational force of the Sun and the planets, the radiation pressure,
and the drag due to the solar wind and the Poynting-Robertson effect. The
presence of the planets causes gravitational perturbations to the keplerian
motion of a micrometeoroid around the Sun. Considering the eight solar
system planets, the gravitational forces on a micrometeoroid of mass m can
be written:
Fg = −
[
GMm
r2s
]
rˆs −
8∑
n=1
GMnm
r2n
rˆn (2.1)
where rˆs is the micrometeoroid unit position vector with respect to the Sun,
M is the mass of the Sun, Mn and rˆn are the mass of the nth planet and
the micrometeoroid unit vector with respect to that planet.
An important effect on the orbits of minor bodies due to the presence
of planets is that of resonances. When orbiting at particular distances from
the Sun, an object can have an orbit that corresponds to a “mean motion
resonance” with a planet. This means that the ratio between their orbital
periods can be expressed as a ratio between integer number (e.g. 2:1, 3:4
and so on). A second type of resonances is represented by the “secular
resonances”. In this case two bodies have orbits with the same (or very close)
precession. Resonances are particularly important for the orbital evolution
of micrometeoroids (and in general for all minor bodies) because they act
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to change orbital inclination and eccentricity. Just to give some examples,
a mean motion resonance can cause the rise of eccentricity, in same cases
up to the expulsion of the involved body from the solar system. Secular
resonances may favour the approach of objects in the asteroid belt toward
the Earth: the ν6 secular resonance with Saturn (around 2.05 AU) can cause
fragments to reach Earth-crossing orbits in ∼106 yr (Scholl and Froeschle,
1991).
The primary non-gravitational force acting on micrometeoroids is the
radiation pressure, which is independent from the micrometeoroid velocity
and can be expressed as (Gustafson, 1994)
Frad =
S0AQpr
cr2s
rˆs (2.2)
where S = S0/r
2
s is the solar energy flux density (S0 is the energy flux at 1
AU, i.e. the “solar constant”), A = pis2 is the micrometeoroid cross section,
c is the speed of light, Qpr is the radiation pressure coefficient. The effect of
radiation pressure is easily seen by introducing the dimensionless parameter
β, defined as the ratio of the radiation pressure force to the gravitational
force. Considering for simplicity only the Sun gravity, we have:
β =
S0AQpr
cr2s
r2s
GMm
=
S0Qpr
cGM
pis2
3
4pis3ρ
∝ 1/sρ
where s and ρ are the particle radius and density, respectively. This allows
to write the combined effect of Sun gravity and radiation pressure as
F = −
[
GMm
r2s
]
rˆs +
GMm
r2s
[
r2
GMm
S0AQpr
cr2s
]
rˆs =
= −
[
GMm
r2s
]
rˆs +
GMm
r2s
βrˆs = −G(1− β)Mm
r2s
rˆs (2.3)
Therefore the radiation pressure is such that a micrometeoroid behaves as
if it were orbiting around a central mass (1− β)M.
The last term to be considered for the micrometeoroid dynamics are the
drag forces, due to Poynting-Robertson effect and solar wind. The Poynting-
Robertson effect is caused by the micrometeoroid motion at speed v in the
Sun radiation field. This means that in the rest frame of a micrometeoroid,
photons have a velocity component in a direction different from the Sun-
micrometeoroid direction. Therefore, when photons hit the micrometeoroid,
there is a momentum transfer in a direction perpendicular to that of the
Sun gravity force. Instead, in the Sun inertial reference frame, Poynting-
Robertson effect is attributed to Doppler-shift (Kortenkamp and Dermott,
1998), and it can be expressed as (Liou et al., 1996)
FPR = −SAQpr
c
[
v · rs
crs
rˆs +
v
c
]
. (2.4)
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As this expression has been derived also in a corpuscular formulation (Gustafson,
1994; Klacka, 1992) it can be also applied to solar wind drag, substituting
the speed of solar wind particles vsw for the speed of light c. Combining the
two expressions, drag forces can be written as
Fdrag = −SAQpr
c
(1 + sw)
[
v · rs
crs
rˆs +
v
c
]
(2.5)
where sw represents the ratio of solar wind drag to Poynting-Robertson drag.
Both Poynting-Robertson and solar wind drag act to reduce micrometeoroid
semi-major axis and eccentricity. Therefore micrometeoroids approach the
Sun on more and more circular orbits.
Eventually, the complete equation of motion for a spherical micromete-
oroid with cross section A, velocity vector v and mass m is:
mv˙ = Fg + Frad + Fdrag = −
[
GMm
r2s
]
rˆs −
8∑
n=1
GMnm
r2n
rˆn+
+
SA
c
Qpr
[(
1− (1 + sw)v · rs
crs
)
rˆs − (1 + sw)v
c
]
. (2.6)
Under the combined effect of gravity, radiation pressure and drag forces,
the different behaviours of fragments orbiting the Sun is determined by their
size and mass. The smallest particles, with mass ≤ 10−13 g, are pushed out
of the solar system by the radiation pressure. Particles with mass between
10−13 and 10−7 g are the most influenced by drag forces. For greater par-
ticles, with mass ≥10−5 g (diameter ≥100 µm for density = 3 g/cm3) life
time is determined by a process different from the previous ones, namely
collisions (Gru¨n et al., 1985; Gru¨n et al., 2004). Collisions change the size
of the involved objects. The smallest fragments produced by collisions are
easily pushed out of the solar system by radiation pressure. For the other
ones, changing size and mass, it also changes the effect of processes described
in equation 2.6 and therefore the evolution of their orbits. In Tab. 2.1 the
dominant processes for meteoroid of different size at 1 AU from the Sun
are indicated, along with Poynting-Robertson life-time (τPR) and collisional
life-time (τcoll).
In the inner solar system, bodies from sub-micrometer-sized dust grains
to cm-sized meteoroids form the so-called zodiacal cloud, visible in a clear
night sky as the zodiacal light. Forces described in equation 2.6 and collisions
act to shape this complex of small objects. Phenomenological models for
size and spatial distribution of zodiacal cloud particles have shown that
∼80% of the zodiacal light is due to particles in the size range 10 – 100 µm
(∼ 10−8− 10−5 g) (Gru¨n et al., 1985). Results of a recent dynamical model
confirm that particles with diameter = 100 µm are the most abundant in
the zodiacal cloud (Nesvorny´ et al., 2010). At 1 AU, direct measurements
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Table 2.1: Poynting-Robertson life-time (τPR) and collisional life-time (τcoll) for mete-
oroid of different size. Data refer to 1 AU and are for a density of 3 g/cm3 [after Leinert
et al. (1983)].
Radius
Mass τPR τcoll dominant
(g) (yr) (yr) process
<1 µm < 10−11 – – radiation pressure
1 µm 1.3×10−11 2.2×103 ∼ 107 PR drag
10 µm 1.3×10−8 2.1×104 1.2×106 PR drag
100 µm 1.3×10−5 2.1×105 1.4×105 collisions
1 mm 1.3×10−2 2.1×106 4.1×104 collisions
1 cm 1.3×10−1 2.1×107 8.3×105 collisions
from satellite [performed by the Long Duration Exposure Facility (Love and
Brownlee, 1993)] and models based on lunar cratering and measurements of
the Pioneer spacecrafts (Gru¨n et al., 1985) showed that the mass distribution
is dominated by particles with a diameter of 200 µm.
However, as indicated in Tab. 2.1, micrometeoroids with size &100 µm
have a life-time determined by collisions. In particular, such objects are
destroyed by collisions at a rate that is about 10 times the rate at which
particles of the same size are produced by collisions (Gru¨n et al., 1985). This
means that larger bodies, such as asteroids and comets, represent efficient
sources of micrometeoroid-sized objects, and allow to maintain the observed
steady state of the zodiacal cloud.
2.2 Sources for micrometeorites on Earth and mi-
crometeoroids in the inner solar system
Our aim is to evaluate which minor body group, between main belt
asteroids and JFCs, dominates as source of microxenoliths in meteorites.
Therefore, an estimation of the amount of matter provided by main belt as-
teroids and JFCs to the zodiacal cloud is necessary. Moreover, it is necessary
to evaluate the orbital distribution of micrometeoroids in the asteroid main
belt region. Indeed, the collision probability between micrometeoroids and
selected asteroids is determined by the micrometeoroid orbital distribution
and by the orbital properties of the target asteroids.
A parallel problem is that of the individuation of the micrometeorite
sources. However, differences are present between the case in which the
Earth is the target and the case in which asteroids are the targets. This is
due to several reasons: 1) micrometeroids can have different orbital distri-
butions in the asteroid main belt and near the Earth; 2) Earth is far larger
than asteroids, and therefore it has a far larger cross section; 3) asteroids
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can have different orbital properties (e.g. larger eccentricity and inclina-
tion) with respect to Earth and this affects the collision probability with
micrometeoroids.
Usually, to understand which minor body population can be the most
effective in supplying micrometeoroid-sized fragments to the inner solar sys-
tem, both the observed properties of the zodiacal cloud (such as particle size
and spatial distribution, amount of scattered light and thermal emission)
and the abundance of different types of micrometeorites (e.g. carbonaceous
chondritic and ordinary chondritic particles) are used as constraints.
In particular, the relative abundance of carbonaceous and ordinary chon-
dritic material among micrometeorites has recently been the object of two
papers, Levison et al. (2009) and Nesvorny´ et al. (2010), that propose two
different scenarios.
Carbonaceous chondritic micrometeorites represent ∼84% of all microm-
eteorites (Genge, 2006b; Levison et al., 2009). This fraction is very different
with respect to that of carbonaceous chondritic material among meteorites:
the London Natural History Museum “Catalogue of meteorites”1 lists 656
carbonaceous chondrites and 17641 ordinary chondrites, i.e. carbonaceous
chondrites represent less than 4% of all chondrites. To explain such a dif-
ference between meteorites and micrometeorites, it has been proposed that
meteorites principally sample the inner asteroid main belt, rich in ordinary
chondritic material, while micrometeorites represent a more uniform sam-
pling of the whole main belt (Genge et al., 1997; Meibom and Clark, 1999).
However, this hypothesis is not supported by results of Levison et al. (2009).
They estimated the ratio of ordinary to carbonaceous material (O/C) in mi-
crometeorites, assuming carbonaceous material originate from C-, D- and
P-type asteroids, and ordinary material come from S-type asteroids, in pro-
portions relative to the relative abundances of these bodies. The resulting
O/C ratio is not smaller than 0.4, while it is ∼0.16 in micrometeorites. Also,
they discard the possibility that micrometeorites are produced by comets,
because cometary particles usually enter the Earth atmosphere with too
high velocity to survive as unaltered micrometeorites (Flynn, 1995a; Levi-
son et al., 2009).
In the following sections we describe two recent papers: the first is fo-
cused on the collisional evolution of trans-neptunian objects captured in the
asteroid main belt (Levison et al., 2009); the second concerns the origin of
micrometeoroids that compose the zodiacal cloud (Nesvorny´ et al., 2010).
Both these papers propose an explanation for the abundance of carbona-
ceous chondritic material among micrometeorites.
1http://www.nhm.ac.uk/research-curation/research/projects/metcat/
54
2.2.1 Carbonaceous micrometeorites from trans-neptunian
objects captured in the asteroid main belt
In Levison et al. (2009) numerical simulations have been performed in
order to track the evolution of planetesimals originally formed in the trans-
neptunian disk and later evolved in the inner solar system. This work is
based on the so-called Nice model, which successfully explains several fea-
tures of the present solar system: the present-day orbits of the giant planets
(Tsiganis et al., 2005), the origin of the Trojans asteroids (Morbidelli et al.,
2005; Nesvorny´ and Vokrouhlicky´, 2009), the Kuiper belt structure (Levison
et al., 2008b) and the origin and timing of the Late Heavy Bombardment
(Gomes et al., 2005). In particular, the Nice model assumes that the giant
planets formed on nearly circular orbits with semi-major axis between 5 and
17 AU from the Sun, and that a planetesimal disk of comet-like objects with
total mass 30–35 Earth masses was present beyond Neptune. The mutual
gravitational interaction of the planets and the planetesimal disk caused the
outward migration of the giant planets. After ∼600 Myr, Jupiter and Saturn
crossed their 1:2 mean motion resonance (i.e. the configuration in which the
Saturn revolution period is twice that of Jupiter) and this caused Uranus
and Neptune to enter the planetesimal disk. A period of instability followed,
during which the trans-neptunian, comet-like planetesimals were scattered
throughout the solar system, causing the enormous amount of impacts on
inner solar system bodies known as Late Heavy Bombardment.
Levison et al. (2009) focus their attention on trans-neptunian, comet-
like planetesimals captured in the asteroid main belt after they had been
scattered from their original disk. They compared the results of numerical
simulations for the orbital evolution of these planetesimals with observed
orbits of primitive asteroids (Trojans, Hildas and D-type asteroids2): their
results successfully reproduce the distributions of orbital eccentricity and
inclination.
Once captured in the asteroid main belt, the size and orbital distribu-
tions of trans-neptunian planetesimals have been affected by collisions, both
among themselves and with indigenous main belt asteroids. Levison et al.
(2009) simulated such collisional evolution of captured comet-like planetes-
imals along with that of indigenous main belt asteroids, assuming captured
objects have a lower density (1 g/cm3) than indigenous ones (2.7 g/cm3).
In order to reproduce the size frequency distribution of present-day Trojans,
Hildas and outer-main belt asteroids (i.e. of those objects supposed to be
derived from captured planetesimals) Levison et al. (2009) had to assume
2Trojans are asteroids orbiting on the same orbit of Jupiter, preceding and following
it in correspondence of its L4 and L5 Lagrangian points. Hildas are asteroids with semi-
major axis around 4 AU that form a dynamical family: they are close to the 2:3 mean
motion resonance with Jupiter (that is, their orbital periods are 2/3 that of Jupiter).
D-type asteroids have low-albedo and featureless spectra.
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that the captured planetesimals are weaker than main belt asteroids. This
has important implications for the delivery of micrometeorites to Earth. In-
deed, in this model the disruption of captured objects produces more than 15
times more fragments per unit mass than indigenous main belt asteroids. As
captured objects are assumed to have carbonaceous chondritic properties,
this enormous production of fragments can explain the dominance of car-
bonaceous chondritic material among micrometeorites. At the same time
larger meteorites produced by the disruption of captured trans-neptunian
objects are rare for two reasons: the captured trans-neptunian objects re-
side in a region of the asteroid main belt that is unlikely to be a source of
meteorites, and their weak nature implies a lower probability to survive the
atmospheric passage.
2.2.2 Carbonaceous micrometeorites from Jupiter family
comets
A scenario that favours a cometary origin for zodiacal cloud particles
and carbonaceous chondritic micrometeorites is the one that proposed by
Nesvorny´ et al. (2010). Their work is based on numerical simulations of the
dynamical evolution of particles (with diameter between 10 and 1000 µm)
originated from different sources. Namely, the analyzed particle sources are:
1) individual asteroid families, such as the Karin, Veritas and Beagle family;
2) the whole asteroid main belt; 3) active JFCs; 4) old dormant JFCs (i.e.
comets dynamically evolved beyond the period they are supposed to be ac-
tive); 5) Halley-type comets and 6) Oort cloud comets. All minor bodies in
these groups can produce fragments the size of a micrometeoroid. The first
fragments production mechanism, which concerns all the listed bodies, is
represented by collisions. In addition, active comets are efficient producer of
dust and micrometeoroid-sized fragments when they pass through the inner
solar system, because of the sublimation of their volatile components. How-
ever, Nesvorny´ et al. (2010) propose that spontaneous disruption of JFCs is
the main mechanism for supplying particles to the zodiacal cloud. This is
possible because collisions disrupt the initial mm- and cm-sized fragments
to sub-millimeter particles in .104 yr.
The dynamical simulations of Nesvorny´ et al. (2010) are primarily in-
tended to reproduce observations of the zodiacal cloud made by IRAS, and
hence to deduce what fraction of zodiacal cloud particles is supplied by the
considered sources. The satellite IRAS observed the infrared emission of the
zodiacal cloud at four different wavelengths: 12, 25, 60 and 100 µm (Hauser
et al., 1984; Low et al., 1984). To reproduce such observations, Nesvorny´
et al. (2010) adopted the following strategy: they defined the initial orbital
distribution of particles for each source, simulated the orbital evolution of
these particles (in each simulation all particles have the same size; consid-
ered particle diameters are 10, 30, 100, 200, 300 and 1000 µm), determined
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the infrared emission corresponding to the particle final orbital distributions
and modelled the detection of such emission by IRAS.
The best agreement between simulations and observations is found when
three micrometeoroid sources are considered at the same time. Based on
their best results, Nesvorny´ et al. (2010) propose that the zodiacal cloud is
composed for &90% by JFC particles, with .20% due to asteroidal sources
and .10% to particles from Oort cloud comets.
Additional results of Nesvorny´ et al. (2010) include an estimation of the
relative contribution of asteroids and comets to the mass influx on the Earth
and an estimation of the relative abundance of carbonaceous and ordinary
chondritic material among micrometeorites. The annual influx of extrater-
restrial matter on Earth is dominated by JFC particles: the Earth should
receive ∼108 kg/yr of cometary material and ∼15×106 kg/yr of asteroidal
particles, i.e. asteroidal material is ∼15% of the total mass influx.
The prevalence of cometary particles in the terrestrial accretion rate of
micrometeoroids also implies that most micrometeorites have a cometary
origin. As described in the previous section, the main problem with a
cometary origin of micrometeorites is that such particles should enter the
Earth atmosphere at high velocities, such that they burn in the atmosphere
or are totally melted to form cosmic spherules (Flynn, 1995a; Levison et al.,
2009). However, Nesvorny´ et al. (2010) found that the mean entry speed
for 200 µm-diameter JFC particles is ≈14.5 km/s, only slightly higher than
the value of ≈12.5 km/s calculated for asteroidal particles. Therefore they
conclude that the high fraction of carbonaceous chondritic material among
micrometeorites (∼84%) is due to particles coming from JFCs.
2.3 Origin of microxenoliths: asteroids or comets?
Carbonaceous xenoliths are the most abundant type of xenoliths ob-
served in meteorites (Wilkening, 1977a; Meibom and Clark, 1999; Rubin and
Bottke, 2009). Results presented in the previous chapter for H chondrites
and study of microxenoliths in Howardites (Gounelle et al., 2003) indicate
this is true also for microxenoliths. Therefore, it appears that the prevalence
of carbonaceous material is common to both micrometeorites and microx-
enoliths. We have seen in the previous section that different explanations
have been proposed to account for such observation in micrometeorites.
Here we analyze the same issue focusing on the origin of microxenoliths.
Our aim is to evaluate if one of the two populations between main belt aster-
oids and JFCs is a dominant source of microxenoliths. We choose these two
populations of minor bodies because JFCs are the most important sources
of zodiacal cloud particles (Nesvorny´ et al., 2010) and we want to compare
the flux of JFC micrometeoroids with that of micrometeoroids directly orig-
inated in the asteroid main belt. Also, both primitive asteroids (Levison
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et al., 2009) and JFCs (Nesvorny´ et al., 2010) have been proposed as the
dominant source of carbonaceous micrometeorites.
It is important to note that, if both these minor body populations can
be proposed as source of carbonaceous chondritic micrometeorites, it is for
their similar structural and compositional properties. Indeed, it has been
suggested that asteroids and comets form a continuum population of solar
system objects, rather than have sharply distinct structure and composition
Campins and Swindle (1998); Lodders and Osborne (1999); Gounelle et al.
(2006, 2008); Genge et al. (2008). This implies that also the distinction
between asteroidal and cometary microxenoliths could be more complicated
than expected. At present, two different microxenolith (or xenolith) popula-
tions, radically distinct on the basis of their structure and composition, have
never been observed. However, main belt asteroids and JFCs have different
dynamical properties (i.e. different orbital characteristics) that are inher-
ited by the fragments they produce. We want to understand if such initial
difference has observable consequences on microxenoliths in meteorites.
Numerical simulations have been performed in order to calculate the
probability of low-speed impacts of main belt asteroid and JFC fragments
on selected targets in the asteroid main belt. For targets represented by main
belt asteroids, the mass influx and the relative contributions of ateroidal and
JFC micrometeoroids are expected to be different from results obtained by
Nesvorny´ et al. (2010) for Earth. First because, even if the zodiacal cloud
is dominate by JFC micrometeoroids, main belt asteroids are, by definition,
in the main belt, i.e. where asteroidal micrometeoroids originate. And
Figure 2.1: parameters that define an orbit. The inclination (i) is the angle between
the reference plane (in the solar system, the ecliptic plane) and the orbit plane. The
argument of periapsis (ω) is the angle, on the orbit plane, between the ascending node
and the semi-major axis. The longitude of the ascending node (Ω) is the angle, on the
ecliptic plane, between the point of the vernal equinox and the ascending node. They are
indicated in the figure. The mean anomaly is defined as M = (2pi/P )(t − t0) where P is
the orbital period and t is the time from the passage to perihelion at time t0.
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then because, as asteroids are far smaller than Earth, only a limited range
of orbital parameters allows actual collisions between micrometeoroids and
asteroids.
Orbital distributions for micrometeoroid-sized fragments generated by
main belt asteroids and JFCs represent the initial conditions for our simu-
lations. The parameters we need to know are those that characterize every
orbit (Fig. 2.1): semi-major axis (a), eccentricity (e), inclination (i), ar-
gument of periapsis (ω), longitude of the ascending node (Ω), and mean
anomaly (M). For asteroidal micrometeoroids we chose two sets of initial
conditions. Both have been composed starting from asteroid orbital elements
obtained from the Jet Propulsion Laboratory (JPL) Small-Body database3.
The first set is composed by C-, D- and P-type asteroids (i.e., by those
asteroids supposed to be composed of carbonaceous chondritic material) of
any size and magnitude. S-type asteroids, the second most abundant in
the asteroid main belt, are thought to be composed of ordinary chondritic
material, and therefore they have not been considered in this first set. We
obtained orbital elements for 310 C-, D- and P-type asteroids from the JPL
Small-Body database. From these we extrapolated 1000 orbits, varying the
mean anomaly M . Namely, for each original orbit, three or four more orbits
have been obtained uniformly varying M over 360◦. The second set consists
of the first 1000 asteroids with a diameter >15 km (from 1 Ceres to 1259
Ogyalla), chosen among all main belt asteroids without preferences for any
particular type. In Fig. 2.2 the initial values of semi-major axis, eccentricity
and inclination for asteroidal micrometeoroids are reported. For JFC mi-
crometeoroids (Fig. 2.3) we used initial orbital elements for 1000 bodies that
represent the steady state distribution of JFCs. This list has been compiled
by D. Nesvorny´ (personal communication).
The orbits of the first 1000 asteroids >15 km have been assumed as
proxy for the steady state orbital distribution of asteroidal micrometeoroids.
Instead, to obtain the steady state orbital distribution of particles from C-,
D-, P-type asteroids and JFCs we performed numerical simulations of their
orbital evolution, assuming density 2 g/cm3 and particle diameter 100 µm.
Numerical simulations have been performed with the swift−rmvs3−pr code
(Nesvorny´ et al., 2006). The code integrates the orbits of massless particles
considering the forces described in equation 2.6, i.e. under the action of
gravity of the Sun and seven planets (Venus to Neptune), radiation pressure,
solar wind and Poynting-Robertson drag. The numerical integration of a
particle orbit is stopped if that particle collide with a planet or if it is
ejected from the solar system or if it drifts to within 0.04 AU (we set 0.04
AU as inferior limit to the particle distance from the Sun because at 0.04
AU the orbital period is comparable to our integration step of 0.041 yr). We
set the duration of our simulations to 10 Myr, a period after which almost
3http://ssd.jpl.nasa.gov/sbdb−query.cgi
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Figure 2.2: initial
orbital inclination
(top panel) and
eccentricity (bottom
panel) as function
of semi-major axis
for the two sets of
micrometeoroids
originated from aster-
oids. Vesta and Hebe
inclination and eccen-
tricity are reported as
blue triangles.
Figure 2.3: initial
orbital inclination
(top panel) and
eccentricity (bottom
panel) as function
of semi-major axis
for micrometeoroids
originated from
JFCs. Ellipses in-
dicate inclination
and eccentricity
range for asteroidal
micrometeoroids of
Fig. 2.2. Inclination
and eccentricity of
six planets (Venus to
Uranus) are reported.
Neptune is beyond
the right edge, at a =
30.1 AU.
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Table 2.2: orbital characteristics of asteroids 4 Vesta and 6 Hebe.
q (AU) Q (AU) a (AU) e i (◦) Ω (◦) ω (◦) M (◦)
4 Vesta 2.15 2.57 2.36 0.09 7.13 103.9 149.8 253.5
6 Hebe 1.93 2.92 2.42 0.20 14.8 138.7 239.5 279.5
Data from the JPL Small-Body database.
q = perihelion; Q = aphelion.
all the orbit integrations have been stopped. The effects of collisions are
neglected in these simulations. This can be an important approximation.
However, results of Nesvorny´ et al. (2010) show that IRAS observations of
the zodiacal cloud are well reproduced when values ≥ 6×105 yr are assumed
for the collisional life time of particles. Nesvorny´ et al. (2010) conclude
that such a collisional life time is long enough to allow Poynting-Robertson
drag to significantly affect the orbital distribution of micrometeoroids with
diameter 100 µm.
As result of our simulations we obtain the orbital evolution of each par-
ticle, from its initial orbit to the moment when integration is stopped. Such
a collection of orbits is assumed as the steady state orbital distribution of
the considered set of particles. This require the assumption of a constant
rate of particle production.
In order to calculate the micrometeoroid impact probability with main
belt asteroids, we selected as targets the asteroids 4 Vesta and 6 Hebe. 4
Vesta is the best candidate to be the parent body of meteorites belonging
to the Howardites-Eucrites-Diogenites (HED) clan (Binzel and Xu, 1993). 6
Hebe was proposed as possible parent body of H chondrites (Farinella et al.,
1993; Migliorini et al., 1997; Gaffey and Gilbert, 1998). More recent studies
have highlighted that Hebe is unlikely the parent body of H chondrites and
that ordinary chondrites groups (e.g. H, L, LL chondrites) more probably
derive from asteroid families (see Rubin and Bottke (2009) for a critical and
detailed discussion). In particular, Rubin and Bottke (2009) suggest some
asteroid families as possible H chondrite parent bodies: the Maria, Koronis,
Eunomia and Flora families. Orbital inclinations and eccentricities of the
four asteroids from which these families take their names are reported in
Fig. 2.4, along with those of Vesta and Hebe. It is possible to see that Hebe
is the asteroid with both the highest inclination and the highest eccentric-
ity, while Koronis is that with both the lowest inclination and the lowest
eccentricity. This suggest that impact probabilities and mean collision ve-
locities could be different for Hebe and Koronis, given their different orbital
parameters. However, Koronis has inclination and eccentricity more close to
those of Vesta, and hence we expect minor differences between two targets
as Vesta and Koronis. Therefore, we selected as targets Vesta because it is
the most probable parent body of HED meteorites, and Hebe because its
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orbital properties are quite different from those of Vesta. In particular both
values of eccentricity and inclination differ for a factor ∼2 (see Tab. 2.2 and
Fig. 2.2).
Once obtained the steady state orbital distribution of asteroidal and
cometary particles, it is possible to calculate their collision probability with
Vesta and Hebe, as well as their mean collision velocity. In doing this, the
gravitational focusing exerted by the target asteroids has been taken into
account. Hence the collision velocity is calculated as
vcoll =
√
v2∞ + v2esc
where v∞ is the micrometeoroid velocity on its orbit and vesc is the escape
velocity of the target. The value of v∞ is calculated from the orbital elements
obtained as results of the numerical integrations by the swift−rmvs3−pr
code.
The probabilities of collision between micrometeoroids and target aster-
oids are calculated considering those orbits of micrometeoroids that inter-
sect the target orbits. For each couple of intersecting orbits, we calculate
the collision probability Pi, following the procedure described by Wether-
ill (1967). Indeed, orbits of micrometeoroids are known at intervals of 104
yr, because this is the interval between results of the orbital evolution sim-
ulations. Therefore, each Pi is relative to a time period of 10
4 yr. The
total collision probability is the sum of all Pi. Eventually, we calculate the
mean collision probability as the mean probability of collision for all par-
ticles present between 2 and 4 AU. This allows us to consider the mass of
asteroidal and JFC micrometeoroids between 2 and 4 AU (see below for
details) as calibration to calculate the mass influx on the selected targets.
The mean collision velocity for a given set of micrometeoroids is obtained
as mean of collision velocities of each impact weighted with the collision
probability. This means that impacts happening at a given speed have little
effect on the mean collision velocity if they have a little impact probability.
Figure 2.4: orbital incli-
nation (top panel) and ec-
centricity (bottom panel) of
the 7 asteroids cited in the
text.
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An essential parameter is the maximum velocity at which micromete-
oroids can be embedded in asteroids without suffering significant altera-
tions. Laboratory experiments have shown that for an impact speed of 1.8
km/s, ordinary chondritic projectiles launched in quartz sand produce in-
tact fragments that have up to 3.7% of the projectile mass (Bland et al.,
2001). In these experiments, for impact speeds between 1.4 and 1.8 km/s,
the largest fragments recovered have a dimension of several hundreds µm,
i.e. those of microxenoliths. However, carbonaceous material has probably
lower strength than ordinary chondritic material. Indeed, Gounelle et al.
(2003), performing numerical simulations similar to those presented here,
assumed 1 km/s as maximum velocity to avoid alterations caused by the
increase of temperature and shocks. In Chappelow and Sharpton (2006) the
adopted value is 1.5 km/s. A more conservative value, 300 m/s, is indicated
in Rubin and Bottke (2009). It is easy to imagine that the maximum value
of speed at which significant alterations are avoided strongly depends on the
projectile and target properties and also on the angle of impact. As here
we do not treat in detail these aspects we assume a conservative value of
1.5 km/s as threshold velocity. This means that, for the evaluation of the
impact probabilities, we do not consider those micrometeoroids that collide
at speed >1.5 km/s. Therefore a large part of collisions is excluded from our
analysis. A comprehensive study of collisions, considering the distribution
of impact velocities, is planned for a future, more detailed work.
To evaluate the amount of asteroidal and JFC material that collide with
the selected targets at low velocity, we use recent estimates of the mass
of the zodiacal cloud. On the basis of the numerical simulations described
in section 2.2, Nesvorny´ et al. (2010) propose for the total mass of the
zodiacal cloud the value of 5.2×1019 g. This value is uncertain by a factor
of ∼2, because it depends on the assumed size and density of the zodiacal
cloud particles. The value quoted above is for simulations that concern
spherical particles with diameter 200 µm and density 2 g/cm3. In this case
Nesvorny´ et al. (2010) report that ∼30% of JFC particles, equivalent to
1.6×1019 g, is within 4 AU from the Sun, and that ∼10% (5.2×1018 g) is
within 2 AU. For asteroidal particles, the mass within 4 AU from the Sun
is 1.3×1018 g, that within 2 AU 5.3×1017 g. These values are summarized
Table 2.3: mass (in 1019 g) of asteroidal and JFC particles in the inner solar system.
Data after Nesvorny´ et al. (2010).
R<2 AU R<4 AU 2<R<4 AU
JFC part. 0.52 1.6 1.08
asteroidal part. 0.053 0.13 0.077
ratio 9.8 12.3 14
R is the distance from the Sun.
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in Tab. 2.3. Therefore, as calibration for the amount of mass present in the
asteroid main belt, where our targets reside, we assume the values proposed
by Nesvorny´ et al. (2010) for the mass between 2 and 4 AU: 1.08×1019
g are due to JFC material, 7.7×1017 g originate from asteroids. These
values are obtained assuming asteroidal particles contribute by 15% to the
zodiacal cloud mass. Indeed this ratio has an uncertainty of a factor ∼2,
as Nesvorny´ et al. (2010) obtain good fits to the zodiacal cloud infra-red
emission considering asteroidal contributions varying between 0 and 22%.
2.4 Results
With the assumptions described above, we calculated the probability
that asteroidal and JFC micrometeoroids collide on the target asteroids
Vesta and Hebe at velocity <1.5 km/s. The results for the collision probabil-
ity and for the mean impact velocity of each impactor population (asteroids
with diameter >15 km, C-, D- and P-type asteroids and JFCs) are reported
in Tab. 2.4. These values are preliminary results. Given the limited number
of simulations we performed and the limited sets of different initial condi-
tions we explored, we estimate our results have an uncertainty of a factor
∼2.
Table 2.4: collision probabilities and mean impact velocity.
source target
collision probability mean impact
(×10−20 km−2 yr−1) speed (km/s)
D>15 km Vesta 3.8 0.2
asteroids Hebe 0.31 0.1
C-, D-, P-type Vesta 8.7 0.2
asteroids Hebe 0.76 0.09
JFC
Vesta 0.27 0.2
Hebe 0.09 0.09
Asteroidal particles, either coming from the whole asteroid main belt
or only from primordial asteroids, have greater collision probability than
cometary particles. For Vesta the ratio between the collision probability of
micrometeoroids from D>15 km asteroids and that of particles from JFCs
is ∼14. Micrometeoroids originated from primordial asteroids have a prob-
ability of collision with Vesta ∼32 times that of JFC micrometeoroids. In
the case of Hebe, these two ratios are ∼3.5 and ∼8.5, respectively.
Considering the zodiacal cloud mass estimations described in the pre-
vious section and the radii of Vesta and Hebe (265 km and 92.5 km, re-
spectively; data obtained from the JPL Small Body Database) we obtain
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the results reported in Tab. 2.5 for the mass of micrometeoroids impact-
ing on Vesta and Hebe. It can be seen that Vesta is supplied with more
asteroidal than cometary material. In particular, the ratio of mass coming
from primordial asteroids to the mass derived from JFCs is ∼2.3. The situ-
ation is inverted for Hebe, which receives more mass from comets than from
asteroids, with a ratio of 4:1 when JFC micrometeoroids are compared to
micrometeoriods originated from D>15 km asteroids.
Table 2.5: micrometeoroid mass influx on Vesta and Hebe.
source target
mass influx
(kg/yr)
D>15 km Vesta 2080
asteroids Hebe 21
C-, D-, P-type Vesta 4720
asteroids Hebe 50
JFC Vesta 2070
Hebe 84
2.5 Discussion
Results in Tab. 2.4 show that the mean impact speed of collisions be-
tween micrometeoroids and target asteroids are very low. We note again (as
described in section 2.3) that such values are calculated without consider-
ing collisions for which the impact speed is >1.5 km/s. However, collisions
selected with such a threshold happen at very low speed, always ≤200 m/s.
This makes us confident that such impacts can produce microxenoliths as
the unshocked microxenoliths observed in H chondrites (chapter 1) and in
Howardites (Gounelle et al., 2003).
Results for the micrometeoroids mass influx on target asteroids (Tab.
2.5) show that, for each source population, Vesta receives annually more
mass than Hebe. The rate of mass received by Vesta is ∼100 times that
for Hebe considering micrometeoroids coming from asteroids >15 km, and
also when micrometeoroids originate from primitive asteroids, while it is
∼25 times that of Hebe considering JFC micrometeoroids. Such mass influx
ratios are in part due to the different size of Vesta and Hebe (265 km and
92.5 km in radius, respectively). However, the ratio between their cross
sections, corrected for the gravitational focusing4, can not reach values as
high as 100. Therefore, the difference in the rate of micrometeoroid mass
4Assuming the target asteroid has a spherical shape, if S = pir2 is the asteroid cross
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accreted by Vesta and Hebe is also due to their different orbital properties.
Namely to the greater inclination and eccentricity of Hebe.
An interesting observation is that also studies of microxenoliths in Ho-
wardites and H chondrites show that Vesta received more micrometeoroids
than the H chondrite parent body. Namely, in chapter 1 we described 21
new microxenoliths found analyzing a total H chondrite surface of 95.2 cm2,
that is ∼0.2 microxenoliths per cm2. And Gounelle et al. (2003) reported the
observation of 71 microxenoliths in Howardites, for a total analyzed surface
of 3.8 cm2, that is ∼18.7 microxenoliths per cm2.
Differences between results relative to D>15 km asteroids and results
relative to C-, D-, P-type asteroids are probably caused by their different
initial orbital distributions. Because of our selection criteria for the list of
1000 asteroids with D>15 km, we consider very few asteroids with semi-
major axis >3.3 AU, while primordial asteroids are abundant beyond this
distance (Fig. 2.2). Further simulations will be performed in the future to
investigate the dependence of our results on initial micrometeoroid orbital
distributions.
The ratio between the mass influx rate from D>15 km asteroids and
the mass influx rate from JFCs is ∼1 for Vesta. Instead, micrometeoroids
originated from primordial asteroids annually supply Vesta with a mass ∼2.3
times that provided by JFC micrometeoroids. Conversely, for Hebe, the
mass influx rate from JFCs is ∼4 times that from D>15 km asteroids, and
∼1.7 times that from C-, D- and P-type asteroids. These results suggest two
different populations could be present between microxenoliths of Vesta and
Hebe. However, our results are uncertain by a factor ∼2 and the same holds
for the amounts of asteroidal and cometary mass in the zodiacal cloud taken
from Nesvorny´ et al. (2010). Therefore, differences of a factor 2 or 4 in the
micrometeoroid mass influx are not sufficient to claim for a clear domination
of asteroidal microxenoliths on cometary microxenoliths, or vice versa. For
the same reason, we think that mass influx rates for different target asteroids
(as those belonging to the Flora, Maria, Eunomia and Koronis families)
would have been similar to results presented here for Vesta and Hebe.
It is interesting to compare our results to the observed populations of car-
bonaceous chondritic microxenoliths (and xenoliths) in HED meteorites and
H chondrites. Namely, the ratios between the mass influx rates of microm-
eteoroids originated from C-, D-, P-type asteroids and those coming from
JFCs suggest that two groups of carbonaceous chondritic microxenoliths,
“asteroidal” and “cometary”, should be observed in meteorites. However,
section (with r = radius of the asteroid) then the gravitational cross section is
Sgrav = S
(
1 +
v2esc
v2∞
)
where vesc is the target asteroid escape velocity and v∞ is the speed of the approaching
micrometeoroid.
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this is not the case. Certainly, carbonaceous chondritic xenoliths and mi-
croxenoliths observed in both Howardites (Zolensky et al., 1996b; Gounelle
et al., 2003, 2005) and in H chondrites (see chapter 1) present petrographic
and mineralogical differences. Indeed, they can be subdivided in differ-
ent groups, usually on the basis of similarities with carbonaceous chondrite
groups. However such differences do not suggest a sharp distinction between
parent bodies, as the possible difference between asteroids and comets. A
possible explication is that primordial asteroids and JFCs can be bodies
that share a common origin. Bodies such as D- and P-type asteroids are
trans-neptunian, comet-like bodies captured and disrupted in the asteroid
main belt after they have been scattered from the Kuiper belt during the
Late Heavy Bombardment (Levison et al., 2009). And Levison and Duncan
(1997) showed that JFCs mainly derive from trans-neptunian objects scat-
tered by planets in the inner solar system. Therefore, even if clearly distinct
from a dynamical point of view, D-, P-type asteroids and JFCs would have
similar structure and composition.
The interesting point here is that C-type asteroids, the most abundant in
the asteroid main belt and commonly assumed as parent bodies of carbona-
ceous chondrites, do not derive from trans-neptunian, comet-like bodies.
Rather, they are indigenous main belt asteroids. This should imply a clear
difference in composition and structure with respect to D-, P-type asteroids
and JFCs, difference that should be present also in xenoliths and microx-
enoliths. As such a clear difference is not observed, the distinction between
indigenous main belt asteroids and comets, clear on a dynamical basis, it
is not so sharp from a compositional and structural point of view. Instead,
our results support the idea of a continuum between asteroids and comets
(Campins and Swindle, 1998; Lodders and Osborne, 1999; Gounelle et al.,
2006, 2008; Genge et al., 2008).
2.6 Conclusions
In this chapter we analyzed possible different sources for microxenoliths
in meteorites. We performed numerical simulations to calculate the collision
probability of micrometeoroids originated from asteroids and JFCs with tar-
gets represented by the two main belt asteroids Vesta and Hebe. To quantify
the mass supplied to Vesta and Hebe by micrometeoroids, we used recent
estimations of the zodiacal cloud mass and of the relative contributions of
asteroids and JFCs to it.
Our results suggest that two groups of carbonaceous chondritic microx-
enoliths, “asteroidal” and “cometary”, could be present between microxeno-
lith of Vesta and Hebe. In particular, the annual mass received by Vesta
from asteroidal micrometeoroids is about twice that received from cometary
micrometeoroids. Conversely, for Hebe the ratio of cometary to asteroidal
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micrometeoroid mass influx rate is ∼4. However, given the uncertainties
present in our simulations, these values do not indicate a clear prevalence of
asteroids or comets as source of microxenoliths. Instead, both populations
of microxenoliths should be present on Vesta and Hebe.
This is somewhat in contrast with observations of microxenoliths (and
xenoliths) in meteorites: two different populations, clearly distinct by their
composition, structure and mineralogy, have never been observed. In most
cases xenoliths and microxenoliths have similarities with known group of
carbonaceous chondrites, as we have seen in chapter 1 for those found in H
chondrites. Indeed, differences among microxenoliths are present, such that
it is possible to classify them as CI-like, CM-like and CR-like. But such
differences do not suggest these microxenoliths derive from parent bodies
as different as asteroids and comets. Therefore, our results suggest that
differences in structure and composition between C-type asteroids (that are
indigenous main belt asteroids), D-, P-type asteroids (supposed to be trans-
neptunian, comet-like bodies captured in the asteroid main belt) and comets
cold be less sharp than previously thought.
Chapter 3
A primordial xenolith in the
Isheyevo carbonaceous
chondrite
Foreword
Text and figures of this chapter have been published as a paper in the
Proceedings of the National Academy of Science. The complete reference is:
Briani G., Gounelle M., Marrocchi Y., Mostefaoui S., Leroux H., Quirico
E. and Meibom A.
“Pristine extraterrestrial material with unprecedented nitrogen isotopic
variation”
PNAS, volume 106 (no. 26), 10522-10527, 2009.
Abstract
Pristine meteoritic materials carry light element isotopic fractionations
that constrain physiochemical conditions during solar system formation.
Here we report the discovery of a unique xenolith in the metal-rich chon-
drite Isheyevo. Its fine-grained, highly pristine mineralogy has similarity
with interplanetary dust particles (IDPs), but the volume of the xenolith
is more than 30,000 times that of a typical IDP. Furthermore, an extreme
continuum of N isotopic variation is present in this xenolith: from very light
N isotopic composition (δ15NAIR = - 310 ± 20), similar to that inferred
for the solar nebula, to the heaviest ratios measured in any solar system
material (δ15NAIR = 4900 ± 300). At the same time, its hydrogen and
carbon isotopic compositions exhibit very little variation. This object poses
serious challenges for existing models for the origin of light element isotopic
anomalies.
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3.1 Introduction
Physical and chemical conditions during the earliest stages of Solar Sys-
tem evolution can be studied in chondritic meteorites and Interplanetary
Dust Particles (IDPs), believed to be among the most primordial objects
left over from the formation of the Solar System some 4.567 billion years
ago (Bouvier et al., 2007). In this work we describe the unaltered miner-
alogy and light element (i.e. hydrogen, carbon and nitrogen) isotopic com-
position of a primordial xenolith in the chondrite Isheyevo. Isheyevo is a
Fe-Ni metal rich (60 vol% on average) chondrite with two dominant litholo-
gies that resemble CB and CH chondritic material (Ivanova et al., 2008).
Apart from Fe-Ni metal grains, this rock is composed of chondrules, rare
Ca-Al rich inclusions (CAIs) and hydrated lithic clasts, but does not oth-
erwise contain fine-grained matrix, which separates high-temperature com-
ponents in most other types of chondritic materials (Ivanova et al., 2008;
Krot et al., 2007; Bonal et al., 2008). In a survey of two polished sections
of Isheyevo (the CH lithology), representing a total area of about 400 mm2,
we identified more than 100 lithic clasts. Their mineralogy has been stud-
ied by Energy Dispersive X-ray (EDX) spectroscopy, Analytical Electron
Microprobe (AEM), Scanning Electron Microscope (SEM) and Transmis-
sion Electron Microscope (TEM). In general, these lithic clasts show a high
degree of aqueous alteration, consistent with previous reports (Krot et al.,
2007; Bonal et al., 2008). This indicates that they are not genetically re-
lated to the high-temperature components in Isheyevo, which do not show
effects of in situ aqueous alteration (Krot et al., 2007; Bonal et al., 2008).
Lithic clasts found in our two sections range in size between 50 and 750
µm. Their mineralogical properties are broadly similar to matrix material
of CI, CM or CR carbonaceous chondrites, i.e. dominated by a fine-grained
matrix composed of sub-µm-size phases, mainly phyllosilicates with vari-
able amount of Fe-Ni sulfides and magnetite. Matrix AEM point analyses
show high contents of S (between 2 and 15 wt%), due to the presence of
either tochilinite and/or Fe-Ni sulfides. Anhydrous silicates such as olivine
and pyroxene, present either as isolated crystals in the matrix or as micro-
chondrules (∼30-60 µm in diameter), are less abundant. Olivine is mainly
Mg-rich, with compositions ranging from Fo98 and Fo84, with a mean value
of Fo89 [Fo is defined as the mol% ratio Mg/(Mg+Fe)]. Pyroxene ranges in
composition between En63−98 Wo0−4 Fs1−36 [En = Mg/(Mg+Fe+Ca) mol%;
Wo = Ca/(Mg+Fe+Ca) mol%; Fs = Fe/(Mg+Fe+Ca)]. Magnetite is very
abundant in some lithic clasts, and absent in others. Carbonates are rare,
but have been identified in some cases. Sulfide grains are mostly pyrrhotite,
with some rare grains of pentlandite. Metal is present as small, µm-sized
grains associated with sulfides. Among the ∼100 lithic clasts studied here,
one stood out by its distinct textural and mineralogical properties and for its
extreme variation in N isotopic composition. We describe here the discov-
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ery of this primordial xenolith (hereafter named PX-18) and the implications
concerning models for light element fractionation.
3.2 PX18: mineralogy
PX-18 is a dark xenolith (∼ 380×470 µm2) dominated by a very fine-
grained matrix, mainly composed of anhydrous Mg-rich silicates, with tiny
Fe-Ni sulfides grains and magnetite (Fig. 3.1A). High resolution SEM images
and EDX spectral analyses revealed a matrix composed of sub-µm-sized
crystals, including Mg-rich olivine and pyroxene crystals (Fo84−89; En89−95
Wo0−4) with sizes of about 1-2 µm, Fe-Ni metal grains, magnetite and very
rare carbonates grains. TEM examination confirmed that PX-18 matrix is
primarily composed of crystalline, anhydrous silicate grains, mainly Mg-rich
pyroxene, with a few, µm-sized, forsterite (Fo97−99 grains (Fig. 3.1B).
Low-Ca pyroxene grains show a wide compositional range (En63−100,
Wo0−5) but enstatite clearly dominates (36% of analyzed grains has En99−100).
The most fine-grained phase (labelled “mx” in Fig. 3.1B) contains abun-
dant Fa-rich olivine (grain size 20-100 nm) with compositions ranging from
Fo24 to Fo70, and an average around Fo40. Small Fe-Ni metal and Fe-oxide
grains are present as minor components between silicates. Importantly, high
resolution TEM observations did not yield any occurrence of layered phyl-
losilicates, which seem to be absent from PX-18. These observations indi-
cate that PX-18 is mineralogically similar to other primitive material, such
as chondritic porous IDPs (Bradley, 2003) and comet 81P/Wild2 samples
returned by the Stardust mission (Zolensky et al., 2006). Clearly, PX-18 has
avoided the extensive aqueous alteration that affected the other xenoliths
in Isheyevo (Ivanova et al., 2008) and therefore represents a more pristine
sample, which might have better preserved isotopic anomalies of light ele-
ments.
3.3 PX18: isotopic composition
We performed isotopic composition analyses of PX-18 and four other
xenoliths, covering a total area of 30400 µm2. The isotopic ratios D/H,
13C/12C and 15N/14N were imaged by multi-collection secondary ion mass
spectrometry, using a CAMECA NanoSIMS N50. We report our results in
the δ-notation, which expresses the deviation in parts per thousand from ter-
restrial standards (i.e. the SMOW value for the D/H ratio, the atmospheric
15N/14N ratio for N and the PDB value for 13C/12C). NanoSIMS imaging
of the H isotopic composition in the five xenoliths yielded homogeneous dis-
tributions with average δDSMOW values ranging between -70 ± 20 and
420 ± 50. In other words, the bulk D/H ratios obtained are generally
higher than the SMOW value, but no extreme D/H ratios were observed,
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Figure 3.1: PX-18 in the Isheyevo chondrite. (A) High resolution SEM image. The
minimum and maximum dimensions of PX-18 are 380 µm and 470 µm respectively. This
xenolith is clearly dominated by matrix, but some large olivine and pyroxene grains are
also visible. White inclusions are metal grains. The black arrow indicates the point from
which the TEM thin section showed in (B) has been extracted. (B) TEM bright-field
micrograph of a thin section extracted by focused ion beam (FIB) technique from PX-18
in Isheyevo. Individual analyses made by TEM are reported in the figure. A large olivine
grain (Fo100) is visible at the bottom of the section. En labels indicate pyroxene grains
with En98−100. The other pyroxene grains analyzed are: px1 (En87 - Wo1); px2 (En91
- Wo1); px3 (En63 - Wo1); px4 (En95 - Wo1); px5 (En93 - Wo1). Fe-Ni metal grains
(met) are visible in the left part of the section. Two grains of pyrrhotite are also present
(pyr). Labels mx indicate a very fine-grained matrix, composed of tiny crystals and minor
amorphous material, with average composition frequently close to olivine Fo60.
neither in bulk nor as individual hotspots, compared to previous studies of
IDPs Floss et al. (2006) and insoluble organic matter (IOM) extracted from
primitive chondritic meteorites Busemann et al. (2006). Carbon isotopic
compositions were also found to be relatively homogeneous within individ-
ual xenoliths with values ranging from δ13CPDB = -35 ± 3 to -17 ± 2.5,
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Isotopic measurements for eight 40×40-µm2 images from PX-18.
Image Area Average δ15NAIR > 250 δ
15NAIR < 0 Number of
name (µm2) δ15NAIR () (% area) (% area) hotspots
g−31 394.6 140 ± 13 34.26 27.42 3
g−32 541.2 630 ± 20 92.63 1.05 10
g−33 507.6 700 ± 17 95.76 0.79 2
g−41 1218.9 220 ± 9 35.89 29.95 7
g−42 1082.9 640 ± 11 89.67 1.45 16
g−48 888.6 110 ± 20 23.48 43.18 7
g−49 601.4 30 ± 22 28.78 52.63 0
g−53 995.8 80 ± 17 28.26 46.67 1
Table 3.1: The column labelled “Area” reports the fraction of each ratio image that
has a number of 14N counts at least equal to 5% of the 14N-image maximum. Average
δ15NAIR values are evaluated only on these image portions. These same regions also
define for each image the basic area to which percentages of δ15NAIR > 250 and
δ15NAIR < 0 refer.
comparable to bulk C isotopic composition of chondritic meteorites (Pearson
et al., 2006) and IOM (Alexander et al., 2007). The N isotopic compositions
yielded a dramatically different data set. For all five xenoliths, systematic
bulk enrichments in 15N were observed, with δ15NAIR ranging from 110 ±
10 to 318 ± 16. Even larger N isotopic anomalies were found in the
mineralogically primitive PX-18. The main characteristics of the N isotopic
distribution in PX-18 are: 1) large areas with a diffuse, but substantial en-
richment in 15N over the surrounding material (Fig. 3.2A); 2) extremely
15N-enriched, localized anomalies (hereafter called hotspots, Fig. 3.2B); 3)
areas with negative δ15NAIR values, comparable to those of the solar nebula
(11-13). A total of 13 NanoSIMS images were obtained from PX-18, cov-
ering an area of ∼12800 µm2. These images have average δ15NAIR values
that range between 30 ± 20 and 700 ± 20, indicating a highly het-
erogeneous distribution of the 15N/14N ratio in PX-18 (Table 3.1). In three
images obtained on PX-18 (each 40×40 µm2) more than 90% of the surface is
characterized by δ15NAIR ≥ 250 and very elevated average δ15NAIR values
(630 ± 20, 640 ± 11 and 700 ± 17). These high values are not due
to the presence of only a few small anomalously 15N-rich regions, but rather
to the occurrence of a diffuse 15N-rich component, present in large fractions
of the images (Fig. 3.2A; Table 3.1). This is demonstrated by the frequency
distribution of δ15NAIR values obtained from a grid of 600×600 nm2 squares
laid over each δ15NAIR image. The resulting frequency distributions (Fig.
3.3) clearly show continuous and broad ranges of δ15NAIR values, centered
on the δ15NAIR average value obtained for each image.
In addition to the diffuse distribution of 15N-enriched material, forty-six
15N hotspots with extremely high δ15NAIR were observed in PX-18 (Fig.
3.2B). These hotspots, with areas of ∼ 1 µm2, are distinct from the afore-
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Figure 3.2: Results of NanoSIMS measurements on PX-18: the δ15NAIR distribution
of two 40×40 µm2 regions (A, B) and hotspots with internal structures (C, D, E). Color
scale has been changed for images C to E in order to better show internal structures of
hotspots. In all the images, the black areas are regions in which precise isotopic ratios
could not be determined. These pixels have therefore been removed from each image. (A)
Region with average δ15NAIR = 640 ± 11. About 90% of this image is characterized
δ15NAIR ≥ 250 (Table 3.1). Several hotspots are also visible (indicated by white arrows).
(B) Area with average δ15NAIR = 700 ± 17. Two hotspots, approaching δ15NAIR =
4000, are indicated by arrows. (C) The hotspot is 0.598 µm2 (∼773×773 nm2) in size
and has δ15NAIR = 3200 ± 150. The yellow internal region has a surface of 0.251
µm2 (∼500×500 nm2) and δ15NAIR = 4110 200. 15N-richer, white areas are visible.
They have δ15NAIR = 4900 ± 300, and a total surface of 0.0967 µm2 (∼310×310 nm2).
This is the only case in which is possible to define two internal structures in the same
hotspot. (D) For the larger isotopic anomaly (1.29 µm2, δ15NAIR = 2600 ± 170) an
internal hotspot corresponding to the yellow region can be defined, with δ15NAIR = 3700
± 300 and a surface of 0.467 µm2 (∼683×683 nm2). For the smaller isotopic anomaly
(1.1 µm2, δ15NAIR = 1700 ± 110), the internal hotspot has an area of 0.124 µm2
(∼352×352 nm2), with δ15NAIR = 3000 ± 300. (E) Again, the yellow region represents
the internal hotspot, corresponding to δ15NAIR = 3100 ± 470 with a surface of 0.079
µm2 (∼280×280 nm2) [for the entire hotspot the size is 0.896 µm2 (∼946×946 nm2) and
δ15NAIR = 1800 ± 160].
mentioned, broad 15N-enriched zones, because their δ15NAIR values minus a
3σ error bar (where σ is the error on the hotspot δ15NAIR value) are higher
than the average δ15NAIR value for the image plus 3σav (where σav is the
error on the average δ15NAIR value of the entire image). These hotspots
are highly heterogeneously distributed. For example, one NanoSIMS image
(40×40 µm2) contains no hotspots, while other areas in PX-18 of similar
size have between 2 and 10 hotspots, and one image contains as much as 16
hotspots (Table 3.1). All the 15N hotspots have sizes larger than 300×300
nm2, up to ∼ 2×2 µm2. The highest δ15NAIR for a single hotspot is 3200 ±
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Figure 3.3: Frequency distribution for
δ15NAIR values of three 40±40 µm2 im-
ages from PX-18. These distributions
are obtained from a grid of 600×600
nm2 regions of interest (ROIs) laid over
each NanoSIMS image in areas for which
12C14N signal was at least 5% of the im-
age maximum. See Table 3.1 for aver-
age values of each image. Vertical scale
is the number of square ROIs in each
δ15N bin. The right-hand tails of these
distributions are due to hotspots, but
the correspondence between ROIs and
hotspots is only partial, because the ran-
domly distributed, 600×600 nm2 ROIs
do not exactly match hotspots. (A) Im-
age g−32, the distribution is obtained
from a total surface of 410.45 µm2. (B)
Image g−33, the distribution is obtained
from a total surface of 325.5 µm2. The
distribution also contains a hotspot at
δ15NAIR = 3900 (visible in the in-
set). (C) Image g−42, the distribution is
obtained from a total surface of 639.45
µm2.
150.
However, several hotspots exhibit distinct internal structures, i.e. small
internal regions with even higher values of δ15NAIR. Four such cases have
been identified (Fig. 3.2C, 3.2D, 3.2E), in which the averages δ15NAIR values
for each hotspot are 1700 ± 110, 1800 ± 160, 2600 ± 170 and 3200
± 150, and in which there are sub-regions with higher δ15NAIR values of
3000 ± 300, 3100 ± 500, 3700 ± 300 and 4900 ± 300 respectively.
These hotspot sub-regions are the highest δ15NAIR values ever measured in
Solar System material: 3700 ± 300 and 4900 ± 300 (Fig. 3.4).
We stress here that these are results obtained by in situ measurements,
and hence they represent an isotopic composition that is a mix of the 15N-
rich phase with other, 15N-poor phases. This implies that our highest
δ15NAIR values are a lower limit for the
15N enrichment in the carrier phase.
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Figure 3.4: δ15NAIR values measured in PX-18, compared with other data for Solar Sys-
tem materials. Ranges reported in the figure comprise results from bulk measurements
as well as from hotspots. The mean δ15NAIR for the whole PX-18 is 318 ± 16. Bulk
δ15NAIR values for the other materials reported in the figure range between -52.5 and
2500 for CB/CH chondrites (31-33), between -108 ± 9 and 500 ± 20 for IDPs (7),
between -54  and 452 for Wild2 samples [more negative values are due to the pres-
ence of 15N-poor, 13C-rich hotspots (34)] and between -66 ± 3 and 415 ± 2 for IOM
extracted from carbonaceous chondrites (8, 10). The in situ measurements, and those on
IOM, have been obtained by SIMS techniques. Stepped combustion has been performed
for CB/CH chondrites. For HCN molecules in comets, astronomical spectroscopy mea-
surements (35) yielded values of δ15NAIR = 330 ± 450 (for comet Hale-Bopp) and 960
± 370 (for comet 17P/Holmes). For CN molecules in comets, δ15NAIR values range
between 650 ± 400 and 1100 ± 450 (35, 36). The values of the N isotopic com-
position for the solar nebula are obtained from measures on: 1) ammonia in the Jupiter
atmosphere analysed by the Galileo spacecraft [δ15NAIR = 370 ± 80, (13)]; 2) solar
wind N implanted in lunar regolith grains [δ15NAIR ≤ 240, (12)]; 3) an osbornite (TiN)
inclusion in a CAI of Isheyevo [δ15NAIR = 359 ± 5, (11)].
Regions with negative δ15NAIR values have been also identified in PX-18.
In some case they represent up to 52% of the analysed surface (Table 3.1).
The global mean δ15NAIR value evaluated from all the image fractions with
negative δ15NAIR is -150 ± 30, and the minimum value measured for a
single image is δ15NAIR = - 310 ± 20 (Fig. 3.4). This latter value is
consistent with values inferred for the solar nebula (11-13) from previous
measurements (see Fig. 3.4 for details). The large range of δ15NAIR values
observed in PX-18 from Isheyevo (Fig. 3.4) greatly expands the range of N
isotopic composition for a single extraterrestrial object or type of material
(e.g. IOM). On one hand, the heaviest N isotopic compositions observed
(δ15NAIR = 3700 ± 300 and 4900 ± 300) are enriched in 15N by fac-
tors of 4.7 and 5.7, respectively, compared to terrestrial atmospheric N and
even more (factors of 7.3 and 9.1, respectively) when compared to the best
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estimate for the N isotopic composition of the solar nebula Meibom et al.
(2007). On the other hand, negative δ15NAIR values (δ
15NAIR = - 310 ±
20) similar to those of the solar nebula and corresponding to the low-
est observed values, have also been measured. This, combined with PX-18
unique mineralogy, is consistent with the notion that only the most pristine,
unaltered material can preserve primordial isotopic compositions in light
elements.
Figure 3.5: (A) High-resolution SEM image of a PX-18 matrix area corresponding to one
hotspot, indicated by the green ellipse. Red crosses labelled with numbers are the points
analysed by EDX spectroscopy. (B, C) EDX spectra of points number 1 and 5 respectively.
The first peak on the left is that of carbon, clearly evident in these two spectra. (D) EDX
spectrum of point number 3. In this case the C peak is smaller, corresponding to the
background signal due to the section carbon coating.
3.4 The carrier phase of the N anomalies
To verify whether 15N hotspots in PX-18 are associated with specific
carriers it is possible to exploit the high spatial resolution of the NanoSIMS
images (100 - 200 nm). By comparing NanoSIMS images with high reso-
lution SEM images (Fig. S1), the site of the 15N hotspots in PX-18 were
located in the matrix and studied in more detail. Several important obser-
vations were made: i) hotspots have linear dimensions substantially larger
than the size of typical matrix grains (see Fig. 3.5 for an example), ii)
typically, hotspot regions contain abundant, sub-µm-sized grains of Mg-rich
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Figure 3.6: G-diagram for results of Raman analyses on PX-18: the spectral parame-
ter FWHM-G plotted against the peak position ωG. This diagram reflects the degree of
thermal metamorphism and structural order of the organic matter. The solid and dashed
lines show the range of values for chondritic meteorites and IDPs respectively (Sandford
et al., 2006). CM measurements were obtained from matrix of Murchison (CM2) and Cold
Bokkeveld (CM2).
pyroxene and magnetite, iii) EDX spectra of hotspot regions show a general
enrichment in C with respect to spectra obtained in other regions of PX-18
(Fig. 3.5).
Presolar SiC grains or nanoglobules (Nakamura-Messenger et al., 2006)
can be excluded as the carrier phase of the N isotopic anomalies because a)
they generally have smaller size than the diffuse 15N enrichments observed
here, b) if 15N hotspots were due to presolar grains or nanoglobules, they
would be identified in high resolution SEM images at the hotspots loca-
tions (or in TEM observations) c) organic nanoglobules have D enrichments
(Nakamura-Messenger et al., 2006), not measured in PX-18 and d) most
SiC grains carry with them large anomalies in C, which are not observed
(Nittler, 2003). Together, these observations lead to the conclusion that
15N hotspots in PX-18 are due to the presence of organic matter (OM).
The spatial extension of 15N-rich regions in PX-18 suggests the presence of
a diffuse component as carrier of these anomalies. Indeed, macromolecu-
lar OM has been identified in PX-18 by Raman spectroscopy. PX-18 was
analyzed together with matrix fragments extracted from pristine chondrites
that were used as standards: Murchison (CM2), Cold Bokkeveld (CM2),
Semarkona (LL3.00) and Bishunpur (LL3.15). The spectra exhibit the first-
order carbon bands D and G, superimposed onto a fluorescence background
indicating that the macromolecular OM is widespread and abundant. In-
spection of the combined set of spectra (Fig. S2) shows that in PX-18 these
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two bands are wider and more overlapping than in the type 3 ordinary chon-
drites Semarkona and Bishunpur. This suggests a lower degree of thermal
metamorphism in PX-18 macromolecular OM. The Lorentz-Breit-Wigner-
Fano (LBWF) fit analysis confirmed the visual analysis of the spectra. The
values of the spectral parameter FWHM-D (D band full width at half max-
imum), which is a sensitive tracer of thermal metamorphism (Bonal et al.,
2007), rule out the presence of significant thermal metamorphism. Raman
spectra from PX-18 have mean FWHM-D of 268 ± 8 cm−1 (Fig. S3), a value
between those of the metamorphosed chondrite Bishunpur (170 ± 20 cm−1)
and Semarkona (250 ± 3 cm−1) and those of the little metamorphosed Cm2
Cold Bokkeveld (282 ± 12 cm−1). To characterize highly disordered car-
bonaceous matter, the most suitable spectral parameters are FWHM-G and
ωG (G band peak position). A rough comparison can be made with data
from IDPs and chondrites (Sandford et al., 2006), keeping in mind that dif-
ferent experimental conditions have been used. The G-diagram (Fig. 3.6)
indicates that the macromolecular OM in PX-18 has a degree of thermal
metamorphism lower than that of the Bishunpur and Semarkona chondrites
and comparable to that of organic matter present in IDPs.
3.5 Nitrogen fractionation
Excluding a stellar nucleosynthesis origin (i.e. related to presolar grains)
for the observed N isotopic anomalies, processes such as self-shielding and
low-temperature ion-molecules reactions can be considered. Self-shielding
(Thiemens and Heidenreich, 1983) is still being explored as an explanation
for O fractionation in early solar nebula (Lyons and Young, 2005; Clayton,
2002; Yurimoto and Kuramoto, 2004) and it has been proposed to be effec-
tive also for N in the protosolar accretion disk (Clayton, 2002). However,
quantitative models for N fractionation due to self-shielding have not been
developed and the extent of N isotopic fractionation by this process is un-
known. Models for isotopic fractionation by low-temperature ion-molecule
reactions can produce values of δ15NAIR as high as those observed in PX-
18. In the most recent model (Rodgers and Charnley, 2008), which invokes
chemical reactions with N-containing molecules under dark molecular cloud
conditions, values for δ15NAIR of > 9000 for external layers of NH3 ice
accreted on dust grains are obtained. Transfer of fractionated N from NH3
ice to organic matter is achieved by UV-induced transformations into poly-
cyclic aromatic hydrocarbons (PAHs). PAHs are abundant in the gas phase
where N fractionation take place and they can condense on dust grains and
form ice (Bernstein et al., 2002). Experiments on various coronene-ice mix-
tures at low temperature (15 K) and low pressure have shown that -NH2
functional groups present in the ice can be added to PAHs by the action of
UV photolysis (Bernstein et al., 2002).
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However, a fundamental problem is that low temperature ion-molecule
reactions are also predicted to produce strong deuterium enrichments in or-
ganic matter (Bernstein et al., 2002; Roberts et al., 2003), which are not
found in PX-18 or any other xenolith in Isheyevo. Other previous studies
[e.g. Ivanova et al. (2008); Pearson et al. (2006); Alexander et al. (2007)]
have also found that H and N anomalies are decoupled in extraterrestrial
matter. These results call for a new theoretical and experimental approach,
which must be able to provide an explanation for the decoupling of these
light element isotopic variations. The primitive mineralogy of PX-18, in
combination with the extreme range of N isotopic variation and the un-
metamorphosed organic matter it preserves, indicate that PX-18 represents
a new class of extremely pristine extra-terrestrial material, which might sam-
ple little processed outer Solar System bodies. A Kuiper Belt parent body
is a likely possibility. The presence of outer Solar System material in an
asteroidal body is a natural consequence of the idea that xenoliths represent
samples of primordial matter scattered throughout the Solar System during
the Late Heavy Bombardment (Briani and Gounelle, 2008). In the con-
text of global scattering and mixing of bodies (Gomes et al., 2005), objects
composed of more fragile and/or unconsolidated material, such as primor-
dial chondritic planetesimals, comets and Kuiper Belt objects, are greatly
affected by collisions (Levison et al., 2008a), and can produce fragments
that are scattered throughout the Solar System and become embedded in
meteorite parent bodies.
3.6 Materials and methods
To search for primordial xenoliths, preliminary SEM and EDX spectral
analyses of two Isheyevo polished sections have been performed at the Labo-
ratoire de Mine´ralogie et Cosmochimie du Muse´um of the Muse´um National
d’Histoire Naturelle (Paris, France) by means of a JEOL JSM 840-A SEM
equipped with an EDAX Genesis X-rays detector, using a 3 nA primary
beam accelerated by a 15 kV potential difference. High resolution SEM im-
ages have been acquired at the University of Paris VI using a Zeiss Supra-55
VP field emission SEM, with a 4 nA, 10 kV accelerated primary beam. By
the same instrument, EDX spectral analyses of sub-µm-sized grains in the
matrix of PX-18 have been performed. Quantitative analyses for the min-
eralogical composition of xenoliths have been obtained with a CAMECA
SX-100 electron microprobe at the University of Paris VI. A 10 nA focalized
beam, accelerated by a 15 kV potential difference, is used for point analyses
of xenoliths silicates, oxides and metals. For TEM analyses two thin sec-
tions have been extracted from PX-18 by focused ion beam technique at the
Institut d’E´lectronique, de Microe´lectronique et de Nanotechnologie (Lille,
France). Individual matrix grains have been analyzed by a Philips CM 30 at
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the Laboratoire de Structure et Proprie´te´s de l’Etat Solide of the Universite´
des Sciences et Technologies (Lille, France). The accelerating voltage was
300 kV. EDX microanalyses have been realized by a Noran detector. Ra-
man measurements have been performed at the Laboratoire de Sciences de
la Terre (ENS Lyon, France) with a Labram spectrometer (Horiba-Jobin-
Yvon), equipped with a Spectra Physics Argon ion laser using 514.5 nm
excitation. The laser beam was focused by a microscope equipped with a
long distance working objective (x50), leading to a 2-3 µm spot. The re-
producibility of Raman measurements on poorly ordered macromolecular
organic matter is controlled by atmospheric conditions, irradiation time and
power on the sample, due to heating and photo-oxidation effects during ir-
radiation (Quirico et al., 2005). Hence spectra have been acquired under
strictly constant experimental conditions: power at the sample surface was
400 ± 5 µW, exposure time of each measurement was 90 s and under an
inert argon atmosphere. A 600 gr/mm grating has been used and provided
with spectra in the spectral region 500 - 2200 cm−1, recovering the first
and second order carbon bands. Raman spectra have been quantitatively
analyzed by fitting the first-order carbon bands using a Lorentzian profile
for the D peak, and a Breit-Wigner-Fano one for the G peak [LBWF fit:
see Ferrari and Robertson (2000) for a discussion regarding the choice of
these profiles]. The spectral parameters derived from the LBWF fit are
the width of the bands FWHM-G and FWHM-D and their peak position
ωG and ωD. Secondary ion mass spectrometry analyses were performed
with a NanoSIMS CAMECA N50 at the Laboratoire de Mine´ralogie et Cos-
mochimie du Muse´um of the Muse´um National d’Histoire Naturelle of Paris.
We have used a Cs+ primary beam in two sessions. The first session for de-
tection of H- and D- (with a current on the sample of ≈ 40 pA) and the
second one for 12C−, 13C−, 12C14N− and 12C15N− (current on the sample
≈ 4 pA). In each case an electron beam has been used to compensate for
charging effects. For H isotopes measurements, the experimental set up was
such that the mass resolution was ∆M/M greater than or equal to 2000.
For C and N isotopes a larger mass resolution is needed, so the machine
was set up to yield ∆M/M between 7500 and 8000. This is necessary in
order to prevent possible interferences between different isotope masses, e.g.
11B16O− on 12C15N−. To determine the instrumental mass fractionation
(IMF) we have used as standard reference a type III kerogen, with known
isotopic compositions of H, C and N in the same reference sample. The IMF
was on the order of -315 ± 5 for H, -50 ± 1 for C, and -6 ± 4 for N.
We selected for isotopic analysis a few 40×40 µm2 matrix-dominated regions
from five xenoliths of Isheyevo. These regions were exposed to high Cs+ cur-
rent (∼ 1 nA) for 15-20 minutes before analyses, in order to reach sputtering
equilibrium. Measurements were made in scanning imaging mode. For each
selected region, between 7 and 35 plans composed of 256×256 pixels were
collected. Measurement time was 65.536 seconds per plan in the case of H
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isotopes, 327.68 seconds per plan for C and N isotopes. Where hotspots
were found, close-up analyses on ∼10×10 µm2 areas have been performed.
Details for data reduction can be found in the on-line Supporting Informa-
tion. Here we stress our criteria to define hotspots in 15N/14N ratio images.
A selected region of interest (ROI) in one image is defined as a hotspot if:
1) (δ15NAIR)hotspot - σhotspot > (δ
15NAIR)av + 3σav, where σhotspot is the
error on the (δ15NAIR)hotspot value of the selected ROI and (δ
15NAIR)av and
σav are the average δ
15NAIR value and error for the entire image; 2) the
hotspot is larger than the image spatial resolution (all potential hotspots
with size smaller than 250250 nm2 have been discarded); 3) each individual
plan that composes the image has a 15N/14N ratio that differs no more than
3σmean from the mean
15N/14N ratio (where σmean is the standard deviation
calculated from the all set of isotopic ratios relative to the same ROI). The
errors reported in the text express a 2σ confidence level.
3.7 Acknowledgements
We gratefully acknowledge three anonymous reviewers that carefully
went through the manuscript and suggested corrections and improvements.
This study was funded by the Programme Nationale de Planetologie (PNP)
and the European grant ORIGINS [MRTN-ct-2006-035519]. The National
NanoSIMS facility at the Muse´um National d’Histoire Naturelle was estab-
lished by funds from the CNRS, Re´gion Iˆle de France, Ministe`re de´le´gue´ a`
l’Enseignement supe´rieur et a` la Recherche, and the Muse´um itself.
3.8 Supporting Information
Materials and methods
For the measured isotopic compositions, we report our results in the
d-notation, which expresses the deviation in parts per thousand from ter-
restrial standards. For example, the 15N/14N isotopic ratio is expressed as
δ15NAIR, defined by
δ15NAIR =
(
(15N/14N)measured
(15N/14N)air
− 1
)
× 1000.
In order to evaluate the isotopic ratios of the xenoliths analyzed areas we
adopted the following procedure. Before calculations of the different isotopic
ratios, individual plans of the same region have been added together after
shift correction. Average values of δDSMOW, δ
13CPDB and δ
15NAIR have
been evaluated for each isotopic image after selection of the image portion
with sufficient counts (5% of the image maximum) of the denominator iso-
tope involved. Only N ratio images of PX-18 show isotopic anomalies. They
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were more extensively analyzed, first to investigate the presence of diffuse
isotopic anomalies (i.e. on areas of several µm2). For each N ratio image the
fraction with δ15NAIR > 250 has been evaluated as a measure of general
15N enrichment (Table 3.1). To verify the presence of large zones with high
isotopic ratio, a complementary procedure has been used. Starting from
images of 14N distribution, all the image pixels with counts above 5% of im-
age maximum are divided into small square regions of interest (ROIs) (with
area of 600×600 nm2, i.e. substantially larger than the spatial resolution
of the NanoSIMS) for which isotopic ratios are evaluated. In this case no
effort is made to identify the highest isotopic ratios, and the presence of a
large, isotopic anomalous region is confirmed if a continuous distribution on
a wide range of δ15NAIR values is found (Fig. 3.3). To evaluate the pres-
ence of hotspots in ratio images, taking into account that different images
present different average δ15NAIR values, we searched for ROIs with δ
15NAIR
> (δ15NAIR)av + 3σav (i.e. more than the image average value + 3 times
the error) (Table 3.1). In addition, we also verify if the δ15NAIR of these
ROIs, with its own 3σ error bars, is larger than (δ15NAIR)av + 3σav. To
summarize, a hotspot must have (δ15NAIR)hotspot 3σhotspot > (δ
15NAIR)av
+ 3σav. This is the first condition required to define a hotspot, i.e. a re-
gion with 15N/14N ratio beyond the range of statistical fluctuations of the
isotopic distribution in the analyzed area. The second condition is that a
hotspot must be larger than the image spatial resolution, determined by the
NanoSIMS primary beam size. With the setup adopted to detect C and N
isotopes, the primary beam size is between 100 and 200 nm. As a conser-
vative estimate, all potential hotspots with size smaller than 250×250 nm2
have been discarded. Third, the 15N/14N ratio of each individual plan (i.e.
calculated from a single pair of 15N and 14N images) for which |15N/14N
– 15N/14Nmean | > 3σmean has been rejected (here σmean is the standard
deviation calculated from the all set of isotopic ratios relative to the same
ROI). With these criteria, we identified forty-six hotspots, and there are
four cases in which all these three conditions are fulfilled by areas that are
completely enclosed in larger hotspots (Fig. 3.2C, 3.2D, 3.2E). Finally, in
order to consider minimum spatial scales larger than the resolution of the
NanoSIMS, hotspots have been identified in smoothed images (i.e. in images
where the value of a pixel is the mean of a box whose area is larger than
the NanoSIMS spatial resolution). Errors have been evaluated as follows:
for each image and each ROI, the error of the average isotopic ratio has
been assumed to be the greatest between errors due to counting statistics
and errors due to measure dispersion among successive cycles that form the
image. Combining these errors from measures on samples and on standards,
and taking into account the IMF correction, we obtained errors for d values.
The final values reported in the text express a 2σ confidence level.
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Supporting figures
Figure S1: comparison between two NanoSIMS (A and B, on the right) and a high
resolution SEM (C, on the left) images of the same region of PX-18. The two different
techniques by which these images have been obtained imply sampling at different depth in
PX-18. NanoSIMS analyses are based on sputtering of sample atoms, and only the very
superficial atomic layers are concerned. With a measure time of 327.68 s/imagine and a
4 pA beam current, as in this work, a thickness of only a few nm is removed per image.
High resolution SEM images have been acquired with an electron beam accelerated by a
10 kV potential difference, i.e. the interaction with the sample extends to a depth of 2
µm. Notwithstanding these differences, it is possible to identify some common features
(here indicated by numbers) and therefore to find the hotspot location. (A) NanoSIMS
image for 12C, the hotspot is indicated by a white arrow and a white ring, lower left, near
the area labelled # 1. (B) NanoSIMS image is for 12C14N, the hotspot (white arrow) is
below area # 9. In the SEM (C) image the hotspot location is indicated by the green
spot. This type of comparison has been done for five 10×10 µm2 and two 40×40 µm2
different areas form PX-18. In no case there are individual mineral phases corresponding
to hotspot locations. Rather, hotspots are in matrix dominated area, and their sizes are
always larger then those of matrix mineral grains (Fig. 3.5 in the main text).
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Figure S2: typical Raman spectra of PX-18 and matrix fragments from Semarkona (LL
3.00) and Bishunpur (LL 3.15). Raman spectra of PX-18 exhibit significant fluorescence
background, indicating abundant organic matter.
Figure S3: D-diagram for results of Raman analyses on PX-18: the spectral parameter
FWHM-D plotted against the peak position omegaD. This diagram reflects the degree of
thermal metamorphism of the organic matter, as indicated by the arrow. All the spectra
presented in this figure have been acquired with identical experimental conditions. For
this reason a direct comparison between spectra is possible, to evaluate the relative degree
of thermal metamorphism suffered by the samples. The D-diagram clearly shows that
the Raman spectra of the PX-18 organic matter are between those of type 3 ordinary
chondrites and those of less metamorphosed CM2 carbonaceous chondrites.
Chapter 4
Organic matter in Isheyevo
microxenoliths
Summary of Chapter 4
Raman spectroscopy is a powerful technique to characterize organic mat-
ter in extraterrestrial samples. In the case of metamorphosed chondrites
(petrologic type 3), the organic matter structure is interpreted in terms of
degree of metamorphism (Quirico et al., 2003; Bonal et al., 2006, 2007).
In the case of unmetamorphosed objects, slight structural differences have
been differently interpreted depending on the sample, e.g. as due to ox-
idation in Antarctic micrometeorites (Dobrica˘ et al., 2009), to short du-
ration heating in metamorphosed CM chondrites (Quirico et al., 2009b),
to the heterogeneity of the precursors accreted by carbonaceous chondrites
and IDPs/Antarctic micrometeorites: (Quirico et al., 2008a; Dobrica˘ et al.,
2009). However, the interpretation is generally more difficult and less con-
cluding.
The typical Raman spectrum of chondritic organic matter exhibits two
dominant peaks, called first-order G and D carbon bands. They provide
information on the nature and structure of the material (e.g. amorphous
vs polyaromatic) and/or the degree of structural order, when considering
samples within a coherent series exhibiting a continuous evolution.
Following results described in the previous chapter for the primordial
microxenolith PX-18, we report in this chapter a Raman spectroscopy anal-
ysis of organic matter contained in five microxenoliths of the carbonaceous
chondrite Isheyevo, along with that of insoluble organic matter (IOM) ex-
tracted from several carbonaceous chondrites, in order to compare both
types of samples. We collected Raman spectra using three different exci-
tation wavelengths (244, 457.9 and 514.5 nm) to take advantage of the so-
called dispersion effect, i.e. the analysis of how spectral parameters change
with excitation wavelength. This approach is expected to provide more
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unambiguous data than analyses based on spectra collected with only one
excitation wavelength. Indeed, for very disordered macromolecular organic
matter, distinct samples can exhibit similar Raman spectra at a given exci-
tation wavelength. Analysis of Raman spectra based on the dispersion effect
has been successfully applied to various synthetic carbon films (Ferrari and
Robertson, 2001), and seems powerful to go further in the investigation of
pristine extraterrestrial samples (Quirico et al., 2008b, 2009a).
Our preliminary results suggest that organic matter in Isheyevo microx-
enoliths is dissimilar to IOM extracted from C1-C2 carbonaceous chondrites.
Also, they confirm that the structure of IOM in the metamorphosed CM
chondrites (MCMs) PCA 91008 and WIS 91600 is the fingerprint of a ther-
mal event distinct from thermal metamorphism which occurred in type 3
chondrites. However, any of the Isheyevo microxenoliths has Raman fea-
tures similar to those of MCMs, suggesting that a similar heating process
can not account for the differences observed in Isheyevo microxenolith or-
ganic matter with respect to unmetamorphosed CI and CM chondrites. New
Raman analysis along with experimental simulations are planned to further
investigate this issue.
4.1 Brief introduction to Raman spectroscopy
Raman spectroscopy is based on inelastic scattering of photons inter-
acting with the analyzed sample. In general, when light is scattered by an
atom or molecule only a small fraction of the scattered light [approximately
1 in 105 photons (Ferraro et al., 2003)] is inelastically scattered, while most
photons are elastically scattered. Inelastic scattering implies a change in the
photon energy, and therefore in their frequency and wavelength also. For
molecules, such a difference corresponds to a variation in their vibrational
energy.
When an energy exchange happens between an incident photon and a
target molecule (i.e. when inelastic scattering happens) two cases are pos-
sible:
 the photon loses energy and the molecule changes from a lower to an
upper energy level (Stokes scattering);
 the photon gains energy and the molecule changes from an upper to a
lower energy level (anti-Stokes scattering).
Considering only two fixed energy levels, both the above processes are simul-
taneously possible. Therefore, given a flux of incident monochromatic pho-
tons, the spectrum of scattered light contains photons of larger and smaller
energy, both shifted of the same quantity with respect to the frequency of
the incident light. When incident photons are elastically scattered by tar-
get atoms or molecules, changes in frequency do not occur. Therefore, the
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complete spectrum of scattered photons is composed by a prominent cen-
tral peak corresponding to elastic scattering, and symmetric peaks of higher
and smaller frequency due to inelastic Raman scattering. The intensity of
Stokes and anti-Stokes peaks depends on the number of molecules occupying
the different energy levels. When the molecules of the target sample are in
thermal equilibrium, these numbers are given by the Boltzmann distribu-
tion, which states that lower energy levels are more populated. This implies
that Stokes peaks are more intense than anti-Stokes peaks. Usually, Raman
spectroscopy is based on the analysis of the Stokes peaks of the spectrum.
When atoms or molecules are bound in a solid, complex features arise in
the Raman spectrum. Indeed, in the case of macromolecular organic mat-
ter, the incident photon is first absorbed, and subsequently scattered. The
absorption leads to a resonant process, which enhances the Raman scat-
tering cross-section by several orders of magnitudes. Because the moieties
composing the macromolecular organic matter absorb photons with different
frequencies, the incident photons probe only a fraction of this solid and Ra-
man spectra depend on the excitation wavelength. Therefore the dispersion
effect appears as a serious advantage for characterizing complex disordered
organic samples (Ferrari and Robertson, 2001; Ferrari et al., 2003). Such an
enhancement of the Raman cross-section also accounts for the lack of detec-
tion of minerals bands when samples mixing organic matter and minerals
are investigated, as it is the case for matrix of chondrites or stratospheric
IDPs (Rotundi et al., 2008).
In pristine chondrites, organic matter consists of a soluble fraction (small
molecules soluble in current solvents) and an insoluble fraction (called in-
soluble organic matter, IOM). The latter represents about 75-99% of the
whole organic content (Alexander et al., 2007). It is a polyaromatic mate-
rial, based on the assemblage of small polyaromatic units (1-3 rings) held
together by short highly branched aliphatic chains, with the presence of sig-
nificant amount of heteroatoms such as O, H (major elements) and N, S
(minor elements) (Becker and Epstein, 1982; O’D. Alexander et al., 1998;
Remusat et al., 2005; Robert and Derenne, 2006; Derenne and Robert, 2009).
Figure 4.1: a typical Raman
spectrum of macromolecular or-
ganic matter (measured on a xeno-
liths of the carbonaceous chondrite
Isheyevo). D and G bands are in-
dicated. The slope of the spectrum
baseline is due to fluorescence.
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Raman spectra of amorphous carbons and disordered organic matter,
including IOM, are dominated by two peaks, called the G and D bands
(Fig. 4.1). The G band peaks in the range 1580-1600 cm−1, and the D
band at ∼1355 cm−1 (Ferrari and Robertson, 2000). It is noteworthy that
these two peaks dominate Raman spectra of organic matter samples that
have various ordering degree and sp2 structures, i.e. from amorphous car-
bon to nano-crystalline carbon and graphite (Ferrari and Robertson, 2000,
2001). In graphite, the G band (G stands for graphite) is related to the
E2g2 vibration mode in rings. In disordered and amorphous carbonaceous
materials, this band is more generally induced by in-plane bond-stretching
modes of sp2 bonded carbon atom pairs (Fig. 4.2A). In contrast, the D
band does not appear in the Raman spectrum of graphite, but it is present
in any carbonaceous material with disorder in its structure. This band is
induced by a breathing mode in rings (A1g symmetry; Fig. 4.2B), forbidden
in perfect graphite but induced by disorder (D stands for disorder).
Figure 4.2: motion of carbon atoms in the G mode (A) and in the D mode (B). Figure
adapted from Ferrari and Robertson (2000).
4.2 Application to the study of extraterrestrial or-
ganic matter
IOM appears to be ubiquitous in extraterrestrial samples. It has been
studied in carbonaceous chondrites (Cody et al., 2005; Remusat et al., 2005,
2006; Thomen et al., 2008, 2009), ordinary and enstatite chondrites (Bonal
et al., 2006; Alexander et al., 2007; Cody et al., 2008; Quirico et al., 2008c;
Piani et al., 2009), in IDPs (Wopenka, 1988; Keller et al., 2004; Flynn et al.,
2004; Quirico et al., 2005; Rotundi et al., 2007), in cometary grains recovered
by the Stardust mission (Sandford et al., 2006; Rotundi et al., 2008) and in
Antarctic micrometeorites (Matrajt et al., 2001; Suzuki et al., 2005; Dobrica˘
et al., 2008; Wilson et al., 2008).
IOM is generally believed to carry memories of processes that happened
in the interstellar medium from which the solar system formed. The hypoth-
esis of an interstellar, presolar origin of the IOM is mainly based on similar-
ities in infrared spectra of diffuse interstellar and meteoritic organic matter
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(Ehrenfreund et al., 1991) and on the presence of hydrogen and nitrogen iso-
topic anomalies in IOM (see e.g. Robert and Epstein 1982; Busemann et al.
2006). However, the improvement of astronomical observations has shown
that the refractory carbon material in diffuse interstellar medium is mostly
similar to a hydrogenated amorphous carbon and not to IOM (Dartois and
Mun˜oz-Caro, 2007). Other recent studies questioned the interpretation of
the D and 15N enrichments, and proposed that fractionation mechanisms af-
fected IOM after its formation, possibly in the protoplanetary disk or even
in the parent body (Remusat et al., 2006; Alexander et al., 2007; Thomen
et al., 2008; Alexander et al., 2009; Cody et al., 2009). This is also the case
of the results presented in chapter 3, based on the difference in hydrogen
and nitrogen isotopic composition of the primordial microxenolith PX-18 in
the Isheyevo carbonaceous chondrite.
Whatever the place and formation processes, IOM has suffered also from
thermal metamorphism and/or aqueous alteration on the meteorite, IDP
and micrometeorite parent body.
We report in this chapter our in situ Raman spectroscopy analyses of the
organic matter present in five carbonaceous microxenoliths of the Isheyevo
chondrite. The study of organic matter not separated from its mineral carri-
ers was possible directly on polished sections because intense G and D bands
were found to largely dominate the Raman spectra, and spectral features of
minerals were not observed.
4.3 Microxenoliths in the CB/CH chondrite
Isheyevo
Isheyevo (Fig. 4.3) is a recent discovered (Russel et al., 2005) carbona-
ceous chondrite, classified as a CBb/CH chondrite. As described in chapter
3, Isheyevo is a Fe-Ni metal rich (60 vol% on average) chondrite with two
dominant lithologies similar to CB and CH chondritic material (Ivanova
et al., 2008). In addition to Fe-Ni metal grains, Isheyevo contains chon-
drules, rare Ca-Al rich inclusions and hydrated lithic clasts, but does not
present fine-grained matrix, which separates high-temperature components
in most other types of chondritic materials (Ivanova et al., 2008; Krot et al.,
2007; Bonal et al., 2008).
In a survey of the two polished sections MNHN 2006−04 and MNHN
2006−20 of Isheyevo (the CH lithology), representing a total area of about
400 mm2, we identified more than 100 lithic clasts. They are indeed xeno-
liths, as they show a high degree of aqueous alteration (also described in
previous works, Krot et al. 2007; Bonal et al. 2008). This indicates that they
are not genetically related to the high-temperature components in Isheyevo,
which do not show effects of in situ aqueous alteration (Krot et al., 2007;
Bonal et al., 2008). Five of these xenoliths, among which PX-18 described
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Figure 4.3: composite optical microscope map (magnification x5) of section MNHN
2006−20 of the Isheyevo carbonaceous chondrite. The five xenoliths selected for Raman
spectroscopy analyses are indicated.
in chapter 3, have been selected for Raman spectroscopy analyses. In the
following they will be called xenolith # 19, # 25, # 28 and # 30. We re-
port here their mineralogy and petrography, determined by SEM imaging,
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Table 4.1: properties of Isheyevo xenoliths selected for Raman spectroscopy analyses.
PX-18 µxen. # 19 µxen. # 25 µxen. # 28 µxen. # 30
SIZE (µm) 380×470 420×220 550×650 710×740 110×170
MATRIXa
sil. phyll. ? sil. ?
CM2 CM2-CR2 CM2 CM2 CI1
OLIVINEb
++ + ++ ++ +
Fo86 Fo97 Fo90 Fo90 Fo90
PYROXENEb
++ + ++ +++
no
En92–Fs6 En92–Fs4 En88–Fs8 En87–Fs10
SULFIDESc no
++ ++ ++ ++
pyrrh. pentl. pyrrh. troil. pyrrh. troil.
Fe-Ni METALS
++ + ++ ++
++
kam. kam. kam. kam.
MAGNETITE no ++++ ++ no no
CARBONATESd no no
++
no no
dol. breunn.
DIVERS
3 plagio metamorph.
Ab10–An90 silicates
a sil. = anhydrous silicates; phyll. = phyllosilicates; ? = matrix not analysed by TEM. Data
reported in a Mg-Fe-(Si+Al) ternary diagram. CR2 = data in the CR2 phyllosilicate field;
CI1 = data in the CI1 phyllosilicate field; CM2 = data in the CM2 serpentine field.
b ++++ = very abundant; +++ = abundant; ++ = common; + = occurrence. Second line
is the mean composition.
c pyrrh. = pyrrhotite; troil. = troilite; pentl. = pentlandite.
d dol. = dolomite; breunn. = breunnerite.
e kam. = kamacite
EDX spectroscopy and electron microprobe analyses (as explained in detail
in section “Materials and methods” of chapter 1). In addition, preliminary
transmission electron microscopy (TEM) analyses have been performed on
matrix grains extracted from microxenoliths # 19 and # 28. TEM images
and EDX analyses have been realized by a JEOL JEM-2500SE transmission
electron microscope at the NASA Johnson Space Center (Houston, USA),
with an accelerating voltage of 200 kV.
A detailed description of PX-18 has already been presented in chapter 3.
Like PX-18, the other four xenoliths are largely dominated by fine-grained
matrix (Fig. 4.4). This is a fundamental property to perform in situ Raman
spectroscopy of organic matter, as organic matter is essentially associated
with fine-grained matrix (Quirico et al., 2003; Bonal et al., 2006, 2007). We
decided to perform Raman spectroscopy analyses on these microxenoliths
after the first interesting results obtained for PX-18 (see chapter 3). The
other four xenoliths have been selected because their fine-grained matrix
show differences in composition and structure (their principal properties are
summarized in Tab. 4.1).
Principal structural differences have been revealed between microxeno-
liths # 19 and 28 by preliminary transmission electron microscopy (TEM)
analyses (Fig 4.5). Matrix of microxenolith # 19 is largely dominated by
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Figure 4.4: Back scattered electron images of Isheyevo xenoliths selected for Raman
spectroscopy analyses. A: microxenolith # 19. B: microxenolith # 25. C: microxenolith
# 28. D: microxenolith # 30. See text and Tab. 4.1 for their description.
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Figure 4.5: TEM bright field images of matrix grains extracted from microxenoliths #
19 (A) and # 28 (B). A: layered structures typical of phyllosilicates. The white line in
the center covers three layers and it is 3.9 nm, indicating this is saponite with a 1.3 nm
interlayer spacing. B: the large central grain is olivine, with Fe-Ni metal on the left edge
(black) and small FeS inclusions (black droplets).
phyllosilicates (in particular saponite, with minor amount of serpentine),
while that of microxenolith # 28 has a structure mainly composed by sub-
micrometer-sized to micrometer-sized grains of olivine and pyroxene, with
minor Fe sulfides and Fe-Ni metal grains. Phyllosilicates are apparently ab-
sent in microxenolith # 28, as in PX-18 matrix (see Fig. 3.1B in chapter
3).
Elemental composition of matrix has been reported on a (Si+Al)-Mg-
Fe ternary diagram (Fig. 4.6). Most of the data are in the field of CM2
serpentine, but with clear differences in Fe content. Matrix of PX-18 is
the most Fe rich, while results for microxenolith # 30 are the least Fe rich
and are mostly in the field of CI1 phyllosilicates. Differences have been
also observed in the S content. Microxenolith # 28 matrix is the most
rich in S, with values between 2.6 and 11.9 at%. This is ascribed to the
presence of sub-micrometer-sized sulfide grains. Matrix of microxenolith
# 30 shows similar S content (up to 7.4 at%), and also similar high total
values of electron microprobe analyses (mean total values are 95.7 wt%
for microxenolith # 30, 94.2 wt% for microxenolith # 28). These data
suggest that also microxenolith # 30 may have a matrix mainly composed
by anhydrous silicates and Fe sulfides rather than a phyllosilicate-dominated
matrix.
The situation is clearly different for microxenolith # 19: its phyllosilicate-
dominated matrix shows S values always below 2.7 at%. Similar S content
and total values have been obtained for matrix of microxenolith # 25 (mean
total is 86.4 wt% for microxenolith # 19, 87.6 wt% for microxenolith # 25).
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Figure 4.6: Electron microprobe point analyses of matrix in the five Isheyevo microx-
enoliths selected for Raman spectroscopy.
However, microxenolith # 19 contains far more magnetite (as spheroidal
grains and framboidal aggregates), while microxenolith # 25 has more an-
hydrous silicate grains, up to 77 µm in size.
In summary, all the five Isheyevo microxenoliths selected for Raman
spectroscopy analyses suffered a low degree of thermal alteration. Among
them, PX-18 and microxenolith # 28 (and possibly microxenolith # 30)
appear to be the less modified by aqueous alteration, given the absence
of phyllosilicates in their matrix. Indeed, microxenolith # 28 is the only
one to show features probably related to thermal metamorphism. Namely,
two large (315×150 µm2 and 200×109 µm2) pyroxene grains show FeS-filled
fractures and dispersed, angular pyrrhotite and troilite grains, similar to
those typically observed in ordinary chondrites with higher petrologic type.
4.4 Raman spectroscopy on Isheyevo microxeno-
liths: experimental procedures
The five carbonaceous microxenoliths of the CH/CBb chondrite Isheyevo
described above were analyzed by in situ Raman spectroscopy. Results were
compared to those obtained for IOM extracted from the following carbona-
ceous chondrites: Renazzo (CR2), Orgueil (CI1), Tagish Lake (ungrouped
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C2), Wisconsin Range (WIS) 91600 (C2), Murchison (CM2), Murray (CM2)
and Pecora Escarpment (PCA) 91008 (CM2). These meteorites provide
samples of both unmetamorphosed and metamorphosed carbonaceous chon-
drites. In particular, PCA 91008 and WIS 91600 are unusual CM chondrites,
which show effects of thermal alteration which is not similar to long duration
thermal metamorphism. For these two meteorites, a short duration thermal
event, possibly induced by shock metamorphism, has been proposed (Hiroi
et al., 1997; Wang and Lipschutz, 1998; Tonui et al., 2002; Yabuta et al.,
2008).
IOM samples have been provided by Eric Quirico of the Laboratoire de
Plane´tologie de Grenoble, Universite´ Joseph Fourier (France). Raman mea-
surements were performed at the Laboratoire de Sciences de la Terre (ENS-
Lyon, France). Unpolarized Raman spectra were excited with an argon-ion
laser (Spectra Physics) and collected in back scattering geometry at room
temperature by a micro spectrometer LabRam HR800 (Horiba Jobin-Yvon)
implemented with a single dispersive grating. Two excitation wavelengths
were used for visible Raman spectroscopy: 514.5 nm (green light) and 457.9
nm (blue light). For calibration, the peak of a Si semiconductor sample
at 521 cm−1 has been used. Unpolarized UV Raman spectra were excited
by the 244 nm wavelength of a frequency doubled argon-ion laser (Spectra
Physics) and collected with a LabRam HR800 (Horiba Jobin-Yvon) designed
for UV radiation. Calibration has been made using the 1332 cm−1 peak of
diamond. Coupling Raman analyses performed with visible and UV excita-
tion wavelengths is particularly useful to investigate the maturity of IOM
in low-metamorphosed samples, as type 1 and 2 chondrites (Quirico et al.,
2008c; Dobrica˘ et al., 2008; Quirico et al., 2009a).
Raman spectrometer were coupled with optical microscopes. This cou-
pling allows precise focusing of the laser beam on the sample, making pos-
sible working with small grains of IOM and selecting different points in the
Isheyevo microxenoliths. An Olympus X80 objective lens was used for anal-
yses with visible light, with a spot size of 2-3 µm across. For UV light an
Olympus OFR X40 objective was employed, providing spot size diameters
of 4-5 µm across.
For each Isheyevo microxenolith 3 sets of measurements were performed,
with different excitation wavelength. For each set, measurements on IOM
extracted from selected meteorites were performed, in order to compare
these spectra with those of organic matter in Isheyevo microxenoliths. The
experimental conditions of the 3 sets of measurements are reported in Tab.
4.2.
The reproducibility of Raman measurements on poorly ordered mate-
rial (like IOM) is a very complex issue. Sample heating and photostability
(annealing, photo-oxidation, and photolysis) appear to be critical problems
which cannot be fully resolved. Reproducibility is controlled by atmospheric
conditions, irradiation time, and power on the sample, due to heating and
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Table 4.2: samples and experimental set up
excitation wavelength (nm)
244 458 514.5
Counting time (s) 30 & 150 2×40 3×60
Power on the sample (µW) 200 100 100
Atmosphere air air air
Microscope objective x40 x80 x80
Laser spot size (µm) 4 – 5 2 – 3 2 – 3
Grating (gr/mm) 600 600 600
Filter no D1 D3
Samples
Isheyevo xenoliths PX-18, # 19, # 25, # 28, # 30
IOM Orgueil Orgueil Orgueil
Tagish Lake Tagish Lake Tagish Lake
Murray Murray Murray
WIS 91600 WIS 91600 Murchison
PCA 91008 PCA 91008 Renazzo
photo-oxidation effects during irradiation. Bonal et al. (2006), in the at-
tempt of extending Raman characterization of IOM performed by Quirico
et al. (2003), showed that their set of measurements correlate well with
those of Quirico et al. (2003), but the slope of the regression line was not
equal to one. Consequently, only Raman spectra acquired under the same
experimental conditions can be safely compared.
The UV Raman measurements on Isheyevo polished sections do not al-
low to optimize the standard sample preparation, which consists in crushing
a raw sample onto a glass slide. This operation generally optimizes heat
dissipation. With an acquisition time of 2×150 s, we observed a decrease
of the signal intensity beyond 150 s. Therefore, the UV Raman measure-
ments have been carried out with an acquisition time of 30 s on Isheyevo
microxenoliths, and with acquisition times of 30 s and 150 s on carbonaceous
chondrite IOM. The data collected with acquisition time 30 s were definitely
more noisy than the others.
4.5 Spectrum fitting and analysis
A total of 461 spectra have been acquired, considering the three different
wavelengths and all samples. However, some spectra present high levels
of noise and fluorescence background. The fluorescence background can
have different intensity for different Raman shift. Usually it appears as
an inclination of the spectrum baseline. Quirico et al. (2005) suggested
that for in situ measurements fluorescence is induced by the same organic
matter rather than by other components (e.g. minerals). Both noise and
fluorescence cause the D and G bands to be less evident. Therefore, in order
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to avoid difficulties in the fitting process, spectra with particularly high
level of noise or fluorescence have not been considered for data reduction:
64 spectra have been rejected in this first selection. In the remaining spectra,
the fluorescence background has been subtracted assuming a linear baseline
(Quirico et al., 2005; Bonal et al., 2006, 2007; Quirico et al., 2009a). Also,
spectra are normalized, assuming the maximum value of the G band equals 1.
A second selection of spectra has been performed after the fitting procedure.
Indeed, in some cases, and in particular for UV spectra, we noted high values
of the D band peak position. We attributed such high values to problems in
the fitting procedure due to poorly defined D bands. Therefore we rejected
all spectra for which the distance between the D and G peak was less than
half the full width at half maximum of the D peak. The total number of
spectra remaining after the second selection was 344.
Many fitting models of Raman spectra have been proposed in the liter-
ature, using various numbers and types of spectral profiles (Beny-Bassez
and Rouzaud, 1985; Beyssac et al., 2002; Quirico et al., 2003; Sadezky
et al., 2005). In this study we used a 2-band fit model (Fig. 4.7), with
a Lorentzian profile for the D peak and a Breit-Wigner-Fano profile for the
G peak (LBWF fit). There is no physical justification for choosing these pro-
files, given that the physical mechanisms controlling the first-order carbon
bands are not yet fully understood (Ferrari and Robertson, 2000). However
the LBWF fit is a good choice for spectra of samples with different struc-
ture, from graphite to amorphous carbon (Ferrari and Robertson, 2000).
The spectral parameters obtained by the fitting process are peak position
ω, full width at half maximum FWHM and intensity I. They are labelled
ωD, FWHMD, ID for the D band, ωG, FWHMG, IG for the G band. D
and G bands are readily quantified when noise and fluorescence are not too
large. This is not always the case in our data: sometime the D band is
poorly distinct from the G band. As a consequence, the values of ωD and
FWHMD obtained from spectrum fits are generally less accurate than the
same values for the G band (Ferrari and Robertson, 2000).
An important issue is that of sample degradation, particularly for UV
excitation wavelengths. When we started measurements on Isheyevo microx-
enoliths with excitation wavelength 244 nm, our first choice for the counting
time was 300 s. However, performing such measurements in two steps of
150 s or 5 steps of 60 s, we noted a progressive degradation of the spectrum.
Namely, the G band was lesser and lesser evident. Therefore we decided to
acquire the UV spectra on a limited time interval of 30 s. The consequence is
that spectra have a lower signal to noise ratio and that in some cases it is dif-
ficult to individuate and properly fit the D band. To evaluate the accuracy of
30 s UV spectra, we performed also measurements with counting time 150 s
on samples of IOM extracted from Tagish Lake, Murray, Orgueil, PCA 91008
and WIS 91600. UV spectra acquired on IOM with counting time 150 s do
not show the evident degradation observed for spectra acquired on Isheyevo
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Figure 4.7: a typical Raman spectrum of polyaromatic organic matter, dominated by
the D and G bands [after Bonal et al. (2006)]. The spectral parameter ωG, FWHMG, ωD,
FWHMD, ID and IG are obtained by fitting the D band with a Lorentzian profile and the
G band with a Breit-Wigner-Fano profile.
microxenoliths with counting time 300 s. This observation is likely due to
the fact that IOM samples had been carefully crushed onto a glass slide,
thus enhancing heat dissipation. This was not possible for organic matter in
Isheyevo microxenoliths, because measurements were performed in situ on
polished sections. Matrix areas selected for measurements are composed of
sub-micrometer-sized mineral grains, with a significant microporosity, which
does not favours heat dissipation.
Both spectra acquired with counting time of 30 s and spectra acquired
with counting time of 150 s exhibit low level of fluorescence, but 150 s spectra
have higher signal to noise ratios. For each spectrum, the signal to noise
ratio has been evaluated as the following: first we selected those points of
the spectrum that belong to the baseline. As in UV spectra both first order
carbon bands (around 1355 and 1600 cm−1) and second order carbon bands
(around 2900 and 3200 cm−1) are present, we selected as baseline the points
in the three intervals 500-1100 cm−1, 1900-2700 cm−1 and 3400-4000 cm−1.
The mean values of the spectrum baseline is assumed as the value of the
signal. The root mean square of the baseline fluctuations (i.e., the differences
between two adjacent points) is assumed as noise. Following this procedure,
UV Raman spectra acquired with counting time 30 s have a signal to noise
ratio of 11, while for those acquired with counting time 150 s the signal to
noise ratio is 16.
Fig. 4.8 reports the relations between D and G band parameters obtained
from 30 s spectra and those obtained from 150 s spectra. For ωG, FWHMG
and ωD there is a good correlation (Fig. 4.8A, B, C). A linear fit of these
data is obtained with slope values and correlation coefficients close to 1.
This makes us confident that even with a limited counting time (30 s) it is
possible to obtain good spectra, that can be used to evaluate the spectral
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parameters ωG, FWHMG and ωD. The situation is different for values of
FWHMD and the ID/IG ratio (Fig. 4.8D, E). In this case there is no good
correlation between data obtained with different counting times. Therefore
we did not consider the values of these latter parameters in our analysis.
Noise and the weak intensity of the D band likely perturb the evaluation of
these parameters.
Figure 4.8: comparison between spectral parameters from spectra acquired with different
counting time.
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4.6 Results
All the analyzed samples show Raman spectra dominated by the first
order G and D bands (Fig. 4.9). The fluorescence background only slightly
affects UV spectra, but it can be very important for visible spectra. In
general the fluorescence background is homogeneous within spectra of a
same sample, but it varies significantly among spectra of different samples.
Spectra collected with excitation wavelength 458 nm appear to be the most
affected by noise. Indeed, both fluorescence and noise are very high for spec-
tra of Orgueil IOM acquired with excitation wavelength 458 nm. We cannot
use these spectra for the result analysis, and therefore they do not appear
in Fig. 4.9. For both visible excitation wavelengths, we note similar signal
intensity and signal to noise ratio between spectra of Isheyevo microxeno-
liths PX-18, # 19 and # 25 and spectra of IOM. They suggest that these
three Isheyevo microxenoliths have a high content of organic matter. At the
same time, it is evident that there are two distinct groups of spectra among
Isheyevo microxenoliths. Spectra of xenoliths # 28 and # 30 have far lower
intensity than spectra of the three previous xenoliths. Note that none of
Isheyevo microxenoliths exhibits the signature of a significant degree of long
duration thermal metamorphism, as observed in type 3 chondrites (Bonal
et al., 2006, 2007).
Subtraction of the fluorescence background and normalization give the
spectra reported in Fig. 4.10. Normalized spectra of Isheyevo microxenoliths
# 28 and # 30 collected with visible excitation wavelengths have D bands
more intense than the spectra of the other Isheyevo microxenoliths, and
they are also more distinct from the G band. Instead, in the UV spectra the
D band is more easily visible in spectra of microxenoliths # 19, # 25 and
PX-18, while it is less evident for microxenoliths # 28 and # 30.
We report here a preliminary analysis of our Raman spectra. Our first
aim is to exploit spectra collected using different excitation wavelengths.
For each sample and excitation wavelength, the value of a given spectral
parameter has been estimated as the mean value of all the measured spectra.
Our results are described below.
Dispersion of ωG. Our data (Fig. 4.11) show that dispersion of ωG is
less important for spectra of Isheyevo microxenoliths than for spectra of
IOM extracted from carbonaceous chondrites. Hence, organic matter in
Isheyevo microxenoliths has apparently a different structure from IOM of
carbonaceous chondrites. This result is particularly obvious in the case of
the microxenoliths # 28 and # 30, on the basis of the UV spectra which are
readily discriminated with the naked eye.
In Tab. 4.3 we report a tentative classification of our samples on the
basis of the ωG dispersion, evaluated as the slope of a linear fit.
Dispersion of ωD. Two groups of samples can be identified (Fig. 4.12):
PX-18, microxenolith # 19, microxenolith # 25 and IOM from Orgueil,
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Figure 4.9: examples of Raman spectra
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Figure 4.10: normalized Raman spectra
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Figure 4.11: dispersion of ωG for A: carbonaceous chondrite IOM; and B: Isheyevo
microxenoliths. Each point is the mean value of all spectra measured for a given sample
at a given excitation wavelength; error bars are the standard deviation.
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Figure 4.12: dispersion of ωD for A: carbonaceous chondrite IOM; and B: Isheyevo
microxenoliths. Each point is the mean value of all spectra measured for a given sample
at a given excitation wavelength; error bars are the standard deviation.
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Table 4.3: dispersion of spectral parameters ωG and ωD.
sample
ωG disp.
a
sample
ωD disp.
a
(×10−3) (×10−3)
Murray -106 ± 13 Orgueil 12
Orgueil -103 µxen. 19 -22 ± 19
Tagish Lake -98 ± 7 Tagish Lake -35 ± 23
WIS 91600 -87 PX-18 -40 ± 31
PCA 91008 -85 µxen. 25 -49 ± 34
µxen. 25 -81 ± 6 Murray -68 ± 25
PX-18 -76 ± 12 WIS 91600 -124
µxen. 19 -66 ± 6 PCA 91008 -133
µxen. 30 -47 ± 11 µxen. 30 -217 ± 57
µxen. 28 -17 ± 12 µxen. 28 -270 ± 64
a values without errors are evaluated using 2 points.
Tagish Lake, Murray, show little dispersion of ωD, while microxenolith #
28, microxenolith # 30 and IOM from PCA 91008 and WIS 91600 present
a higher dispersion. The structure of organic matter is clearly different in
these two groups of samples. In Tab. 4.3 we report the dispersion of ωD
evaluated as the slope of a linear fit: it is possible to note the relatively large
variation in ωD dispersion between Murray IOM (ωD dispersion = -68 ± 25)
and WIS 91600 IOM (ωD dispersion = -124).
The trend depicted by dispersion of ωD does not correspond to that
established by dispersion of ωG. However in both cases the two most distinct
samples are organic matter in Isheyevo microxenoliths # 28 and # 30. Also,
IOM from the metamorphosed carbonaceous chondrites PCA 91008 and WIS
91600 results as the most altered among IOM samples.
Dispersion of FWHMG. The dispersion of FWHMG in our spectra (Fig.
4.13) is not monotonic, and appears less defined than the dispersion of ωG
and ωD. Linear fits of these data (in order to establish a classification, as for
dispersion of ωG and ωD) have thus not been realized. However, we note that
the Murray IOM exhibits a different value of FWHMG with respect to that of
Orgueil, though their IOM are expected to be fairly similar. This parameter
was expected to be very reliable, because the G band is more intense than
the D band, and therefore its width is expected to be unperturbed by the
D band. The evaluation of these data needs to be revisited.
106
Figure 4.13: dispersion of FWHMG for A: carbonaceous chondrite IOM; and B: Isheyevo
microxenoliths. Each point is the mean value of all spectra measured for a given sample
at a given excitation wavelength; error bars are the standard deviation.
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4.7 Conclusions
Results obtained in this work for the dispersion of the spectral parame-
ters ωG and ωD are reported in Tab. 4.3 and presented in Fig. 4.14. They
demonstrate that the microxenoliths # 28 and # 30 have an organic matter
different from that of PX-18 and microxenoliths # 19, # 25. The dispersion
of the G and D band positions also suggests that the organic matter of the
analyzed Isheyevo microxenoliths is not similar to carbonaceous chondrite
IOM.
PCA 91008 and WIS 91600, which are classified as metamorphosed CM
chondrites, have Raman features distinct from that of unmetamorphosed
CM chondrites. However, their IOM is different from organic matter of
Isheyevo microxenoliths. It is thus not possible to interpret these struc-
tural differences between Isheyevo and normal C1/C2 chondrites in terms of
alteration processes or accretion of different precursors. Further measure-
ments to complete and expand the present set of data, along with laboratory
experiments, have been planned.
Figure 4.14: dispersion of spectral parameters ωG and ωD in organic matter of Isheyevo
microxenoliths and in IOM extracted from carbonaceous chondrites.
Chapter 5
Interaction of
micrometeoroids with the
Earth atmosphere
Summary of Chapter 5
A fundamental problem in astrobiology is the emergence of life on earth.
For Astrophysics the question is if and how organic molecules abundant in
space could have reached the Earth by means of extraterrestrial bodies. If
this is the case, what extraterrestrial bodies were the carriers? And could
their organic molecules have survived the atmospheric passage? Submilli-
metric micrometeoroids dominate the annual extraterrestrial mass flux to-
ward the Earth. They show an unexpected ability to survive the atmospheric
passage. We investigate the physical processes occurring when micromete-
oroids cross the Earth atmosphere, to assess micrometeoroids possibility to
reach the surface and to individuate the most effective processes that deter-
mine their fate, depending on entry conditions. Moreover we investigate the
micrometeoroids-atmosphere interaction in early-Earth-like atmospheres, to
understand if micrometeoroids could have contributed to the organic ma-
terial inventory of the early Earth. We develop a general numerical model
for the micrometeoroids-atmosphere interaction. Equation of motion, en-
ergy and mass balance are simultaneously solved with different entry con-
ditions (micrometeoroids sizes, entry speeds and entry angles). The effects
of physical processes are evaluated analysing their temporal evolutions and
comparing their contributions to the energy and mass balance. The model
is then applied to two early-Earth-like models of atmosphere and to the
atmosphere of Titan, principally to test the role of different atmospheric
density profiles. Low entry velocities and entry angles far from the vertical
allow micrometeoroids to reach Earth surface. Among micrometeoroids that
survive, our model individuate those that are not totally melted (unmelted
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or partially melted micrometeorites) and those that are totally melted (cos-
mic spherules). Melting is the most effective mechanism to avoid extremely
high temperatures. Sputtering is negligible for mass loss. Peak tempera-
tures and final sizes are similar in the two early-Earth-like atmospheres and
in the present day atmosphere. In contrast micrometeoroids survive more
easily in the Titan atmosphere.
5.1 Introduction
Micrometeoroids (MMs) with dimensions between 25 and 500 µm rep-
resent, by mass, the absolute majority in the Solar System minor bodies
population at a distance of 1 AU from the Sun (Gru¨n et al., 1985) and in
the flux of extra-terrestrial matter that enter the Earth’s atmosphere in 1
year [4± 2× 107 kg/yr, Love and Brownlee (1993)]. Furthermore, microm-
eteoroids show an unexpected ability to survive to the interaction with the
atmosphere, as demonstrated by the large number (≥ 105) of micromete-
orites recovered in Antarctica during the last 20 years (Engrand and Mau-
rette, 1998; Duprat et al., 2007). In addition, many of the recovered samples
show a lower degree of alteration than what was expected: unmelted mi-
crometeorites account for between 10 and 30% for particles >100 µm, ∼50%
for sizes between 50 and 100 µm and up to 78% in the size range 25-50 µm
(Genge et al., 2008).
Of special interest is that these objects could have been involved in the
emergence of life on Earth. Micrometeoroids are rich in C and N, and the
distributions of these elements in recovered samples suggest they are bound
together in organic matter (Matrajt et al., 2003). Thus, micrometeoroids
may have been the dominant source of organic carbon on the primitive
Earth. Moreover, the total amount of volatiles (N, Ne, H2O, CO2 and SO2)
released by micrometeoroids in the atmosphere during the ∼100 My of the
so-called sterilization period (after the Earth formation 4.45 Gy ago) have
been calculated (Maurette et al., 2000, 2001; Maurette, 2006, 2009). For
this, critical assumptions are that the early micrometeorite flux is propor-
tional to the lunar impact cratering rate and that this rate has decreased
exponentially since the time of Earth formation (this exponential decreas-
ing is still matter of debate, see e.g. Chapman et al. 2007). The resulting
estimates of micrometeoroid-delivered volatiles are sufficient to explain the
amounts of these elements observed today. Assuming a more conservative
micrometeoroid flux beteween 4.4 and 3.8 Gy ago, and with new data for the
N content of micrometeorites, Marty et al. (2005) evaluated that microme-
teoroids delivered ∼10% of the present N to Earth. This support the idea
that micrometeoroids could have contribute to the formation of terrestrial
atmosphere and oceans. The possible role of micrometeoroids as conveyors
of amino acids and nucleo-bases is less clear. Thus far only one extrater-
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restrial amino acid, α-amino isobutyric acid, has been found in antarctic
micrometeorites (Brinton et al., 1998; Matrajt et al., 2004). The absence
of amino acids in other samples may be due to the heating they experi-
enced during atmospheric entry, when micrometeoroid temperatures reach
values at which organic species sublimate or decompose. On the other hand
experiments have demonstrated that amino acids present in micrometeoroid-
analogues (i.e., grains from the CM chondrite Murchison) can be released
from micrometeoroids as their temperature rises, and hence they can survive
to the atmospheric entry (Glavin and Bada, 2001).
In light of these considerations it seems worthwhile to investigate the
processes occurring during the passage of micrometeoroids through the at-
mosphere. The complexity of a comprehensive treatment, that include phys-
ical, mineralogical and bio-chemical aspects, appears to be the reason why a
general and detailed model of the micrometeoroids-atmosphere interaction
has not yet been realized. We approach this problem in a holistic way, con-
sidering those processes that can be the most important and highlighting
their relative contributions with different atmospheric entry conditions. To
evaluate the importance of the atmosphere properties (and in particular of
the density profile) we use two models of the early Earth atmosphere and
the atmosphere of Titan [from the Huygens probe, see e.g. Fulchignoni et al.
(2005) and Aboudan et al. (2008)]. This work is, however, not an exhaustive
analysis of the micrometeoroids-atmosphere interaction: our goals are (a)
to highlight the necessity of a general study (b) to propose a model that
includes different physical processes and to analyse their respective contri-
butions (c) to delineate the most critical aspects of the problem and (d) to
evaluate the possibility for micrometeoroids to reach the surface of the early
Earth.
5.2 The model: properties of micrometeoroids and
present-day atmosphere
We treat micrometeoroids as spheres, with radius rMM. Their initial
radii are assumed to be between 25 µm and 500 µm. The upper limit of
500 µm is due to the hypothesis of isothermal micrometeoroids, i.e. we as-
sume that a micrometeoroid is sufficiently small to reach at every moment
in its flight a uniform temperature TMM by heat conduction. Actually ther-
mal gradients develop within micrometeoroids due to endothermic reactions
[e.g. phase transitions, see Flynn (1995b)] and are observed in recovered
micrometeorites (Toppani et al., 2001; Genge, 2006a). But a treatment of
micrometeoroids internal temperature distribution is beyond the goals of
the present work. The minimum radius chosen in the simulations is 5 µm,
i.e. if the radius become less that 5 µm simulations are stopped. This
value follows from the emission properties of micrometeoroids: namely, in
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order to characterize micrometeoroids with a constant emissivity, their di-
mensions must be larger than the wavelength of the emitted and adsorbed
radiation. Since a micrometeoroid generally absorbs radiation in the VIS -
UV range (200 - 800 nm) and emits IR radiation (at temperatures of ∼1000
K) with λ ≈ 3 µm (Coulson and Wickramasinge, 2003), simulations end if
rMM reaches 5 µm. For micrometeoroids structure and composition, being
very difficult to reproduce their particular characteristics and all the min-
eralogical processes that happen during the atmospheric passage (Greshake
et al., 1998; Genge et al., 2008), we assume that they are composed entirely
of silicates and phyllosilicates, the major component observed in Antarctic
micrometeorites. We choose consequently the values of the micrometeoroid
thermodynamic parameters, as described below. In addition, we assume
that organic matter is present in micrometeoroids, and that its fraction
remains constant during the interaction with the atmosphere. Hence, sur-
viving micrometeoroids are considered to deliver their organic content to
Earth. However, here we do not treat in detail the role of organic matter in
the micrometeoroids-atmosphere interaction [see e.g. Flynn (1995b)] nor its
fate once on Earth. The micrometeoroid density ρMM is assumed to be con-
stant during the atmospheric flight. We tested two different values for ρMM,
3 and 1 g/cm3, measured for compact coarse-grained micrometeorites and
porous micrometeorites, respectively (Genge et al., 2008). Similar values
are adopted in some recent models (Campbell-Brown and Koschny, 2004;
Rogers et al., 2005).
The properties of the present day Earth atmosphere (the profiles of den-
sity and the concentration of neutral components as height function), are
taken from the MSISE-90 model (Hedin, 1991). We include 6 species of
atmospheric particles: N2, O, O2, Ar, He, H (adding CO2 and CH4 for the
primordial atmosphere, see section 5.7). The atmospheric properties de-
termine also how a micrometeoroid moves in the atmosphere: because the
mean free path of an atmospheric particle, at heights between 60 and 200
km (those of interest in this work), is always longer than the micrometeoroid
radius, we apply the free molecular flow regime. In other words, microme-
teoroids always interact with single atmospheric atoms and molecules, and
there is not a gas layer that protects them from collisions (Sorasio et al.,
2001; Campbell-Brown and Koschny, 2004). The characteristics of the mod-
els adopted for the early Earth atmosphere and of the Titan atmosphere will
be described in section 5.7.
5.3 The model equations
The two dimensional micrometeoroid trajectory is described by h (height
from the Earth surface) and z (angle with respect to the zenith direction).
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The equations that describe their evolution are:
dh
dt
= −vMM cos z (5.1)
and
dz
dt
= − sin z
vMM
(
g(h)− v
2
MM
R⊕ + h
)
(5.2)
where vMM is the micrometeoroid velocity, g(h) is the gravitational accel-
eration at height h and R⊕ is the Earth radius. The initial value of h for
simulations in the present-day atmosphere is 400 km: above this height the
atmospheric density is low enough to be negligible. For the entry angle, dif-
ferent values have been tested (0◦, 45◦ and 70◦). For entry angle larger than
70◦, micrometeoroids tend to be skip back in space. The initial value (vin)
of the micrometeoroid velocity vMM is a free parameter: it can be between
11.2 km/s and 72.8 km/s (Ceplecha et al., 1998).
Collisions with atmospheric atoms and molecules determine the microm-
eteoroid velocity vMM. To evaluate this effect we neglect the thermal velocity
of atmospheric particles (∼370 m/s for Tatm = 160 K at h = 100 km) with
respect to vMM. Including also the Earth gravitational attraction g(h), we
obtain the following equation:
dvMM
dt
= − Γ
MMM
Sρatm(h)v
2
MM + g(h) cos z (5.3)
where S = pir2MM is the micrometeoroid transverse section, MMM is the
micrometeoroid mass, ρatm(h) is the atmospheric density as a function of
altitude and Γ is the drag coefficient, that describes the momentum fraction
transferred to a micrometeoroid in a single collision. Its value can be between
0 and 2 (2 for elastic collisions) and we assume Γ = 1 (Campbell-Brown and
Koschny, 2004; Rogers et al., 2005).
The heart of our model is the description of how micrometeoroids ac-
quire energy and of the processes triggered by this energy. Micrometeoroids
acquire energy by collisions with atmospheric atoms and molecules. As de-
scribed above, the thermal motion of these particles is negligible with respect
to the micrometeoroid speed vMM. Hence the heating rate is:
dEcoll
dt
=
Λ
2
Sρatm(h)v
3
MM (5.4)
where Λ is the heat transfer coefficient, that describes the fraction of the
kinetic energy of an incoming particle that is transferred to the target. Its
value depends on the micrometeoroid temperature and on the ratio of the
micrometeoroid velocity vMM to the atmospheric particle thermal velocity
vth (Hood and Horanyi, 1991; Melosh and Goldin, 2008). However, in the
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limit vMM >> vth, Λ remains close to unity (see section 5.6 for a discus-
sion) and we therefore assume Λ = 1, as also in recent models for the at-
mospheric entry of small meteoroids (Campbell-Brown and Koschny, 2004;
Rogers et al., 2005). A second possible source of energy for micrometeoroids
can be the radiation coming from the Sun [as proposed in Moses (1992);
McAuliffe and Christou (2006)] and from the atmosphere itself. We did
not include this term in our energy balance because for meteoroids small as
micrometeoroids it is negligible. We estimated the contribution of Sun and
atmosphere radiation for rin = 500 µm, vin = 11.2 km/s, zin = 45
◦, ρMM =
3 g/cm3. Energy acquired by radiation is dominant only in the first part of
the micrometeoroid flight (by 3 orders of magnitude at the very beginning)
but it becomes negligible, as in previous models (Moses, 1992), when denser
atmospheric layers are reached, i.e. when the collision rate increases. The
result is that micrometeoroid temperature is determined by energy acquired
from collisions: peak temperature and final size of micrometeoroids do not
change when energy acquired by radiation is considered.
As a micrometeoroid acquires energy from collisions with atmospheric
particles its temperature increases. This causes the onset of processes like
evaporation and melting of the micrometeoroid material, which determine
a reduction of its mass and dimensions. Here the word evaporation refers
to the direct passage of micrometeoroid material from solid to gas phase.
Evaporated mass is assumed to be immediately lost. Also, we assume that
the evaporation process begins as soon as micrometeoroids start to acquire
energy from collisions (Moses, 1992; Campbell-Brown and Koschny, 2004;
Rogers et al., 2005). For this reason we describe the rate of mass loss
by evaporation as a function of the micrometeoroid temperature using the
Knudsen-Langmuir formula (Bronshten, 1983):(
dMMM
dt
)
evap
= S
√
µ
2pikBTMM
× 10(A−B/TMM) (5.5)
where kB is the Boltzmann constant. Here the relation log10(psat) = A −
B/TMM (solution of the Clausius-Clapeyron equation) is used to evaluate
the micrometeoroid pressure of saturated vapour as function of their tem-
perature. For the coefficients A and B the values A = 10.6 and B = 13500
K have been assumed (Love and Brownlee, 1991). We adopt µ = 45 amu for
the mean atomic mass of micrometeoroid components. This is the value esti-
mated for micrometeoroids with chondritic composition (Love and Brownlee,
1991).
Dimensions of micrometeoroids are reduced also by loss of melted por-
tions of their mass. When high temperatures (between ∼1500 and ∼2000
K) are reached, portions of the micrometeoroid material undergo the pas-
sage from solid to liquid phase. Here we assume that the melted mass is
completely lost. We have to point out that the very complex composition of
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micrometeoroids means also that their different components have different
melting points. Therefore, different portions of a micrometeoroid can start
to melt when others remain solid. To account for such a mass loss we use a
term proportional to the energy acquired by micrometeoroids, as suggested
by Campbell-Brown and Koschny (2004). We want the rate of mass loss due
to melting to be effectively different from zero only if TMM ≈ Tmelt = mi-
crometeoroid melting temperature. Hence we use the parametric coefficient
Pspall, defined as
Pspall = 0.5 +
arctan(TMM − Tfus)
pi
for TMM < Tmelt
Pspall = 0.5 +
arctan[4(TMM − Tfus)]
4pi
for TMM > Tmelt.
This coefficient has been introduced by Campbell-Brown and Koschny
(2004), but in their work its value rapidly reaches 1 for TMM > Tmelt, which
is equivalent to assume that all the incoming energy is used to melt the mi-
crometeoroid mass. To take into account that melting always has to share
the incoming energy with the other processes included in the energy balance,
we adopt a form of Pspall which allows to limit its value to 0.625 (the two
different expression make Pspall a continuous function of TMM, this avoids
problems in the numerical integration). The assumed value for the microm-
eteoroid melting temperature is Tmelt= 1623 K. This is similar to values
adopted in previous works (Bonny and Balageas, 1990; Love and Brownlee,
1991; Flynn, 1992; Scarsi, 2004) and is the melting point of silicates that
represent the dominant phases in micrometeoroids. The rate of mass loss
caused by melting is thus described by(
dMMM
dt
)
melt
=
Pspall
Hmelt
(
dEcoll
dt
)
(5.6)
where Hmelt = 2.65× 105 J/kg is the latent heat of melting for stony mete-
oroids (Love and Brownlee, 1991).
The third process by which micrometeoroids can lose mass is sputtering,
which is the removal of atoms or molecules (targets) by collisions with in-
cident particles (projectiles) of sufficient energy. This mechanism has been
proposed to explain high altitude meteors (Brosch et al., 2001) and previous
works suggest it can cause significant mass loss (Rogers et al., 2005). In
order to evaluate the amount of mass lost by sputtering, we must evaluate
the sputtering yield Y , i.e. the number of target atoms or molecules re-
moved by each projectile impact. To calculate Y we chose a semi-empirical
formula suggested by Draine and Salpeter (1979), again using µ = 45 amu
as mass of the target particles and U0 = 5.7 eV as the binding energy
per atom/molecule [this value is that indicated for a silicate compound in
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Draine and Salpeter (1979)]. Indicating by s the total number of atmo-
spheric species considered, the rate of mass loss by sputtering is:(
dMMM
dt
)
sputt
= µSvMM
s∑
i=1
niYi (5.7)
where ni is the number density of the i
th atmospheric species.
The three processes described above (evaporation, melting and sputter-
ing) are properly considered in the energy balance, i.e. the equation that
allows us to track the micrometeoroid temperature evolution. As empha-
sized by Love and Brownlee (1991), it is essential to include these terms
in the energy balance to properly evaluate the micrometeoroid temperature
evolution. An important feature of our model is that the contributions of
melting and evaporation are treated separately.
To insert sputtering in the energy balance the problem is to evaluate the
fraction η of the incoming energy that is used for sputtering and not for the
other processes. Popova et al. (2007) estimated that particles removed by
sputtering have a kinetic energy varying from 0% of the energy supplied by
collisions (when the micrometeoroid entry velocity is < 20 km/s) to 20%
(when micrometeoroids enter the atmosphere at 70 km/s), and that the rest
of the energy contributes to the rise of micrometeoroid temperature, which
causes the emission of radiation and ablation processes. Based on this, and
considering that, in addition to the kinetic energy of the sputtered particles,
a part of the incoming energy must be used to remove these particles, we
assume η = 0.15 for every value of the micrometeoroid entry speed.
Beyond processes responsible for the mass loss, the rise of micromete-
oroid temperature causes also an intense emission of radiation, which is
fundamental for the micrometeoroid thermal balance, unlike for larger me-
teoroids. As described in section 5.2, we assume micrometeoroids have a
constant emissivity; its value is  = 0.9, as suggested in Campbell-Brown
and Koschny (2004).
Finally we add to the energy balance a term for the kinetic energy of
the ablated mass. As proposed in Campbell-Brown and Koschny (2004), we
assume that the ablated micrometeoroid mass moves away with a velocity
determined by the micrometeoroid temperature TMM . The energy balance
is thus given by:
Λ
2
Sρatm(h)v
3
MM = cMMM
dTMM
dt
+ 4pir2MMσT
4
MM +Hevap
(
dMMM
dt
)
evap
+
+Hmelt
(
dMMM
dt
)
melt
+
Λ
2
Sv3MM
s∑
i=1
(ηinimi) +
1
2
(
dMMM
dt
)
abl
3kBTMM
µ
(5.8)
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where σ is the Stefan-Boltzmann constant, ηi, ni and mi are the sputtering
coefficient, number density and mass, respectively, of the six atmospheric
components considered. Such expression for the energy used in sputtering
takes into account that, depending on the collision velocity, sputtering can
be caused only by some of the atmospheric species, and not always by all
of them. For the thermodynamic properties of micrometeoroids we adopt
values suggested in Bronshten (1983) and Love and Brownlee (1991) for
stony meteoroids: c = 103 J/(kg K) is the micrometeoroid specific heat,
Hevap = 6.05× 106 J/kg is the latent heat of vaporization.
The value of each term present in equation 5.8 is tracked all along the
numerical integrations. In this way it is possible to understand which of
these terms are the most effective in determining the micrometeoroid fate
and how their roles change with different entry conditions.
5.4 Numerical integration and validation of our
code
Numerical integrations were performed using the RK4 method with an
adaptive stepsize. For each quantity calculated (i.e., micrometeoroid height,
angle with respect to the vertical, speed, radius, mass and temperature) at
every integration step we require a minimum relative variation of 5× 10−5,
and the maximum relative variation allowed is 10−3. If relative variations
are too small then the integration stepsize is doubled for the next calculation
(with a superior limit of 1 s imposed); if variations are too large then the
calculated values are rejected and the integration stepsize is devised by 2 for
the next calculation (with a inferior limit of 10−10 s imposed).
With our numerical code we were able to reproduce results of previous
works. In Love and Brownlee (1991) several micrometeoroid temperature
vs time profiles are showed. Due to differences in micrometeoroid initial
temperature and in atmospheric properties with respect to that work, we
choose the difference between micrometeoroid peak temperatures as param-
eter for a comparison (i.e. the difference between the peak temperatures of
micrometeoroids that have equal entry speed, angle and density, but with
different initial size). Introducing the set of equations of Love and Brownlee
(1991) in our numerical code, we obtain peak temperature differences that
differ from the original ones for less than 9%.
A second comparison has been made with results presented in Rogers
et al. (2005), which focus on mass lost by sputtering. The fractional mass
lost by sputtering for asteroidal micrometeoroids (ρMM = 3 g/cm
3) and
for cometary micrometeoroids (ρMM = 1 g/cm
3) with value of entry speed
ranging between 20 and 70 km/s has been calculated by our numerical code
using the same set of equations of Rogers et al. (2005). The maximum
difference between our results and those of Rogers et al. (2005) is 6%.
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Table 5.1: Maximum values of entry velocity for which micrometeoroids are able to
survive and reach the Earth surface.
rin v
max
in (km/s)
(µm) ρMM = 3 g/cm
3 ρMM = 1 g/cm
3
zin = 0
◦ zin = 45◦ zin = 70◦ zin = 45◦
25 16 17 22 22
50 15 16 21 21
100 13 14 20 20
200 12 13 18 18
300 11.2 12 16 16
400 - 12 15 15
500 - 11.2 14 14
5.5 Results
Our simulations highlight how decisive entry conditions are. Tab. 5.1
summarizes the maximum values of vin that allow the survival of microme-
teoroids with different entry radii, angles and densities. It is evident that 1)
smaller micrometeoroids can have higher values of entry speed than larger
micrometeoroids; 2) low density micrometeoroids can have higher values
of entry speed than denser micrometeoroids and 3) micrometeoroids with
shallow entry angle (i.e. far from the vertical) can have larger values of
entry speed than micrometeoroids with steep entry angle (i.e. close to the
vertical).
In Fig. 5.1 (all figures refer to micrometeoroids with ρMM = 3 g/cm
3)
it is shown the size evolution of a 50 µm initial radius micrometeoroid that
enter the atmosphere with different values of vin: it is clear that for larger
values of the initial velocity smaller final radii are attained. For vin = 11.2
km/s the final micrometeoroid size is 28 µm, i.e. the micrometeoroid lost
∼82% of its initial mass, while for vin = 16 km/s the final micrometeoroid
radius is 7 µm (the mass lost is 99%). This happens because for higher
initial velocities micrometeoroids acquire more energy from collisions with
atmospheric atoms and molecules, so they reach higher temperatures and
also sustain larger mass loss. Another important feature evident in Fig. 5.1
is that micrometeoroids shrink from their initial to their final size in a lim-
ited height interval (∼15 km for the cases reported Fig. 5.1). Such a height
interval corresponds to a time period of only few seconds. The same is true
for the time evolution of micrometeoroid velocity. After a first phase in
which the velocity remains almost constant, micrometeoroids are suddenly
decelerated when they encounter sufficiently dense atmospheric layers. The
height at which micrometeoroids start to be decelerated is higher for larger
entry radii and velocities. But the time interval in which micrometeoroids
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Figure 5.1: Evolution
of micrometeoroid radius
with height. For an ini-
tial radius of 50 µm and
an entry angle of 45◦, dif-
ferent values of the en-
try speed are considered.
For vin < 16 km/s mi-
crometeoroids are not de-
stroyed and reach their fi-
nal radius at a height of∼
80 km, i.e. at this height
they settled in the at-
mosphere and then they
can reach Earth surface.
For larger entry speed,
micrometeoroids are de-
stroyed before they can
be decelerated.
change from their initial to their final velocity is generally small. A microm-
eteoroid with rin = 50µm, vin = 11.2 km/s, zin = 45
◦ and ρMM = 3 g/cm3 is
slowed down to 1 km/s in ∼4 s, and then reaches its final velocity of ∼100
m/s in ∼30 s. For rin = 300 µm, vin = 12 km/s, zin = 45◦ and ρMM = 3
g/cm3 a micrometeoroid is slowed down to 1 km/s in only ∼2.5 s.
The effects of the atmospheric entry are attenuated for micrometeoroids
that have grazing trajectory (i.e. with large angles with respect to the ver-
tical) or a lesser density. When a micrometeoroid has a trajectory far from
the vertical, it is decelerated more gradually. In particular, its velocity (and
therefore the rate of collisions) is reduced before the beginning of intensive
ablation. Hence the maximum temperature is smaller and the final radius
is larger than in the case of steeper entry angle. Similarly, micrometeoroids
with low density values (1 g/m3) are decelerated at higher altitude where
the atmospheric density is low, which is why their final radius is larger.
Analyzing the thermal evolution of micrometeoroids during the atmo-
spheric passage is essential for understanding the alterations they suffer and
also to check whether the organic molecules they include can survive. Typ-
ical temperature histories are shown in Fig. 5.2A: the shape of each curve
is that of a pulse heating, i.e. a temperature rise as rapid as the following
cooling, with the whole process lasting only few seconds. The initial slight
decrease is due to the efficiency of radiation emission and to the scarcity of
collisions in the high layers of the atmosphere (micrometeoroid temperature
would not decrease in the first phases of atmospheric entry if we included en-
ergy from radiation of Sun and atmosphere in the energy balance. However
this contribution has negligible effects on micrometeoroid peak tempera-
tures and final sizes, as explained in section 5.3). When micrometeoroids
arrive in denser atmospheric layers (h ∼100 – 120 km) their temperature
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rapidly rises because of the increased number of collisions with atmospheric
particles. After the maximum, TMM decreases very rapidly because the col-
lisional heating is reduced as micrometeoroids slow down and shrink. The
temperature increase as well as the heating pulse are more rapid for larger
initial speeds. Taking the full width at half the maximum temperature as
parameter to evaluate the duration of the heating pulse, micrometeoroids in
Fig. 5.2A suffered heating pulses of 5.78 s (for vin = 11.2 km/s), 5.25 s (for
vin = 12 km/s) and 3.15 s (for vin = 16 km/s). Fig. 5.2A shows that for
increased entry velocities peak temperatures are reached earlier. However,
the height of peak temperature is about the same: 86 km for vin = 11.2
km/s, 88 km km for vin = 16 km/s. Fig. 5.2A and B show that higher
entry speeds as well as larger initial radii imply larger values of peak tem-
perature. However differences in peak temperatures are somewhat limited.
Comparing Fig. 5.2A and B with Fig. 5.1 it is clear that the value of final
radius is more sensitive to differences in entry speed. Such results are due
to the action of the melting process that, on one hand, limits the maximum
temperature values (Fig. 5.2B) and, on the other hand, implies significant
mass loss.
Fig. 5.2B shows temperature profiles for different values of the initial ra-
dius (with vin = 11.2 km/s). Again, for larger rin higher peak temperatures
are reached. In Fig. 5.2B it is also visible a clear difference between two
classes of profiles. For rin ≤ 100 µm the temperature curves have a regular,
rounded shape. In contrast, for rin between 200 and 500 µm the top of the
curves is clearly flatten. This flattening is due to melting of micrometeoroid
material: when micrometeoroid temperatures approach the melting point,
the term relative to melting in the energy balance becomes important and
prevents further temperature increments. This is a general characteristic of
our results, and it is not linked only to different entry radii, but it appears for
several combinations of entry conditions. These two classes of temperature
profiles can be interpreted as two different fates for micrometeoroids. When
the peak temperature is clearly below the melting point and the temperature
profile does not flatten, then the corresponding micrometeoroid survive and
can reach the Earth surface without been totally melted. These microme-
teoroids are therefore those that are recovered as unmelted micrometeorites
[see e.g. Genge et al. (2008)]. The other class of temperature profiles, with
flatten peak near the melting point, correspond to micrometeoroids that do
survive to the atmospheric passage, but that are totally melted. These are
therefore recovered as cosmic spherules.
The difference between these two classes can be seen also analyzing the
time evolution of the energy used for micrometeoroid temperature variation,
i.e. the term cMMM(dTMM/dt) included in the energy balance. In Fig. 5.3
this term normalized to the incoming energy (equation 5.4) is shown for the
same cases of Fig. 5.2. These curves cross zero around 41 s, i.e. when the
micrometeoroid temperatures reach their peak value and then start to de-
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Figure 5.2: Typical time
evolution of the micromete-
oroid temperature. A: Results
for rin = 50 µm, zin = 45
◦
and ρMM = 3 g/cm
3. The
truncated dashed and solid
curves correspond to microme-
teoroids that do not survive to
the atmospheric entry. B: Re-
sults for vin = 11.2 km/s, zin =
45◦ and ρMM = 3 g/cm3. The
flattening of the temperature
profile witnesses a phase of in-
tensive melting. A rin = 100
µm micrometeoroid clearly es-
capes total melting. For rin =
200 µm intensive melting be-
gins to be significant (see also
Fig. 5.3).
crease. From the inset in Fig. 5.3 it is clear that when micrometeoroids are
completely melted there is a time interval during which no energy is used
to vary their temperature. In contrast, curves corresponding to micromete-
oroids that are not completely melted vary smoothly.
A more general analysis of how the physical processes that determine
the fate of micrometeoroids evolve is presented in Fig. 5.4, which shows the
distribution of the energy that micrometeoroids gain from collisions with
atmospheric particles in the different processes considered in the energy
balance. In the first part of the atmospheric trajectory most of the en-
ergy is used to rise the temperature of micrometeoroids (black line). When
temperature reaches high values (&1000 K) ablative processes (evaporation
and melting) become important and therefore also the kinetic energy of the
ablated mass. However, it is clear that the relative roles of the different
processes included in the energy balance change on the basis of the entry
conditions. For the smallest micrometeoroids (Fig. 5.4A) the most im-
portant process is radiative emission. Energy lost in this way cannot be
used to reduce the micrometeoroid mass, so these small bodies can survive.
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Figure 5.3: Fraction of the incoming energy spent to change the micrometeoroid tem-
perature. These curves are proportional to dTMM/dt therefore negative values mean that
temperature is decreasing, positive values that it is increasing. Particularly important is
the passage from positive to negative values reported in the inset, happening here around
40 s. This passage correspond to attainment of the peak temperature value and to the
begin of micrometeoroid cooling, i.e. a period of intense ablation. The flattening of these
curves reveals a period during which the micrometeoroid temperature does not change.
The curve for rin = 300 and 400 µm, present in Fig. 2, are not reported here for sake of
clarity.
The ratio of the energy used in radiative emission to the energy acquired
by collisions can be larger than unity. This happens in two phases of the
micrometeoroids-atmosphere interaction. First at the very beginning (this
phase is not showed in Fig. 5.4) when micrometeoroids are in low-density
atmospheric layers and suffer relatively few collisions, but their temperature
(Tin = 330 K) yields significant emission of radiation, and second when the
micrometeoroid speed and radius are greatly reduced so that the energy ac-
quired by collisions is consequently reduced; in this case the micrometeoroid
temperature is near its peak values, so the radiative emission dominates.
Fig. 5.4A represents the typical situation for micrometeoroids that sur-
vive the atmospheric passage without been totally melted. In this case
melting accounts for only about 1 of the incoming energy, while more en-
ergy is clearly spent in evaporation (that reaches ∼25%). Sputtering is also
negligible in this case, reaching about 1 of the incoming energy and termi-
nating abruptly when micrometeoroids are slowed down (when the energy
involved in collisions between micrometeoroids and atmospheric particles
falls below the threshold energy required to remove micrometeoroid atoms
and molecules, then sputtering is stopped). In contrast, looking at the case
of micrometeoroids that survive but that are totally melted (Fig. 5.4B) it
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Figure 5.4: Evolution of the energy spent in different processes relative to the incoming
energy. A: micrometeoroid not completely melted. The sputtering line ends when the
micrometeoroid is decelerated, i.e. when the energy of collisions is no more sufficient to
remove micrometeoroid atoms or molecules. B: micrometeoroid totally melted. Evapora-
tion and melting are clearly more important than in A and reach values comparable to
those of radiative emission. Major mass loss implies a larger quantity of energy is present
as kinetic energy of the ablated mass. C: micrometeoroid completely destroyed. Sput-
tering is more important than in A and B, due to the larger value of entry speed. Noise
in the black lines is due to the numerical integration and occurs when the calculation is
performed on very small stepsizes (of the order of 10−5 s, used when micrometeoroid size,
velocity and temperature vary significantly).
is clear that the ablative processes (evaporation and melting) are more im-
portant than in the previous case. Indeed there is a time interval during
which both evaporation and melting demand more energy than radiation
emission. As a consequence more mass is lost (see Fig. 5.5) and therefore
also the kinetic energy of the ablated mass become important in the energy
balance. Instead the importance of sputtering is still limited, also because
of the low initial velocity (vin = 11.2 km/s in Fig. 5.4B). The contribution
of sputtering is very sensitive to micrometeoroid entry speed. Already for
vin = 14 km/s (with rin = 500 µm, zin = 70
◦ and ρMM = 3 g/cm3, another
case of micrometeoroid completely melted) we observe a change of about
two order of magnitude, with energy spent in sputtering that reaches ∼10%
of the incoming energy. This is also the case for micrometeoroids that do
not survive atmospheric passage, as shown in Fig. 5.4C. Here again sput-
tering accounts for more than 10% in the energy balance, and melting and
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Figure 5.5: Relative contribution to the mass loss of processes present in the mass
balance. A: a case of micrometeoroid not completely melted, for which evaporation is the
principal mechanism of mass loss, accounting for 80% of the total mass lost. The final
mass of this micrometeoroid is 47% of the initial mass. B: a micrometeoroid that has been
totally melted. In this case melting is the principal mechanism of mass loss. Here the
total mass lost is 99%. C: micrometeoroid completely destroyed by the interaction with
the atmosphere. Melting is still the dominant mechanism for mass loss. The contribution
of sputtering is more important than in A and B but still negligible.
evaporation become more important than radiative emission.
The analysis of the mass balance (Fig. 5.5) confirms what we see from
the energy balance. In the case of Fig. 5.5A (micrometeoroids not totally
melted) melting accounts for ∼20% of the total mass lost. For these microm-
eteoroids the principal cause of mass loss is evaporation, while sputtering is
negligible. The situation is opposite for micrometeoroids that survive but
are totally melted (Fig. 5.5B): melting is the principal mechanism by which
they lose mass, while evaporation causes a limited mass loss (∼16% for the
case of Fig. 5.5B). As said above, sputtering become important for larger
entry velocities. Nevertheless it is hardly decisive as mechanism for mass
loss. In the case of Fig. 5.5C sputtering is responsible of the loss of <1
of the total mass lost. Even in the most sever case, when micrometeoroids
enter the atmosphere with very high speed (vin = 70 km/s) and have a
larg surface exposed to collisions (rin = 500 µm) sputtering contribute for a
modest 1% to mass loss.
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5.6 Discussion
Our results show how the different physical processes involved in the
micrometeoroids-atmosphere interaction are related to each other, and in
what conditions one can prevail on the others. To this end it is a key issue
to analyze the choice of the values for the most important parameters present
in our model and of the equations describing the processes of interest.
We have assumed that both the drag coefficient Γ (equation 5.3) and
the heat transfer coefficient Λ (equation 5.4) equal 1. These values are
justified when the micrometeoroid flight happens in a free molecular flow
regime [see e.g. Sorasio et al. (2001) and Popova et al. (2007)], as is the
case for micrometeoroids treated in this work. Actually their values are
not constant during the micrometeoroids flight, because they depend on
the micrometeoroid temperature and on the ratio of the micrometeoroid
velocity vMM to the atmospheric particle thermal velocity vth (Hood and
Horanyi, 1991; Melosh and Goldin, 2008). However for micrometeoroids in
free molecular flow regime and in the limit vMM >> vth (as in this work)
their value is always close to unity. To test the sensitivity of our model on
these parameters we have done simulations with Γ 6= 1 and Λ 6= 1 (but still
constant). We tested different values of Γ and Λ for rin = 100 µm, vin =
12 km/s, zin = 45
◦ and ρMM = 3 g/cm3. On one hand when Γ increases
(Γ = 2 is the value for elastic collisions) micrometeoroids are slowed down
more efficiently, so they are less heated by collisions, reach lower maximum
temperatures (peak temperature for Γ = 2 is 55 K lower than for Γ = 1)
and have grater final radii (rfin = 67 µm for Γ = 2, while rfin = 30 µm for
Γ = 1). On the other hand, low values of Γ imply less deceleration and
therefore a more severe heating. For Γ < 0.6 our test micrometeoroid is
destroyed; for Γ = 0.6 its peak temperature is 15 K higher than in the case
Γ = 1 and the final radius is 6 µm. Varying Λ produces more important
variation on micrometeoroid temperature and final size. Decreasing Λ from
1 to 0.1 causes the peak temperature to be lowered from 1604 K to 1255
K. Final radius is 99 µm for Λ = 0.1, i.e. micrometeoroid size is unaffected
by the interaction with the atmosphere. Variations on Λ appear therefore
more influential than variation on Γ, as reported also in Campbell-Brown
and Koschny (2004). However low values of Λ are not probable for the cases
treated in this work. To estimate what Λ would be when micrometeoroids
suffer the most intense alteration, we use the expression of Hood and Horanyi
(1991):
Λ = 1− 1
2(vMM/vth)2
(
γ + 1
γ − 1
)
TMM/Tair
where γ is the ratio of the specific heat of the terrestrial atmospheric gases
at constant pressure to that at constant volume (= 7/5), Tair is the atmo-
spheric temperature and vth is the atmospheric thermal velocity. Since vth
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is computed as vth =
√
3kBTair/mavg (kB = Boltzmann constant and mavg
= mean mass of atmospheric particles) the value of Λ is determined by the
ratio TMM/v
2
MM. In our simulations the maximum value of TMM is always
reached before vMM is significantly reduced, and when vMM decreases, TMM
decreases too. As consequence, Λ remains close to 1. This is illustrated in
Tab. 5.2.
Test case 1 Test case 2 Test case 3
rin (µm) 50 100 500
vin (km/s) 16 12 11.2
TmaxMM (K) 1606 1603 1622
vMM when T
max
MM (km/s) 12.45 9.65 10.0
h when TmaxMM (km) 88.0 84.1 79.5
Tair(h) (K) 176.2 181.4 191.6
vth(h) (m/s) 392 398 409
Λ 0.973 0.955 0.958
Table 5.2: Values of the heat transfer coefficient Λ for three test case micrometeoroids
with zin= 45
◦ and ρMM= 3 g/cm3. Simulations performed in the present-day atmosphere.
The value of η, the fraction of the incoming energy we assume is spent
for sputtering is also important. It is clear that for larger values of η, sput-
tering in the energy balance (and for the mass loss) increases. Actually
choosing a value for η is very difficult. Theoretical (e.g. Sigmund 1981)
and experimental (e.g.Nakles 2004) studies on this argument have treated
sputtering in detail, but always as an isolated process. In addition, the
mean molecular mass of micrometeoroid atoms and their bounding energy
are important parameters in determining the value of the sputtering yield
Y , and thus of the sputtering contribution to the energy balance. Therefore
a simplified treatment of the structural and compositional properties of mi-
crometeoroids, as in this work, implies that we have a first approximation of
the sputtering contribution. Nonetheless, this process could be more impor-
tant for micrometeoroids less compact than those treated here, as recently
found Antarctic micrometeorites (Duprat et al., 2007).
The case of sputtering is a good example to show also how choices made
to characterize physical processes can be decisive. There are several critical
points: the evaluation of the different processes that cause the removal of a
particle from a solid body (May et al., 2000), the sputtering yield dependence
on the projectiles incidence angle (Jurac et al., 1998), which type of particles
are emitted from the target (atoms? molecules? both? See Tielens et al.
1994) and the speed at which these particles leave the target (Popova et al.,
2007). In Coulson (2002) a Maxwellian distribution for the speed of particles
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removed by sputtering is assumed, and this implies an increment of a factor
11 in the momentum transferred to micrometeoroids with respect to the
case in which only collisions are considered, with consequent larg decrease
of the micrometeoroids speed, peak temperature and ablation. In our model
the momentum transferred to micrometeoroids by removed fragments is not
considered, even if we include the kinetic energy of these fragments in the
energy balance. This is why we assume that ablated mass moves away
isotropically. So the net momentum transferred is zero.
Another fundamental issue is that of atmospheric properties. This point
will be treated in major details in the next paragraph. Here we want to high-
light the influence of atmospheric components number density on sputtering.
In our results mass lost by sputtering is always a little fraction (≤1%) of the
total mass lost. This is in contrast with results of Rogers et al. (2005), where
sputtering is responsible for up to ∼40% of mass loss for asteroidal microm-
eteoroids (ρMM = 3 g/cm
3) and up to ∼50% for cometary micrometeoroids
(ρMM = 1 g/cm
3). We think their results are due to an overestimation of
the number densities of the atmospheric components, which are systemat-
ically larger, by two order of magnitude, than those we obtained from the
MSISE-90 model.
5.7 Application to the early Earth
atmosphere
Among the atmospheric properties, the density profile ρatm(h) is cer-
tainly the most important, as it determines the speed evolution of microm-
eteoroids (equation 5.3) and the rate of incoming energy (equation 5.4).
Indeed, the micrometeoroids-atmosphere interaction is effective only for a
few seconds (see Fig. 2A), starting when micrometeoroids reach sufficient
dense layers. Therefore it is important to know what happens when different
atmospheric density profiles are considered. Previous works have studied
micrometeoroid atmospheric entry for planets other than the Earth, such
as Neptune (Moses, 1992), Venus (McAuliffe and Christou, 2006) and also
the Saturn satellite Titan (Ip, 1990; English et al., 1996). These works were
aimed to investigate the meteoric contribution to composition and chemistry
of the considered atmosphere (Ip, 1990; Moses, 1992; English et al., 1996)
or to analyze meteor properties (McAuliffe and Christou, 2006). Therefore
they were focused on issues different from those of the present paper. Here
we investigated the passage of micrometeoroids through two atmosphere
models for the early Earth and to the atmosphere of Titan, considered as
possible analogue of a CH4-rich primordial atmosphere. This is of major
interest for astrobiology since micrometeoroids were probably an important
component in the primordial accretion of extraterrestrial matter on the early
Earth (Maurette et al., 2000, 2001; Maurette, 2009).
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We adopted two simple models for the primordial atmosphere consider-
ing different possible compositions, temperature profiles and the enhanced
X-UV flux af the early sun. We point out here that these models are not in-
tended to precisely characterize the primordial atmosphere. They are used
as test-cases for the micrometeoroids-atmosphere interaction and provide
two different density profiles that should bracket the conditions found on
Earth upper atmosphere about 3.5 Gy ago. The first model (Early Atmo-
sphere 1 - EA1) is for a composition of 80% N2 and 20% CO2, a surface
pressure of 1.1 bar and a mean surface temperature similar to the present
one. These conditions, which assume that the carbonate-silicate cycle re-
sulted in an enhanced CO2 level compensating for the lower solar luminosity
(Walker et al., 1981), represent the standard model for the Earth atmosphere
after the end of the Late Heavy Bombardment around 3.9 Gy ago (Kasting,
1993; Selsis et al., 2002). The temperature profile TEA1 is based on the fol-
lowing assumptions: the troposphere temperatures (0-15 km) are the same
as in the present atmosphere (it should be slightly different as consequence
of the enhanced concentration of CO2 that changes the adiabatic lapse rate,
but this does not affect the micrometeoroids-atmosphere interaction, which
always happens at higher heigths); for the stratosphere (15-80 km) we esti-
mated the temperature based on recent calculations (von Paris et al., 2008);
for the thermosphere (80-300 km) we considered the X-UV flux of the sun
3.5 Gy ago (6 times the present day value, see Ribas et al. 2005) and recent
calculations by Kulikov et al. (2007) for the heating of the thermosphere.
In addition, to take into account that above 100 km different atomic and
molecular species are stratified as a function of their mass, we made the ap-
proximate assumption that the mean molecular mass drops off linearly from
32 g/amu at 100 km to 15 g/amu at 300 km. The resulting temperature
profile is reported in Fig. 6A.
The second model (Early Atmosphere 2 - EA2) represents a low-CO2
case. Due to its efficient radiative cooling and its heavy weight CO2 has
a critical impact on the temperature profile in the thermosphere (Kulikov
et al., 2007). This effect can be illustrated by the thermospheric temperature
of the present Earth, that reaches 800 to 1600 K depending on solar acti-
vity, while the thermospheric temperature of Mars and Venus atmosphere
(both CO2-rich) remains below 300 K. A N2-rich early atmosphere, with no
or little CO2 would have a hot and extended thermosphere with high scale
heights, providing extremely different conditions for the entry of microm-
eteoroids. This scenario implies that either the mean surface temperature
was significantly below 273 K or there was another efficient greenhouse gas
at work. The case for a permanent frozen early Earth contradicts geo-
logical records for most of the Archean (Martin et al., 2006), but for the
few so-called snowball events, during which the mean surface temperature
drops down to several tens of degrees below the freezing point (Schrag et al.,
2002). It is, however, a plausible scenario at epochs earlier than about 3.5
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Gyr, for which reliable constraints are scarce (see for instance Sleep and
Zahnle 2001). The case for alternate greenhouse gases has been studied by
several groups who considered candidates such as CH4 (Haqq-Misra et al.,
2008) or sulfur compounds (Ueno et al., 2009). In a fully consistent work,
one should of course study how these gases affect the upper atmosphere but,
at the present stage, we simply want to study how micrometeoroids interact
with such an extended and hot thermosphere. We thus considered a 0.8 bar
N2-rich atmosphere, with 0.02% CO2. As the lowest part of the atmosphere
does not affect the entry of micrometeoroids, we used a present-day mean
surface temperature. The mean molecular mass drops off linearly from 28
g/amu at 100 km to 14 g/amu at 400 km. The temperature profile TEA2 re-
sults from the same assumption described above for TEA1, and it is reported
in Fig. 6A. The low level of CO2 assumed for the EA2 model results in a
smaller mean molecular mass and a thermosphere warmer than in the first
case (with temperatures >5000 K above 180 km); this implies that the scale
factor H = TRgas/mg (g = gravitational acceleration, m = mean molecular
mass of atmospheric components, Rgas = gas constant, T = atmospheric
temperature) is larger, which means a density profile less steep than in the
case of the EA1 model (Fig. 6B).
Starting from TEA1 and TEA2 the density profiles were calculated using
the barometric formula ρ(h) = ρ0exp(−gmh/TRgas). Fig. 6B shows the
two profiles ρEA1 and ρEA2: ρEA1 is quite similar to the present day density
profile, while ρEA2 has larger density values and a less steep gradient above
h ∼ 100 km.
In Fig. 6A and 6B are reported also the temperature and density profiles,
respectively, for the atmosphere of Titan. These are estimated from data
collected by the Huygens probe (Fulchignoni et al., 2005; Aboudan et al.,
2008). The density profile of the Titan atmosphere has density values always
larger than those of the terrestrial cases, but a less steep gradient, with the
exception of the EA2 model above h ∼ 150 km. For the Titan atmosphere
we assumed the measured composition of 98.6% N2 and 1.4% CH4.
For all the simulations the entry height hin is such that the initial at-
mosphere density value is the same (3.6×10−13 g/cm3) except for the EA2
model, which has a slightly larger density (4.6×10−13 g/cm3) at hin= 1000
km. Also, we have to point out that for the initial micrometeoroid tem-
perature we assumed only one value for the four atmospheres, the value
corresponding to the temperature of a micrometeoroid at 1 AU from the
sun. This implies an initial decrease of the micrometeoroid temperature in
the Titan case, as observed for simulations in the present-day atmosphere
(see section 5.5 and Fig. 5.2A). If we consider the real distance of Titan from
the sun, the appropriate micrometeoroid initial temperature is 107 K. Con-
sequently, the emission of radiation is less effective, and the initial decrease
in the micrometeoroid temperature is not observed.
Our results (Fig. 5.7) evidence that the micrometeoroids-atmosphere
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Figure 5.6: A: temper-
ature profiles of the at-
mospheres considered for
the simulations. The TEA1
and TEA2 models for the
primordial atmosphere are
obtained as described in
the text. Titan temper-
ature is from Fulchignoni
et al. (2005). B: density
profiles obtained from the
temperature profiles in A
via the barometric formula
(see text)
interaction is similar in the present-day atmosphere and in the EA1 model:
maximum temperatures, final velocities and final radii are quite the same.
In the EA2 model micrometeoroids are slightly less affected by the passage
through the atmosphere: they attain larger final radii and peak temperatures
are lower than in the two other terrestrial atmospheres. In contrast, the
situation is clearly different for the Titan atmosphere. In particular, final
radii are far larger (Fig. 7A) and peak temperatures are lower (Fig. 7B). In
the case of a micrometeoroid with entry radius of 100 µm (vin = 12 km/s, zin
= 45◦, ρin = 3 g/cm3) there is a small difference between its final size in the
present day atmosphere (29 µm), in the EA1 model (31 µm) and in the EA2
model (35 µm), but the final radius is clearly larger when the simulation is
done for the Titan atmosphere (96 µm). For the same micrometeoroid, peak
temperatures are very similar in the three Earth cases, but once again clearly
different from that obtained in the Titan atmosphere, where the maximum
temperature is ∼400 K lower. In addition, the same is true for the timing
of the interaction. In general the variations of temperature, speed and size
are completed in just few seconds for the three terrestrial cases, while more
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Figure 5.7: Size and
temperature evolution of
a micrometeoroid with
rin= 100 µm, vin= 12
km/s, zin= 45
◦, ρMM
= 3 g/cm3 in four dif-
ferent atmospheres. A:
evolution of radius as
function of height. The
change in size happens
over an interval of few
km and few seconds.
Note the difference in
final size between the
Earth cases and the Titan
case. B: temperature
evolution as function
of time. The difference
in maximum tempera-
ture between the three
terrestrial atmospheres
and the Titan case is
∼400 K. It is evident
also the different timing
of the micrometeoroids-
atmosphere interaction.
time is required in the Titan atmosphere (Fig. 7B).
The importance of a different density gradient for the considered atmo-
sphere is highlighted also in the analysis of the evolution of micrometeoroids
temperatures, velocities and radii as function of the atmospheric density.
The three Earth cases are once again similar: velocity changes in a narrow
range of density values between 10−9 and 5× 10−8 g/cm3. In the Titan at-
mosphere, the passage from the initial to the final value of velocity happens
over a density range of 3 order of magnitude (between 3×10−11 and 5×10−8
g/cm3). Similar differences are observed for the evolution of micromete-
oroids radii and temperatures.
Results for the EA2 model confirm that high low-density layers (e.g. ≥
200 km) do not affect the micrometeoroids-atmosphere interaction. To see if
a low density gradient (as in the high layers of EA2) allows the micromete-
oroids surviving even with larger density values, we ran one simulation with
a density profile ρEA2 × 1000, such that the initial density value is close to
those at which the important part of the interaction take place. In this case
a micrometeoroid with rin = 100 µm, vin = 12 km/s, zin= 45
◦ and ρMM = 3
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g/cm3 is unaffected by the atmospheric passage. It is gradually slowed down
over a time period of ∼500 s, its temperature rises of only 100 degrees and
its size does not change. Therefore, even if the density is increased by 3
orders of magnitude, the very low gradient prevent the micrometeoroid de-
struction. In conclusion, the results of our simulations show that the density
gradient is a crucial parameter: for the same values of atmospheric density,
a less steep density gradient implies that micrometeoroids have more chance
to survive and reach the Earth surface.
5.8 Conclusions
Our work evidences the general characteristics of the micrometeoroids-
atmosphere interaction through the analysis of the evolution of intervening
physical processes. This allows to understand how the importance of these
processes changes in response to different entry conditions. Entry conditions
are essential. For a given initial radius, a higher entry velocity and a steeper
entry angle (i.e. closer to the vertical direction) imply a more severe heat-
ing for micrometeoroids, and therefore a less probability of surviving. For
fixed entry velocity and angle, the larger is the radius, the larger is the mass
loss. Different entry radii also imply that different processes dominate the
micrometeoroids energy balance. For the smallest micrometeoroids simu-
lated in this work (rin = 25µm), radiative emission is the dominant process,
allowing the survival of these small micrometeoroids. For larger microme-
teoroids ablation processes are more important, i.e. these micrometeoroids
lose a fraction of mass larger than small micrometeoroids. The probability
of surviving the atmospheric passage is greatly reduced for larger microm-
eteoroids, and only low entry velocities and grazing entry angles can allow
them to reach Earth surface.
In our results, among those cases in which micrometeoroids are not com-
pletely destroyed, two general classes can be identified. The first corresponds
to micrometeoroids that are not completely melted during atmospheric flight
and therefore reach Earth surface as unmelted or partially melted microm-
eteorites; the second corresponds to completely melted micrometeoroids,
recovered on Earth as cosmic spherules. The difference between these two
classes is in the importance that the process of melting assumes in the energy
and in the mass balance, being clearly more important for micrometeoroids
that end as cosmic spherules.
Application of our model to the interaction of micrometeoroids with
possible early Earth atmospheres show that the atmosphere density gradient
is a key feature. In case of a density gradient lower than that of the present
day atmosphere, micrometeoroids are able to survive and reach the surface
more easily.
The model described in this work is a first step to study the physics
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of the micrometeoroids-atmosphere interaction in a general way. The basic
idea is to treat this problem holistically. We have underlined that there are
many elements that must be carefully analyzed: micrometeoroids composi-
tion and structure, characterization of physical processes, parameters values,
entry conditions. It is necessary to consider all them in order to highlight
their interconnections and their respective roles in determining the microm-
eteoroids fate. For this reason, it would be useful to study this problem in
a multidisciplinary context, i.e. not only from a physical point of view, but
also mineralogical (for the alteration that micrometeoroids suffer crossing
the atmosphere). Finally, the analysis of the biochemical aspects related
to this subject, i.e. related to the organic molecules present in microme-
teoroids, could help to better understand the micrometeoroids role in the
emergence of Life on Earth.
Chapter 6
Conclusions
In this thesis experimental and numerical studies of microxenoliths in
meteorites and of micrometeorites have been presented. Particular atten-
tion has been dedicated to the characterization of microxenoliths. As they
represent the best proxy of interplanetary micrometeoroids, they offer unique
possibilities of studying one of the most abundant population of extraterres-
trial matter. In addition, microxenoliths sample the solar system microm-
eteoroid flux at more ancient times then micrometeorites. Therefore they
allow to characterize the past micrometeoroid population. Also, microxeno-
liths can reveal new insights into the nature of asteroids and comets, their
more probable parent bodies.
The different experimental and numerical works realized for this PhD
thesis attest the richness and variety of information that can be obtained
from the analysis of microxenoliths. Here are reported the principal results
achieved during this PhD thesis.
As the main goal of this thesis was to exploit the studying of microxeno-
liths in meteorites to unveil new insights into the solar system origin and
evolution, a fundamental task was to obtain samples to analyze. This has
been realized by performing a systematic search of new xenoliths and mi-
croxenoliths in H chondrites (chapter 1). This group of ordinary chondrites
has been selected for its richness in xenoliths, attested by works in the liter-
ature. Twenty six new xenoliths have been discovered in sixty-six sections
from forty meteorites. Our results show that ∼80% of the new discovered
xenoliths have dimensions smaller than 1 mm, i.e. they are microxenoliths,
and only 5 have size larger than 1 mm. Most of the new discovered xenoliths
and microxenoliths are similar to known groups of carbonaceous chondrites,
namely CM, CR and CI. They are present in meteorites of petrographic
type from 3 to 5: this indicates that their embedding happened after the
metamorphism of the host meteorites. Almost all the new xenoliths (24 out
of 26) have been found in brecciated meteorites. These results suggest that
exposure of meteorite parent body surface to space favours the embedding
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of xenoliths, instead of destroying already existing xenoliths.
In order to evaluate the importance of main belt asteroids and Jupiter
Family comets (JFCs) as sources of carbonaceous microxenoliths, we per-
formed numerical simulations for the collision probability of asteroidal and
cometary micrometeoroids with selected targets in the asteroid main belt
(chapter 2). Our results show that fragments originated from asteroids and
those originated from JFCs have a similar probability to hit our selected
targets Vesta and Hebe. Hence, two populations of carbonaceous microx-
enoliths should have been (and still being) present in Vesta, Hebe and prob-
ably in the other asteroids candidate to be the H chondrite parent bodies.
Therefore two populations of microxenoliths should co-exist in HED and
H chondrites. However, our observations about xenoliths and microxeno-
liths in H chondrites and results of previous works on xenoliths in HED did
not show two radically distinct populations of microxenoliths. This sug-
gests that, if both asteroidal and cometary carbonaceous microxenoliths are
actually present in HED and H chondrites, they have similar structure and
composition. Therefore, while asteroids and comets are clearly distinct from
a dynamical point of view, their structures and compositions are probably
not as distinct as previously thought.
The peculiar xenolith PX-18 found in the carbonaceous chondrite Isheyevo
(described in chapter 3) carries unprecedented nitrogen isotopic variations.
At the same time, it lacks a significant hydrogen fractionation. The most re-
cent models for the nitrogen fractionation explain high values of the 15N/14N
ratio as the result of low-temperature ion-molecule reactions in dense cloud
cores. However, in the same conditions, also a high H fractionation should
be produced. Therefore, the N and H fractionations observed in PX-18 are
not consistent with such models. Rather, these data suggest fractionation
of light elements could be happened not only in the interstellar medium be-
fore the formation of the solar system, but even in the protoplanetary disk.
Also, processes other than low-temperature ion-molecule reactions can be
responsible of such fractionation, as the self-shielding.
PX-18 and four other microxenoliths found in the carbonaceous chon-
drite Isheyevo have been analyzed by Raman spectroscopy (chapter 4). This
technique is particularly suited to investigate the structure of the macro-
molecular organic matter. In this thesis we presented preliminary results
principally based on the comparison of spectra obtained using both visible
and UV excitation wavelengths. As reference we collected Raman spectra
of insoluble organic matter (IOM) extracted both from unmetamorphosed
carbonaceous chondrites (Orgueil, Renazzo, Murchison, Murray and Tagish
Lake) and from metamorphosed carbonaceous chondrites (PCA 91008 and
WIS 91600). Our results confirm the higher metamorphic degree of PCA
91008 and WIS 91600. Organic matter in the five Isheyevo microxenoliths
show different Raman properties from those of carbonaceous chondrite IOM.
In particular, Isheyevo microxenoliths # 28 and # 30 have clearly different
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Raman spectra with respect to those of the other samples. Such a difference
can be due to a different degree of thermal metamorphism or to different
precursors of the organic matter.
Eventually, we addressed the question of the interaction between mi-
crometeoroids and the Earth atmosphere (chapter 5). A comprehension of
the alterations suffered by micrometeoroids during the passage through the
atmosphere is essential to understand their origin and if they could have si-
gnificantly supplied the Earth with pre-biotic organic compounds. Our work
evidences the general characteristics of the micrometeoroids-atmosphere in-
teraction through the analysis of the evolution of the intervening physical
processes. This allows to understand how the importance of these processes
changes in response to different entry conditions. In our results, among those
cases in which micrometeoroids are not completely destroyed, two general
classes can be identified. The first corresponds to micrometeoroids that are
not completely melted during the atmospheric flight and therefore reach the
Earth surface as unmelted micrometeorites; the second corresponds to com-
pletely melted micrometeoroids, recovered on the Earth as cosmic spherules.
The difference between these two classes is in the importance that the pro-
cess of melting assumes in the energy and in the mass balance, being clearly
more important for micrometeoroids that end as cosmic spherules. The ap-
plication of our model to the interaction of micrometeoroids with modelled
early Earth atmospheres shows that the atmosphere density gradient is a
key feature. In case of a density gradient lower than that of the present day
atmosphere, micrometeoroids are able to survive and reach the surface more
easily.
E quindi uscimmo a riveder le stelle.
Dante, Inferno, canto XXXIV, 139
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Appendix A
Meteorite classification
Fig. A1 reports a simplified scheme of meteorites classification. Mete-
orites particularly important in this thesis are highlighted.
Here their principal characteristics are summarized.
Undifferentiated meteorites are rocks originated from parent bodies
that have not been heated enough to undergo differentiation. Differentiation
is the separation, inside a meteorite parent body, of the denser phases (e.g.
metals) from the lighter ones (e.g. silicates).
The name chondrites is due to the fact that these meteorites con-
tain chondrules. Chondrules are millimetric and sub-millimetric spheroidal
grains that crystallized after have been formed as totally or partially melted
droplets in space. Chondrites are among the most ancient rocks in the solar
system. As they have never been melted, they preserve large part of the
structure and composition acquired during primordial accretion.
Carbonaceous chondrites are the meteorites with the chemical com-
position most similar to that of the Sun. In particular, meteorites belonging
to the CI group have a chemical composition that strikingly matches the
solar composition. Carbonaceous chondrites are generally more rich in car-
bon than other meteorites. Most of the carbon is in the form of organic
compounds, present as macromolecular organic matter and as soluble com-
pounds like amino acids and hydrocarbons. Carbonaceous chondrites are the
most volatile-rich meteorites, suggesting they formed far from the Sun, in
low-temperature regions of the solar system. They formed in oxidizing con-
dition, i.e. in O-rich regions of the solar system. This implies that most of
the metal is present not in its free, reduced form, but in silicates, oxides and
sulfides. Most of the carbonaceous chondrites clearly suffered low thermal
metamorphism, but intense aqueous alteration, as attested by their richness
in water-bearing minerals like phyllosilicates. Among the eight groups of
carbonaceous chondrites, CI and CM chondrites are the most aqueously al-
tered, the most rich in carbon and in volatile elements. CR, CH and CB
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Figure A1: classification of meteorites.
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chondrites are distinct from the other groups for their larger abundance of
Fe-Ni metal, with CH and CB chondrites being by far the most metal-rich
among carbonaceous chondrites.
Ordinary chondrites are the most common chondrites, representing
∼80 % of the observed fall. They are composed by chondrules and Fe-Ni
metal grains uniformly distributed in a fine-grained matrix. They generally
suffered more intense thermal metamorphism than carbonaceous chondrites,
but less significant or no aqueous alteration. The three ordinary chondrites
groups, H, L and LL, are distinct on the basis of their Fe and metal content
(metal indicate here reduced Fe, in contrast to oxidized Fe as that present in
silicates). H chondrites are the most rich in both Fe (25–30 wt%) and metal
(15–19 wt%), followed by L chondrites (20–23 wt% of Fe and 1–10 wt% of
metal) with LL chondrites being the most Fe- and metal-poor (19–22 wt%
and 1–3 wt%, respectively).
Howardites, Eucrites and Diogenites are basaltic (i.e., solidified from
a magma) achondrites originated on the asteroid 4 Vesta. Eucrites are sup-
posed to be samples of rocks formed by flows that erupted on the surface of
Vesta. These flows would have covered a layer of rocks from which Diogen-
ites originated. Collisions mixed these two types of rocks, and the regolith-
formation process induced by micrometeorites, cosmic rays and solar wind
compacted them in breccias represented today by Howardites. Howardites
are particularly rich in chondritic xenoliths.
Appendix B
Principal meteorite minerals
Here is a list with the composition of the principal minerals found in
meteorites.
Albite [NaAlSi3O8]
Sodium end member of the plagioclase solid solution series.
Anorthite [CaAl2Si2O8]
Calcium end member of the plagioclase solid solution series.
Augite [(Ca,Mg,Fe)SiO3]
Calcium-rich iron magnesium pyroxene.
Breunnerite [(MgFe)CO3]
Iron magnesium carbonate.
Calcite [CaCO3]
Calcium carbonate.
Carbonate
Class of minerals containing the carbonate ion CO2−3 .
Chromite [FeCr2O4]
Iron chromium oxide.
Corundum [Al2O3]
Aluminium oxide.
Diopside [(Ca,Mg)Si2O6]
Calcium-rich magnesium pyroxene.
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Dolomite [CaMg(CO3)2]
Calcium magnesium carbonate.
Enstatite [MgSiO3]
Magnesium end member of the orthopyroxene solid solution series.
Fayalite [Fe2SiO4]
Iron end member of the olivine solid solution series.
Ferrosilite [FeSiO3]
Iron end member of the orthopyroxene solid solution series.
Forsterite [Mg2SiO4]
Magnesium end member of the olivine solid solution series.
Hedenbergite [(Ca,Fe)Si2O6]
Calcium-rich iron pyroxene.
Kamacite [(Fe,Ni)]
Iron nickel metal, with nickel content up to 7.5 wt%.
Magnetite [Fe3O4]
Iron oxide.
Olivine
Silicate solid solution between Forsterite (Mg2SiO4) and Fayalite (Fe2SiO4).
Olivine composition is usually indicated as Fox where x is the value of the
ratio Fo = Mg/(Mg+Fe) expressed in mol%, which varies between 100 for
pure Forsterite and 0 for pure Fayalite.
Osbornite [TiN]
Titanium nitride.
Pentlandite [(Fe,Ni)9S8]
Iron nickel sulfide with Fe:Ni ratio close to 1.
Phyllosilicates
Silicate minerals containing the hydroxyl group OH and with typical
structure organized in parallel sheets. The most common in meteorites are
phyllosilicates of the Serpentine group and Smectite group.
Plagioclase
Silicate minerals ranging in composition between Albite (NaAlSi3O8)
and Anorthite (CaAl2Si2O8).
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Pyroxene
Group of silicate minerals. The orthopyroxenes range in composition
between Enstatite (MgSiO3) and Ferrosilite (FeSiO3). Their composition
is usually indicated as Enx–Fsy, where x is the value of the ratio En =
Mg/(Mg+Fe+Ca) mol%, and y is the value of the ratio Fs = Fe/(Mg+Fe+Ca)
mol%. The calcium-rich pyroxenes are Diopside [(Ca,Mg)Si2O6], Augite
[(Ca,Mg,Fe)SiO3] and Hedenbergite [(Ca,Fe)Si2O6].
Pyrrhotite [(Fe,Ni)1−xS]
Iron nickel sulfide (with x = 0 to 0.2).
Serpentine [Mg3Si2O5(OH)4]
Hydrous silicates produced by aqueous alteration of magnesium silicates.
Siderite [FeCO3]
Iron carbonate.
Smectite
Clay-like minerals including Montmorillonite
((Na,Ca)0.3(Al,Mg)2(Si4O10)(OH)2·nH2O) and Saponite
((Ca,Na)0.3(Mg,Fe
+2)3(Si,Al)4O10(OH)2·4H2O).
Spinel [MgAl2O4]
Magnesium aluminium member of the mineral group with composition
A2+B3+2 O
2−
4 .
Sulfide
Minerals containing the ion S−2 . Iron sulfides as Troilite (FeS), Pyrrhotite
(Fe1−xS) and Pentlandite ((Fe,Ni)9S8) are common in meteorites.
Taenite [(Fe,Ni)]
Iron nickel metal, with nickel content greater than 20 wt%.
Troilite [FeS]
Iron sulfide.
Wollanstonite [CaSiO3]
Calcium end member in the CaSiO3–MgSiO3–FeSiO3 pyroxene compo-
sition system.
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RE´SUME´
Les microme´te´orites, e´chantillons extraterrestres de taille submillime´trique, domi-
nent le flux de matie`re extraterrestre qui entre dans l’atmosphe`re terrestre.
Toute microme´te´orite est ine´vitablement alte´re´e par son passage atmosphe´rique.
Mais elles peuvent eˆtre trouve´ enchaˆsse´es dans des me´te´orites plus grandes, sous
forme de microxe´nolithes. Les microxe´nolithes sont des microme´te´orites anci-
ennes, ils permettent d’e´tudier des e´poques passe´es de l’histoire du Syste`me
Solaire, pas accessibles par les microme´te´orites. Des nouveaux microxe´nolithes
ont e´te´ de´couverts et e´tudie´s dans les chondrites H et dans la chondrite carbone´e
Isheyevo. Plusieurs techniques expe´rimentales (microscopie e´lectronique a` bal-
ayage et a` transmission, spectroscopie Raman, spectrome´trie de masse) ont e´te´
utilise´es pour les caracte´riser, et des simulations nume´riques ont e´te´ re´alise´es
pour e´tudier leur origine et les effets qu’ils subissent lors de leur passage dans
l’atmosphe`re de la Terre.
Mots cle´s : microme´te´orites ; xe´nolithes ; aste´ro¨ıdes ; come`tes ; dynamique
des poussie`res ; entre´e atmosphe´rique.
SUMMARY
Micrometeorites are sub-millimetric extraterrestrial samples, which dominate
the flux of extraterrestrial matter entering the Earth atmosphere. Every mi-
crometeorite is altered by the interaction with the atmosphere. However, they
can be found embedded in larger meteorites, in which case they are called mi-
croxenoliths. Microxenoliths are ancient micrometeorites, and they allow the
study of past epochs of the Solar System, not accessible by studying microme-
teorites. New microxenoliths have been discovered and studied in H chondrites
and in the carbonaceous chondrite Isheyevo. Many different techniques (scan-
ning and transmission electron microscopy, Raman spectroscopy, mass spec-
trometry) have been applied to characterize them. Also, numerical simulations
have been performed to investigate their origin and the effects they suffer during
the passage through the Earth atmosphere.
Keywords: micrometeorites; xenoliths; asteroids; comets; dust dynamics; at-
mospheric entry.
